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Foreword 

This report conta'ns the notes for a series of lectures 
given in Ihe Physics Department at Purdue University in the 
period A'.urch 25 to aprll 5, 1)57. The writer is vrr;^ grateful 
for the hospitality -vhich he received at furdue during thes*' 
lectures. 

Uucl'^ar astrophysics is a very fast-developing field. 
These notes have been prepared primarily for the use of present 
and potential research workers in this fiolri. The/ attHnpt to 
present a rcv'ew of the f-Jeld with reasonable technical com
pleteness and to indicate where further research is needfc, 
//hlle many n'̂ w '̂esults are given here, this report Is in no 
sense in'-endcd to be a publication of them, particularly slnco 
many of the results are very prelim*nary and it Is expected 
that they will be considerably improved in the ne-̂ r future. 
Jievcrtholr^s, severed Important concl'JSlons about stellar 
evolution Can be uravm from the rf^sults In prelirr'nary form, 
and it huj boon ftlt useful to present conclusions at this time 
which will continue to be at least qualitatively correct. 

ho attempt has br on made to polish the prosr-'ntatlon 
of material 'n this report. The material has been basically 
designed for presentation In the form of lectures. Hence 
there has been no effort to document fully every statem'^nt, 
although a reasonable guide to the literature may be found 
in the references which are quoted. 

The writer has benefitted greatly in his understand I n̂ j 
of much of the material presented here from converscitions and 
corresponoence with many colleagues both at Chalk River and 
elsewhere. Particular thanks are due to J.L. Grroenstein, 
M. Schwarzschlld, <V.A. Powler, G.R. and E.M. Burbidge, 
L,a. Elliott, and -V.T. Sharp. 

A. G. W. Cameron 

Chalk River, Ontario, 
23 April, 1957. 
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1, INTRODUCTION 

In these lectures we will be interested in the development 
of different kinds of stars, in the nuclear reactions which can go 
on in their interiors, and In the bearing of these considerations 
on the chemical composition of the universe and the origin of the 
elements, viie shall ŝ e that a good case can be made for the theory 
that the elements have been and are being made in stellar interiors. 
However, we must first briefly survey certain fields of astronomical 
knowledge which A'111 particularly concern us. 

1.1 Clusters of galaxies. 

The largest organized units of matter in space appear to 
be the cltisters of galaxies. Most galaxies appear to belong to 
clusters, A cluster may contain only a few galaxies, but there is 
a continuous range of sizes extending up to clusters with a 
membership of many thousand galaxies. The galaxies in the larger 
clusters have a greater internal velocity dispersion than do 
those In small clusters. The clusters themselves do not have large 
relative motions. Zwlcky (1956) has pointed out that there is a 
limit to the size of organized material units given by 

^cl < c Dg , 

where D©^ is the diameter of a cluster, Dg Is the average 
Intergaldctic oistance in a cluster, v» is the mean velocity of 
a galaxy and c is the velocity of light. The largest clusters have 
diameters of the order of Dc^. 

1.2 galaxies. 

The most numerous class of galaxies is thctt of the 
elliptical galaxies. These appear to be composed mostly of very 
old stars, with only relatively small amounts of interstellar gas 
and dust also present. The ellipticals vary in shape from those 
which are nearly spherical to those which are quite flattened. The 
spiral galaxies are more massive than the ellipticals. They have, 
in addition to a subsystem of old stars resembling an elliptical 
galaxy, spiral arms closely associated with large quantities of 
gas and dust. The spiral arms contain also many newly formed stars. 
Some smaller irregular galaxies also exist; these contain mostly 
stars and interstellar material similar to that found in spiral 
arms. The mass of a typical galaxy is lÔ J-solar masses, but 
galactic masses range both up and down from this figure by large 
factors. The stars typically found in spiral arms are called 
Population I; those typically found in elliptical galaxies are 
called Population II stars. 
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1.3 Star c lus ters . 
There are major subsystems in galaxies called star 

clusters. These occur in two classes: the globular and galactic 
clusters. The globular clusters contain Population II stars, A 
typical cluster may contain 100,000 stars, but some of them 
contain many millions ol stars. These clusters are nearly 
spherically distributed about the center of our galaxy. The 
galactic clusters are concentrated toward the plane containing 
the spiral arms and they contain Population I stars. Globular 
clusters are so massive and so compact that they are very stable 
^gainst disruption due to the gravitational effects of passing 
Stars, On the other hand, galactic clusters can be dispersed 
in space by siich encounters in the course of a few billion years. 
An extreme form of galactic cluster is the 0 or B association, 
which consists of a few usually bright stars receding from 
each other with quite high velocities. These stars vîero in the 
neighborhooo of a common point in space a few million years 
â jO, but in a few more millions of years they will be so dispersed 
that it will be difficult to recognize them as an associated group 
of stars, 

1.4 Stel lar Luminosities. 

There are many different classes of stars, and durin̂ i 
the course of these lecturt.s we shall try to reach an unaers tanaing 
of the paths of development of some of these stellar classes. 
One of the most remarkable properties of stars is the wide range of 
their luminosities. The brightest stars known emit about 10^ as 
much energy per second as the sun; the faintest known omit only 
10"^ as much energy per second as the sun. The total rate of 
energy emission of a star is called its absolute taolometrlc 
magnitude. Astronomical magnitudes form a logarithmic scale 
with a factor 2,512 between magnitude classes. Because of the 
limited spectral transmission of the earth's atmosphere and the 
even more limited spectral sensitivity of most recording instruments, 
it is difficult to translate moasuroments into bolometrlc mag
nitudes. Hence in practice there are many systems of practical 
magnitudes which are based on specific spectral ranges. These 
magnitudes include the visual, photographic, and photoelectric 
magnitudes in various colors. The difference between the 
photographic and visual magnitudes of a star is called its color 
index. This gives a measure of the surface temperature of the 
star. The absolute magnitude of a star la equal by definition 
to the apparent magnitude It would have if It were placed 
10 parsecs away from us. The parsec is a unit of astronomical 
distance equal to 3.258 light years. 
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1.5 Stellar spectra. 

The sxirface temperatures of the stars vary from slightly 
less than <iOOO°K to more than 500,000°K. The elements present in 
the surface layers of a star occur In various stages of ionization 
at different temperatures; hence the appearance of a stellar 
spectrum Is sensitive to the surface temperature of the star. The 
spectra of most stars can be arranged in the following continuous 
sequence (each class is subdivided into tenths): 

Class 0: Ten^eratures of 25,000°K up. Lines of ionized 
helium. 

Class B: dbfOOO - 11,000°K. The lines of hyurogen and 
neutral helium are conspicuous at BO, Ionized 
oxygen and ionized carbon become strong at B3. 
Neutral helium is strongest at B5. Hydrogen 
lines become progressively stronger in the 
higher numbered subdivisions of the class. 

Class A: At AO hydrogen and Ionized magnesium lines are 
strongest, while the helium and ionized oxygen 
lines have disappeared. Hydrogen lines weaken 
in the higher subdivisions, while ionized metals 
(Pe, Ti, Ca) strengthen, 10,700 - 7500°K. 

Class F: Class PO is rich in lines of the ionized metals, 
the strongest being the H and K lines of singly 
ionized Ca. Metallic lines strengthen and 
hydrogen lines weaken as we pass through this 
class. 7500 - 6000°K. 

Class G: In this class the lines of the neutral metals 
become strong while the hydrogen lines continue 
to weaken. Molecular bands of CN and CH appear. 
6000 - 4910°K, Our sun Is class G2, 

Class K: In general molecular bands and lines of neutral 
metals become much stronger while the lines of 
hydrogen and ionized metals continue to weaken. 
At Kb the lines of TiO are weakly visible, 
4910 - 3500°K, 

Class M: The characteristic feature is the complex spectrum 
of molecular oxide bands^ of which the TiO bands 
are strongest. 3500 - 2200°K. 

Some 
Therefore som*» 

stars do not fit Into this sequence of spectral classes, 
additional spectral classes have been established which 
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parallel the above classes in temperature. These classes include 
the following: -

Class S : A low temperature class parallel to Class M, 
This is still characterized by molecular oxide 
bands but the most prominent feature is the ZrO 
bands. Certain elements such as Zr, Y, Ba, La 
and Sr give strong atomic lines and oxide bands. 
Lines of neutral technetium are usually seen. 

Classes R and K (or Class C) : Parallel in temperature 
to the ordinary classes K and M, The spectrum 
is characterized not by oxide but by molecular 
carbide bands, such as those of CN, Co* and CH. 

Class W: Extremely high temperature objects called Wolf-
Rayet stars with bright, broad, hazy emission 
lines of ionized helium and highly ionized carbon, 
oxygen, and nitrogen. Two sequences exist: the 
Vi/C stars have strong carbon lines and weak nltroge 
lines J in the WN class the reverse is true, 

1.6 Surface temperature -• luminosity diagrams. 

It has been known for a long time that if one plots some 
form of stellar magnitude against some measure of surface temperature, 
then most points tend to cluster along certain lines in the diagram. 
This type of diagram Is often called a color-magnitude diagram or a 
Hertzsprung-Rus-sell (H-R) diagram. In the last few years it has been 
found that characteristically different H-R diagrams are obtained 
for globular and galactic clusters and for other types of associated 
objects. These will be discussed in greater detail below. However, 
at this point it may be stated that most stars cluster about a 
single line on these diagrams, called the main sequence, 

1.7 Mas3-Luminosity relation. 

If two stars are Joined to form a binary pair and if 
the periods, dimensions, and orientations of their orbits can be 
determined, then the masses of the stars follow from Kepler's 
third law. Quite a few stellar masses have been determined in this 
way for visual binary pairs. Russell and Moore (1940) have given 
us an empirical relationship between the mass and luminosity of 
main sequence stars. If the intrinsic luminosity L and the mass M 
are measured in solar units, then 

log L s 3,82 log M - 0,24 

The constant -0.24 expresses the fact that the sun Is overlumlnous 
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for th is re la t ionsh ip by 0.60 astronomical magnitudes. 

1.8 Stellar composition. 

There appears to be a striking parallelism between the 
compositions of the earth and the meteorites and the sun. This 
parallelism will bo discussed in much greater detail below. 
However, at this point we may note that the earth arid meteorites 
have lost the volatile substances consisting of gases and substances 
with low boiling points such as mercury. This actually accounts 
for most of the mass, because it is found that the sun is nearly 
all hydrogen, with about 5 per cent of helium by numbers of atoms 
and much less than one per cent of other elements. Suppose we 
denote the atomic ratio of the metals to hydrogen in the sun by R Q . 
One of the most Important discoveries in modern astrophysics is 
that this ratio is not a constant of matter in cosmic proportions.' 
Stars which can bo classed as extreme Population II commonly have 
ratios of about RQ/IO or Ro/20, In some extreme objects the ratio 
appears to be still much smaller. On the other hand, in stars which 
can be classed as extreme Population I the ratio is larger than in 
the sun, values of 2Ro to 4Ro being common. The light elements 
such as C, N, 0 and also heavier elements such as Ba appear to 
vary in abundance by about the same factors as the metals. 

1.9 Anomalous stellar abundances. 

Many stars have Individual abundance anomalies which 
differ markedly from the solar abundances or the systematic 
variations of solar abundances characteristic of extreme 
Populations I and II stars. The stars of spectral class S appear 
to have unusually large abundances of most elements heavier than 
about germanium. These heavy elements are also overabundant in 
a small group of stars called Ball stars (the designation "II" 
means that the bar-lum is singly ionized; "I" would have indicated 
neutral barium). Carbon Is very overabundant in stars of spectral 
classes R and N, in "CH*̂  stars, and to a lesser extent in Ball 
stars and In class S, The "peculiar A" stars or spectrum variables 
have strong surface magnetic fields and an associated large 
overabundance of heavy elements and, in particular, of the rare 
earths. Wolf-Rayet stars (class «V) appear to be deficient in 
hydrogen but rich in helium, carbon or nitrogen, oxygen, and 
often neon. We shall be Interested in seeing how these abundance 
anomalies can arise as a result of nuclear reactions which go 
on in stellar Interiors and at stellar surfaces. 

1.10 Interstellar matter. 

Something like half the mass of our galaxy exists in the 
form of gas and dust between the stars. Most of this gas is in the 
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form of atomic hydrogen. To the extent that the abundances 
of other elements can be determined, they arc of the same order of 
magnitude as in the sun. The Interstellar matter is a very chemically 
reactive medium, and much of the heavier elements have formed 
chemical compounds which have collected to form dust grains. There 
is a considerable uncertainty as to the size of these grains. The 
interstellar absorption of star light is caused by the scattering 
properties of the dust grains. 

1,11 The â ês of the sun and s tars. 

The pretence of naturally radioactive material on the 
earth shows that the material from which it was formea does not have 
an infinite age but that there was a process In which the eicmonts 
were formed. Considerations of the amount of energy which can be 
released In nuclear reactions allows limits to be placed on the 
length of time that stars can radiate energy at their presently 
observed rates. There are many dynamical properties of the stars in 
the galaxy which are functions of a galactic time scale. These 
include the time required to disrupt galactic clusters ana binary 
stars, BVom these and many other considerations it appears that 
the Population II stars in our galaxy were formed about 7 x 10^ years 
ago. The Population I stars have been forming continuously since 
then. Our sun is an old Population I star. Our planetary system 
has an age of 4.5 x 10 years, and another period of at least 
0,5 X 10^ years passed between the time of formation of the elements 
from which the solar system was formed and the time at which the 
formation proc'='3s caused chemical separations of uranium and lead. 
The^sun probably formed at the same time as the planetary system. 
The dynamical properties of 0 Associations show that their stars 
have been formed as recently as 10^ years ago, 

1»1<^ Ejection of mass from stars. 

We have seen that the stars are being continuously formed 
out of the interstellar medium. They aro also in the process of 
ejecting material to the Interstellar medium. There are three 
principal mechanisms by which this can take place: 

Supernova explosions: At the peak of its light curve a 
supernova usually outshines the galaxy in which it is situated. 
Spectroscopic observations show that a substantial fraction of a 
solar mass Is ejected In a supernova explosion. The ejected gases 
have outward velocities of some thousands of kilometers per second. 
About one supernova explosion per 500 years occurs In an average 
galaxy. 

Nova explosions : These are much leas spectacular than 
supernova explosions; only about 10"' as much light is emitted, about 
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0.001 solar mass is ejected in an outburst. Some of the novas which 
had smaller light amplitudes have been observed to flare up more than 
once, and it is likely that most novas are recurrent. The time 
between recurrences is of the order of a century, but there is a very 
large dispersion In this interval. 

Continuous ejection: After a star has evolved away from 
the main sequence there appear to be many stages 1n which clouds 
of gas can be emitted from the surface, Deutsch (1956) has observed 
a case in which a class M supergiant star is emitting matter at the 
rate of one solar mass per 30,000,000 years or less. Even white 
dwarf stars have been observed to emit matter (Greensteln 1956). 
This ejection appears to be associated with intense magnetic fields 
on the surfaces of the emitting objects. 

1.13 The formation of the olomnnts. 

We have seen that stars are continually being born in 
interstellar space and that in the later stages of their evolution 
they return matter to the Interstellar medium, -ialpoter (1955) has 
estimated that the amount of matter which has been formed into stars 
and has been returned to the Interstellctr medium Is of the same 
order of magnitude as the total mass of all presently existing 
stars. We have also seen that the newly-formed stars have much 
larger abundances of heavier elements than the old stars of 
Population II, and hence presumably the Interstellar medium has 
been similarly enriched In heavier elements. During the course 
of these Inctures we shall see that there are many types of 
nuclear reactions which can go on in stellar Interiors which can 
produce certain of the elements with their observed relative 
abundances. 

It is a natural conjecture from the above considerationi 
that the elements have been formed from hydrogen during the Iif-" 
of the galaxy. Thus about 7 x 10® years ago it is suggested that 
the galaxy was a large mass of gas (all or mostly hydrogen) in 
space. lAach of this gas condensed to form Population II stars; 
the first stars to condense were very masaive and evolved very 
quickly, ejecting heavier elements into the Interstellar medium. 
These elements were incorporated into ofier stars and further 
processed by nuclear reactions. The process of element formation 
should therefore be still going on in the stars today, 

2, THE DEVELOPMEKT OF THE GALAXIES, 

Strictly speaking, the theories of element formation 
to be described are nearly independent of cosmological considerations 
because element formation is believed to take place after the formation 
of stars in the galaxy. This is compatible with the leading cos
mological theories in the present stage of development of the theories 
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of origin of the elements. However, there are some cosmology-linked 
effects that are susceptible to both observation and calculation, 
and it seems useful to review briefly some of the ideas about 
cosmology and the development of galaxies, ; 

2.1 Cosmology, 

To illustrate the main differences likely to be Important 
to theories of element formation, we can briefly consider the 
cosmologlcal exploding models (without cosmologlcal constant) of 
Friedman (1922), and the steady state model of Bondl and Gold 
(1948) and Hoyle (1948, 1949), These models give different second-
order terras in the expected red-shlft-magnltude relation for 
distant galaxies. Present techniques of photoelectric photometry 
are promising to subject these second order differences to 

/ observational test. 

In the exploding models the universe was once in a 
highly compresised state* It was at one time thought (nlphor and 
Herman 1950) that the conditions existing in the compressed state 
wei?e suitable for formation of the elements In a non-equilibrium 
process of neutron capture. The difficulty with such theories is 
that there Is no means of building nuclei heavier than He4 unless 
one goes to unreallstically high densities of matter. Nevertheless, 
It may be that one should expect primordial abundances of deuterium, 
He3 and He* to be formed in the early stages of an exploding universe. 
This can be tested In principle by measuring the helium abundances 
and deuterium abundances in Population II stars, Th^ problem Is 
complicated because we know that helium Is one of the main products 
formed in stellar thermonuclear reactions, and helium abundances 
are,very difficult to determine accurately from spectroscopic 
measurements. Deuterium Is even harder to measure Ih the stars 
because its lines are shifted only slightly from those of hydrogen 
and its abundance Is small compared to that of hydrogen. Perhaps 
we will have to wait for radio astronomy techniques to Improve In 
sensitivity by another order of magnitude so that one can hope 
to detect the neutral deuterium In Interstellar space. 

In the early stages of the exploding universe the density 
of radiation exceeds that of matter, Gamow (1953) has pointed 
out that no local condensations of matter are possible until the 
expansion has proceeded far enough for the radiation density to 
fall below the matter density. Then local condensations are 
possible if the matter density Is large enough. 

In the steady>state model the average density of matter In 
space Is constant In tlî e, the expansion of the galaxies being 
balanced by the creatlori of new matter In space. In this picture the 



- 9 -

CRL-41 

new gas formed in i n t e r g a l a c t i c s p a c e , aug.Tiented by mat te r e j e c t e d 
from s t a r s in smal l g a l a x i e s , condenses to form new g a l a x i e s . The 
gas i n these new ga l ax i e s would have smal l abundances of a l l the 
elements p r e s e n t i n i t i a l l y . These smal l abtindances would have 
impor tant e f f e c t s in the s t a r s forming in the new ga laxy which 
may be t e s t e d by c a l c u l a t i o n s i n s e v e r a l ways. 

P re l iminary p h o t o e l e c t r i c r e d - s h i f t measurements of 
Baum (1957) show t h a t the r e d - s h i f t - m a g n i t u d e r e l a t i o n s h i p i s 
very n e a r l y l i n e a r out to v e l o c i t i e s of r e c e s s i o n of 0 .4 c . 
These measurements suppor t one of Friedman's models i n which the 
expanding un ive r s e i s c l o s e d ; i t i s s lowing i n i t s expansion 
and w i l l e v e n t u a l l y s top and then s t a r t c o n t r a c t i n g . The da ta 
seem to be n e a r l y good enough to d i sprove the s t e a d y s t a t e model. 

2 . 2 Fragmentat ion of gas clouds i n t o g a l a x i e s and s t a r s . 

We have seen t h a t e i t h e r of t he cosmological t h e o r i e s 
i s l i k e l y to produce a mass of g a s , most ly hydrogen, which i s 
u n s t a b l e to a c o n t r a c t i o n i n t o g a l a x i e s , Hoyle (1953) has g iven 
an a t t r a c t i v e t heo ry for the course of development of t h i s g a s . 
His theory i s o u t l i n e d b r i e f l y below. 

The key to Hoyle ' s g a l a c t i c e v o l u t i o n a r y theory l i e s 
in the thermal p r o p e r t i e s of hydrogen g a s . Le t us cons ide r a 
nydrogen gas cloud wi th an i n i t i a l d e n s i t y jO^ = 10"*^" gm,/cm.3 
To e s t ima te the temperature of the g a s , we must r e a l i z e t h a t 
most cosmic ob jec t s have very l a r g e Reynold 's numbers and hence 
the gas i s l i k e l y to be t u r b u l e n t , i . e . to develop mass mot ions . 
The energy of the mass motions becomes conver ted i n t o h e a t . 
Hoyle e s t ima tes t h a t c e r t a i n l y more than lO-^^ ergs /gm, and p o s s i b l y 
more than 10^* ergs/gm, i s made a v a i l a b l e i n t h i s way. 

The thermal energy of atomic hydrogen i s ^ RT per gram, 
where R i s the gas cons t an t and T i s the tempera ture (^K). Hence 
somewhat more than lO'^^ ergs/gm, i s r equ i r ed to h e a t hydrogen from 
O^K to 10,000°K, At t h i s p o i n t i o n i z a t i o n of the hydrogen s e t s 
i n . I o n i z a t i o n i s n e a r l y complete a t 25,000°K. I t r e q u i r e s some
what more than 10^3 ergs/gm, to i o n i z e hydrogen. 

Hydrogen gas can r a d i a t e energy in t h r e e ways: ( 1 ) , l i n e 
emiss ion , which w i l l be n e g l e c t e d , ( 2 ) , f r e e - f r e e t r a n s i t i o n s , i n 
which unbound e l e c t r o n s make t r a n s i t i o n s between two s t a t e s of the 
continuum, and ( 3 ) , free-bound t r a n s i t i o n s , i n which e l e c t r o n s a r e 
captured from a s t a t e of the continuum i n t o a bound s t a t e of the 
hydrogen atom. The r a t e of hydrogen r a d i a t i o n from the l a t t e r two 
processes i s 

1,45 X 10-2'^ T^/^ [1+ 5,85 x 10^ 1 N^ ergs/cm^ s e c . 
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where N is the number of hydrogen atoms per cm. and T is the kinetic 
ten̂ jerature in °K. This formula holds well only for T >26,000 °K, 
We see that the rate of radiation decreases until very large tempera
tures are reached. 

Prom these properties of hydrogen gas we can see that the 
large mass of hyOrogen gas with which we have to deal is lively to 
have a temperature of either close to 10,000°K or greater than 10° °K. 
The reason for these two temperature classes is that the time of 
development of a galaxy is of the order of 10-̂ ' seconds, and in this 
time hydrogen initially at temperatures -• 10° °K can cool by 
radiation until most of the hydrogen atoms have recomblned with 
electrons. 

Let us consider first the case of a gas cloud at a 
temperature of 10,000 °K. The necessary condition for a gas cloud 
of uniform composition to be in thermal equilibrium, in the case 
where radiation pressure is negligible so that gravitational forces 
are balanced by gradients in the gas pressure, is that the total 
gravitational potential energy^1- (taken as positive) must be equal 
to twice the thermal energy of the gas. If j'^ is greater than this 
then a spherical cloud will contract. This gives us the following 
contraction condition: 

GM 
V ITS 

> 3HT, (2.2,1) 

where M is the total mass and V the total volume of the gas cloud and 
G is the universal gravitational constant. This inequality gives a 
lower limit to the mass of a gas of neutral hydrogenQwhich can condense. 
For M = IOQV m 10'"27v, then (2.2,1) gives M> 3.6 x 10^ solar masses 
as the minimum mass of hydrogen gas which can condense. During 
such conaensatlon the thermal energy is quickly radiated away and 
the temperature remains at 10,000 ^K, Hence the contracbion of the 
gas takes place under isothermal conditions. 

The thermal energy released in a uniform isothermal 
contraction from a volume V to a volume V is 

MRT ^ V (2,2.2) 

The gravitation energy released by the contraction is of the 
order of 

G^^ IJU^^^ -ll (2,2.3) 
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Now if the Initial mass of the hydrogen gas cloud is large conpared 
to the minimum of (2,2.1), then it follows that (2.2,3) Is large 
compared to (2,2,2), regardless of the value of V', Hence in the 
contraction of such a cloud only a small part of the gravitational 
potential energy is converted Into thermal energy, and the rest 
must go into mass motions which will be adequate to expano the 
cloud back to nearly its original dimensions. Such a cloud 
therefore cannot undergo appreciable contraction. However, such 
a cloud Is also unstable to the fragmentation into subcondensatlons 
which have about the minimum mass consistent with (2.2.1). We 
may identify such a fragmentation process with the formation of 
a cluster of galaxies, the subcondensatlons having a mass 
--'3,6 X 10^ solar masses as noted above. These are about the 
masses of elliptical galaxies. 

Let us now consider the condensation of a galaxy of 
this minimum Tiass, Expressions (2.2.2) and (2,2,3) remain 
comparable for V = O.IV; the former is still 30 percent of 
the latter for V = 10~'5v, and it has fallen to 5 percent of the 
latter for V = 10""®V, Hence there can be an almost complete 
dissipation of the energy of contraction for a decrease of linear 
dimensions of a factor 2 or 3, but further contraction is then 
prevented by the development of mass motions. However, after a 
contraction of linear dimensions by about a factor of 3, the 
galaxy is then unstable to a fragmentation into Aarther 
subcondensatlons. These In turn can contract in linear dimensions 
by about a factor of 3, followed by further fragmentation, and 
30 on, rts the density of the subcondensatlons increases, the 
rates of contraction and radiation also increase. If a sub-
condensation contracts by a factor of k̂ /"̂ , and then divides 
into k equal masses having a radius equal to l/k of that of 
the original subcondensation, and if many such stages of 
condensation take place, then Hoyle points out that the time for 
all stages of conOenaation Is, in units of that required for the 
first stage, 

1 + 1 + 1 + 1 + ... = k 
k k̂  k^ k-1 

For k ' -:::̂ 3, k;:c;5, and the time required for an infinity of steps 
is only 2fa per cent longer than that required for the first step. 
Hoyle postulates that the condensation of the first step will take 
a time of the order of IO-*-' seconds, and since the fragmentation 
will really be a continuous process, very small subunits will be 
formed over the whole of this time scale. 

The process of fragmentation will stop when the density 
of the subunits has become so large that they are opaque to their 
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own radiation. Hoyle shows that such final subunits have masses 
which generally should lie in the range 0.3 to 1.5 solar masses, 
with some dispersion which will^extend outside this mass range. 
After a galaxy has been fragmented into a helrarchal structure 
of subcondensatlons, these must fall toward the galactic center 
of gravity where the helrarchal structure will be broken up by 
mutual Interacbions. This causes a shrinkage of the almensions 
of the galaxies. Occasionally certain subcondensatlons will 
resist disruption, and it is tempting to identify these with the 
globular clusters. 

Let us now consider a gas cloud which has a temperature 
initially In excess of 10° °K. The minimum mass required for 
condensation of this gas cloud is given by 

^/^ > 6RT, (2,2,4) 
VV3 

where the altered form of the heat content refers to. fully ionized 
hydrogen. For M = 10~27v the minimum mass is 5 x 10 solar masses. 
As contraction occurs the rate of radiation starts to exceed the 
rate of release of thermal energy, and eventually a point of 
temperature instability must be reached that swiftly reduces the 
temperature to 10,000 °K. Assuming that the linear dimensions have 
decreased by a factor of 5 before this occurs, then the first frag
mentation of this gas cloud will be into dwarf galaxies with masses 
of about 3 X 10^ solar masses. Further fragmentation will then 
occur as described above. These dwarf galaxies will collide with 
one another and most will be disrupted; some will escape into 
intergalactlc space, Vi/e may identify the massive spiral galaxies 
with a formation process of this type. 

Not all the gas in these galaxies will be formed into 
stars; there will be less tendency for condensation in regions of 
smaller gas density. Such gas will contract to the center of the 
galaxy, or, if the galaxy has a fairly large amount of total 
angular momentum, then the residual gas will contract to a disk 
passing through the center of the galaxy. Further star formation 
can then take place. 

3. HERTZSPRUNG-RUSSELL DIAGRAMS. 

It has been remarked above that the stars are not uniformly 
spaced in a diagram in which their luminosity is plotted aga'nst their 
surface temperature. Many conclusions about the course of stellar 
evolution can be drawn from a study of these Hertzsprung-Russell 
diagrams for individual star clusters. The methods of plotting the 
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the diagrams take a wide variety of forms: the luminosity can 
be expressed in bolometric, photographic, visual, or photoelectric 
magnitudes in different colors. The surface temperature can be 
expressed as a temperature, spectral class, color index, or as a 
difference of photoelectric magnitudes in different colors. However, 
the basic star sequences in these different types of H-R diagrams are 
very similar, only relatively minor distortions being introduced by 
the different forms of presentation. 

3»1 H-R diagrams for galactic clusters. 

Figure 3.1.1 shows a composite diagram of several 
galactic clusters (Sandage 1956). The common line which these 
clusters share on the left is the main sequence. The short 
segments of these diagrams on the upper right lie in the red 
giant and red supergiant region. It may be noted that all the 
galactic clusters except M67 have a gap between the sequences 
of stars lying on or near the main sequence and their red giant 
branches. This is called the Hertzsprung gap. The gap Is wedge-
shaped, being non-existent for M67 and becoming larger as one 
goes upwards in the diagram. 

Many features of stellar evolution may be deduced 
from an inspection of Pig, 3.1.1 The stars at the top of the 
diagram are using up their energy sources most rapidly. Hence 
the clusters at the top of the diagram must have been formed 
very recently. We can see that the brighter stars in these -
clusters lie on sequences which curve away from the main 
sequence upwards and to the right. This establishes the 
direction of evolution of the individual stars when they evolve 
away from the main sequence. After such stars reach the boundary 
of the Hertzsprxing gap they must evolve to the right very quickly 
to reach the giant branch appropriate to the clxister. They then 
sit on the giant branch for a considerable period of time. It 
may be noted that in most of the clusters the giant stars have 
about the same luminosity as those which are evolving off the 
main sequence. However, in an old galactic cluster like M67 
the stars brighten by about three magnitudes after evolving away 
from the main sequence. The lengths of time one can expect 
the stars to remain on the main sequence are shown at the right 
of Pig. 3,1.1, The stars In galactic clusters belong to Population I; 
those in M67 can be described as old Popxilation I, while those in 
clusters such as NQC2362 and h +X Persel have been formed very 
recently and are extreme Population I, 

Our composite diagram does not suffice to tell us 
anything about the tracks of the stars before they reach the 
main sequence or after they have exhausted their sources of 
energy on the giant branch. Since we expect that the stars form 
from gas clouds contracting from interstellar space, then initially 
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Figure 5 , 1 . 1 

7UI0* 

29«icl* 

A composite color-magnitude diagram for galactic clusters. 
In this diagram visual magnitudes are plotted against the 
difference of the photoelectric magnitudes measured In 
blue and visual light. For comparison, the giant branch 
of the globular cluster M3 Is also Included. The lengths 
of time required for stars to evolve away from the main 
sequence are shown on the right. 
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such contracting gas clouds must have very low surface temperatures 
owing to the large surface area available to radiate the energy 
released in the contraction. This would place the forming objects 
far to the right of the main sequence in the H-R diagram, AS ̂ the 
contraction proceeds the stars move towards the left until they 
reach the main sequence. Since the more massive stars radiate 
energy enormously faster than the less massive ones, we can expect 
them to redch the main sequence first. This raises the possibility 
that one ml^ht be able to find galactic clusters so recently formed 
that their brightest members would lie on the main sequence and the 
faintest members would lie to the right of the main sequence, 
talker (1956, 1957) has found several such clusters. The color-
magnitude diagram found by him for NGC2264 is shown in Pig, 3.1.2. 
The brightest stars lie on the main sequence; it may be noted that 
the five giant stars are here less luminous than the brightest main 
sequence stars. The fainter stars lie above and to the rî iht of 
the main sequence. Many of these stars show light vciriability and 
bright hydrogen emission lines. This places them in the class of 
"T-Tauri variables", which are believed to be stars in gravitational 
contraction which are still Interacting with the interstellar medium 
from which they were formed, 

3.2 H-R diagrams for globular clusters. 

There are many characteristic individual differences in 
the color-magnitude diagrams for the globular clusters. These 
clusters contain Population II stars formed a long time ago; like 
the galactic cluster M67 they do not show a Hertzsprung gap, M67 
is compared with the globular clusters Mo and M92 in Pig, 3,2.1. 
The main sequences of the globular clusters are not shown, but 
it is known that they lie to the left and below the main sequence 
of the galactic clusters (it appears that the main sequences of 
different globular clusters lie in somevifhat different positions in 
the H-R olagram). Stars evolve away from the main sequence at 
about the same luminosity as in M67, but they increase in luminosity 
to a much greater extent when they reach the red giant region. It 
can be seen from Pig, 3,2,1 that after reaching the tip of the 
giant branch at the upper right, the stars reverse their direction 
of evolution, decrease somewhat in luminosity, and move to left 
in the diagram. This region of the diagram is called the horizontal 
branch. The horizontal branch contains a region, shown by the gap 
in the M3 diagram, where the stars are light variables; such stars 
are called cluster variables, 

Baum(1957) points out that the features of the color-
magnitude diagram that differ from one globular cluster to another 
include (1), the position of the main sequence, (2), the color of 
the top of the red giant branch, (3) the shape and tilt of the red 
giant branch, (4), the number of cluster type variables, (5), the 
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Figure 3 . 1 . 2 
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Color-magnitude diagram of NGC2264. Here photoelectric visual 
magnitudes are plotted against the difference of blue and 
visual magnitudes. The stars are reddened by Interstellar 
absorption. Dots represent photoelectric and circles photo
graphic observations. Vertical bars show knovm light-variables 
and horizontal bars show stars with bright emission lines. The 
lines snow standarJ main sequence and giant branches for 
Population I stars. 
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COLOR INDEX R-V 

Color-magnitude diagrams of the g a l a c t i c c l u s t e r M67 compared 
with the globular c lus ters H3 and M92, The absolute v i s u a l 
magnitudes are p lo t t ed against the d i f ference of the photo
e l e c t r i c blue and vlsijal magnitudes, 

I 
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populousness of the horizontal branch at the right of the cluster-
type variables, and (6), the shape and tilt of the horizontal branch. 
These differences appear to be connected with differences In chemical 
composition between the stars In different globular olusters, and 
there are corresponding correlations In the differences In these 
features in dlff(erent clusters. The abundance ̂ rutlo of metals to 
hydrogen varies quite a bit between different {̂ lobular clusters but 
Is always much less than in the sun. 

Greenstein (1956) has made extensive^studies of the spectra 
of subdwarf and white dwarf stars. The subdwarf stars are members 
of extreme Population II which lie below the Pppul**^^^" I main 
sequence. The H-R diagram for these stars is shown in Fig, 3.2.2. 
It may be seen that the stars with the smallest abundance ratios 
of metals to hydrogen generally lie farthest below the Population I 
main sequence. 

3.3 Evolutionary tracks In the H-R diagram. 

From an inspection of the Hertzsprung-Russell diagrams for 
glbbular and galactic clusters we have reached certain conclusions 
about the evolutionary tracks of the stars in those dlaa,rams. 
Sandage (1964) has obtained evolutionary tracks for globular cluster 
stars by mapping stars from their original positions on the main 
sequence to their presently observed positions. These evolutionary 
tracks are shown in Fig, 3,3,1, They confirm the*prev1ous discussion. 
It should be noted that the stars in the giant brench have brightened 
so much that their evolution Is very rapid. Such stars have nearly 
the same mass. 

After stars travel to the left on the horizontal branch 
they are often quite unstable, shed mass, and sjhow peculiar 
abundancea of certain elements. Pre- and post<«nova8 exist in the 
far left region of the H-R diagram; the nova explosions appear to 
be connected with Internal instabilities whlohsarlse near the 
end of their course of evolution. It appears l|hat the stars finally 
take the form of white dwarfs at the end of th^ r course of evolution. 
Such stars are con^osed of a degenerate electrc^n gas. They have a 
very high density and contain no hydrogen or energy sources in the 
Interior. Their Internal heat energy is gradually radiated into 
space and they are expected to cool off at constant radius. Luyten 
(1952) has plotted a color-magnitude diagram of the white dwarf 
stars; this Is shown in Fig. 3,3,2. The white dwarf stars have a 
very low luminosity, but their small diameters Imply a small surface 
area and hence they are usually blue objects. It may be seen that 
moiit white dwarfs appear to have diameters varying In size between 
one and four times that of the earth. The white dwarf stars are 
very numerous In space, second only to the numbers of stars on the 
main sequences. They represent the graveyard of stars which have 
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Figure a.2.2 
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Hertzaprung-Rusaell diagram of the aubdwarf stara. The 
photographic magnitude la plotted against the spectral 
class. The solid dots show stars with a smaller abundance 
ratio of metals to hydrogen than the open triangles. The 
line shows the position of the main sequence for Population 
I stars. 
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Figure 5 , 5 , 1 

Evolu t ionary t r a cks in the Her tz sp rung-Russe l l diagram for 
g lobu la r c l u s t e r s . Absolute bo lomet r lc magnitudes a r e 
p l o t t e d a g a i n s t s t e l l a r su r f ace t e n p e r a t u r e s , The heavy 
s o l i d H n e s show the p o s i t i o n s of the o r i g i n a l main sequence 
and a l s o of t h e p r e s e n t locus of s t a r s in the g l o b u l a r 
c l u s t e r M5, 



- 21 -

CRL-41 

Figure 5 . 3 . 2 
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Color-magnitude diagram of the whi te dwarf s t a r s . The 
photographic magnitudes a r e p l o t t e d a g a i n s t the c o l o r 
index . The t h i ck l i n e on the upper rif^ht shows the 
Popula t ion I main sequence . The o the r l i n e s give the 
diameter of the white dwarf s t a r i n u n i t s of t h a t of 
the e a r t h . The t r a c k of a s t a r coo l ing a t c o n s t a n t 
r ad ius would l i e p a r a l l e l t o these U n a s . 
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evolved off the main sequence and exhausted all their energy sources, 

4. PHYSICAL CONDITIONS IN STELLAR INTSRI6RS. 

Efforts have been made for many years to determine the 
physical conditions at various points in stellar interiors. These 
attempts have improved with the passage of t^me and tne more realistic 
inclusion of various physical effects in the theory. Tne development 
of the subject has been governed by the fact that the differential 
equations describing the stellar interior are non-linear. Thus sane 
elegant mathematical analyses have been developed which enable stellar 
models to be computed using analytic approximations to certain physical 
properties; these models have the nice property that computations for 
one assumption of mass and luminosity can be transformed to other 
values of mass and luminosity by using certain dimenslonless variables 
in the calculations. These methods have given very useful results, 
but they will not be described here because stelltir models are now 
being calculated numerically on electronic computers, and different 
methods of analysis are best suited to computer calculations, 

4,1 Differential equations of the stellar interior. 

In most main sequence stars atoms in the interior are 
largely stripped of electrons and hence the gas obeys perfect gas 
laws except under conditions of very great density (> 10* gm./cm.^) 
where electron degeneracy sets in. In order to write down the 
differential equations for the stellar Interior, let us consider a 
thin shell of radius r about the center of the star with thickness dr. 
Then we get a condition for hydrostatic equilibrium in this layer 
by stating that the difference of pressure between top and bottom 
of the layer mtist support the weight of the layer: 

dP = GM(r) fi 
^ 1.2 

where P = total pressure 
= gas pressure p + radiation pressure Pj,, 

f> = density in layfr 
M(r)= mass inside layer, 

and G « universal constant of gravitation. 

The conservation of mass in the star is given by the 
relation: 

dM(r) = Avr^ p 
dr 

1 
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The conserva t ion of energy in the s t a r i s g iven by the 
r e l a t i o n : 

d L k l = 4 n r ^ D E , 
dr 

where L{r) is net outward flux of energy entering the bottom of 
the layer and E is the energy production per gram per second in 
the layer. 

We will obtain another differential equation which 
describes the transport of energy in the stellar interior. In 
general there are three methods by which energy tr̂ insport can 
take place: conduction, radiation, or convection. Conduction 
is not important unless electron degeneracy is present, a case 
that will be considered later. Let us consider the case where 
energy transport is solely by radiation. 

Energy transport by radiation takes place more rapidly 
for large temperature gradients than for small. It is Impeded by 
high densities and high opacities of the material through which It 
must pass. These conditions are expressed In an equation for the 
temperature gradient required to transport a stated flux of energy 
(Chandrasekhar 1939): 

<̂T = - 5 ^ L(r) 

where T is the temperatxire (°K), 
a Is Stefan's radiation constant, 
e is the velocity of light, 

and K is the opacity of the material, which Is an appropriate 
mean of the mass absorption coefficients of the materials present. 
This is discussed in more detail below. 

Now let us consider when energy transport by convection 
will take place. Let us consider a volume element of the gas which 
we will take large enough so that adiabatic conditions will hold if 
we give this element a sudden upward displacement. In this dis
placement pressure equilibrium will be maintained. Under adiabatic 
conditions 

where Y = £ E =* ratio of specific heats. 

If the new density is less than that of the surrounding matter, the 
element will continue to rise, and hence that region of the star is 
unstable to the onset of convection. The condition for stability 
against convection is that the actual pressure gradient In the star 
must be less than that corresponding to a density gradient in 
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adlabatic equilibrium. In general, such stability requires 
relatively small temperature gradients. 

Under adlabatic conditions the temperature varies with 
the pressure according to the relation 

T=< P(Y-1)/Y. 

A rising volume element has a smaller density than its surroundings 
and hence it has a temperature excess. At higher levels it loses 
its excess heat by viscous effects and by radiation. Similarly, 
a descending element has too low a temperature and is heated in 
lower levels. This energy transport process will very quickly 
reduce a very steep temperature gradient until it is close to the 
limiting adlabatic gradient. Hence it may be seen that for steep 
temperature gradients, nearly all transport of energy is by con
vection; while for temperature gradients lower than the adlabatic 
value the energy transport is entirely by radiation. 

Thus for a case of convectlve equilibrium we have the 
adlabatic condition holding in the star to a good degree of 
approximation: 

1 dP - ^ dp 
P dr p dr 

In general we can expect convection to be important 
near the centers of stars where thermonuclear energy generation, 
which often varies as a high power of lihe temperature, tries to 
establish a steep temperature gradient. Farther away from the 
center of a Star where energy generation Is not important the 
temperature gradient becomes less' and energy transport is by 
radiation. However, convection can also set in in a region where 
a major constituent of the gas is partly ionized. As a volume 
element of the gas rises !n such a region recombination takes 
place. This heats the volume element which continues to rise 
until the major constituent has become nearly all recomblned. 
This process is responsible for establishing outer convection 
zones in stars .vhere hydrogen is partly ionized, 

4*2 Additional equations for the stellar Interior, 

In order to determine the structure of a star we need 
also to know some additional properties of the matter contained 
in the interior. One property Is the equation of state of a 
perfect gas: 

8̂ = I f ̂' 
n LL 
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where k = Boltzmann's ciDnstant, 
H = mass of the hydrogen atom, 

and IX = mean molecular weight of the matter, which is the inverse 
of the number of particles per unit atomic mass ([i - 1/2 for hydrogen, 
4/3 for helium, and 2 for heavy elements). 

The radiation pressure is given by 

P- = 1 a T^, 

^ T 
The stellar opacity K is a very complicated function. In 

an accurate calculation it is necessary to take into account as 
detailed functions of photon frequency all the scattering and 
absorbing processes which can take place in all the different kinds 
of atoms present. We shall not give a detailed theory of opacity 
but will content ourselves with mentioning the important physical 
processes which contribute to it. 

Under the conditions usually present in the interiors of 
main sequence stars the most Important absorption process is 
photoelectric absorption in the heavier atoms present. Hydrogen 
and helium do not make appreciable contributions to the opacity 
in this process, since they are completely ionized, 

A lesser source of opacity is the free-free transition, 
in which an electron moving in the continuum is excited to a 
higher state of the continuum. 

At higher temperatures an Important source of opacity 
becomes photon scattering by free electrons (Thomson scattering or 
the Compton effect). 

Much work has been done with an approximation to the 
stellar opacity known as Kramers' formula: 

K = constant pT 

Here the constant is proportional to the abundances of elements 
heavier than helium. 

It may therefore be seen that the presence of heavier 
atoms in stellar Interiors is very Important from the point of 
view of the opacity. Higher abundances of heavy elements Increase 
the opacity, which in turn raises the temperature gradients in the 
Interior, The rate of energy generation at the center is therefore 
increased, and a star of given mass will be more luminous than 
one with a smaller content of heavy elements, V/e see here a reason 
why the main sequences of the globular clusters lie below that for 
Population I stars. 
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In addition to a good opacity relation it is also 
necessary to obtain from physical theory the dependence of the 
energy generation rate E on temperature, density, and chemical 
composition of the material, as well as any contributions 
due to gravitational contraction. 

The four differential equations which apply at any 
point in a stellar interior, taken together with the additional 
relationships discussed here, allow a complete stellar model to 
be constructed, given only the total mass and distribution of 
chemical composition in the star. In practice such computations 
are very complex to ca-̂ ry out, and really good results in which 
stellar evolution has been followed through a series of models 
with changing chemical composition are only now starting to be 
obtained with electronic computers. 

4,5 Electron degeneracy. 

The preceding discussion was based on the assumption 
that the perfect gas laws held to a good approximation in stellar 
interiors. This assumption fails at high densities owing to the 
onset of electron degeneracy. 

Let us consider electrons which are confined to a unit 
volume. According to quantum theory there are a limited number of 
states available to these electrons. The number of states 
available Is 

2\ 4 TT p2 d p 
[i^ 

in the momentum range p to p + dp. This allows two electrons to 
exist in each cell of phase space, one with each of the two possible 
spin orientations. The actual number of electrons in this momentum 
range will be less than or equal to the above quantity: 

N(p)dp ^ (2\ 47r p2 dp. 

Let us cott^are th i s with the number of e lectrons in the same 
momentum In te rva l which we would have for a Maxwell d i s t r i b u t i o n 
of v e l o c i t i e s ; 

N^P^^P == h e-P^/2"^T 4^^p2 ^p^ 
(2 7t:mkT)^/2 

where N^ is the number of electrons per unit volume and m is the 
mass of an electron. Now at low momenta the Maxwell distribution 
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violates the Paull principle if 

N e 
(2rmkT)'5/2 

2_ 

h3 
(4.3.1) 

I f Ne = iO , where \IQ la the mean molecular weight pe r 
IxeH 

e l e c t r o n , then (4 .3 ,1 ) can be expressed in the form: 

o > 2(27rmkT)3'^^ 
^ — z s tieH = 8 .1 X 10"9 iieT'^^^ ( 4 . 3 , 2 ) 

For lie = 2 and T = 10^ °K, the Paull principle would be 
violated for densities in excess of 1,62 x 10^ gm,/cm.^ 
Serious violations would certainly occur at the much higher 
densities sometimes encountered in stellar interiors. 

Therefore at high densities the Maxwell distribution 
is depleted of electrons with low momenta and enriched with 
electrons of higher momenta. At extremely high densities a 
good approximation to complete degeneracy must set in, in which: 

N(P) =f2\ 4Trp2, 

and N(p) = 0, 

J 
(P<̂  Po) 

(p>Po) 
(4.3.3) 

in which PQ is the Perml threshold of the distribution 
(sometimes called the Perml level, or the corresponding energy 
Po2/2m is called the Perml energy). It is given by 

Po =r3l£ Ne 
I 8< 

1/3 

Under conditions of Interest in stellar interiors 
electron degeneracy sets in at high densities under conditions 
such that the electrons move with velocities which are a large 
fraction of the velocity of light. Hence relativistlc mechanics 
must be used in a derivation of the equation of state of a 
degenerate electron gas. This has been done by Chandrasekhar 
(1939, 1901), He obtains the following results for the pressure 
and density of a degenerate .electron gas: 
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P = irm^c^ f(x), (4.^.4) 

X(2x^-3)(x2+l)^/2 + 5 slnh"^ x, 

Po ; 

rac 

87^ m^c^ HeHx3, (4.3.5) 
3h3 

(4.3,4) and (4,3,5) represent, parametrically, the equation of 
state of a highly degenerate electron gas. The pressure In this 
gas is much larger than in a gas obeying the perfect gas laws. 
Such aadltionul pressure will be referred to for convenience as 
electron aê eneretcy presbure. 

Highly degenerate matter in equilibrium under its own 
gravitation has some very Interesting properties. The temperature 
of the matter Is ir̂ 'elevant as long as it is not so high that it 
destroys the good approximation to complete degeneracy. Hov/over, 
the degenerate n̂atter Is a good thermal conductor, so that the 
temperature distribution in the matter must be very flat. It turns 
out that there is an upper limit to the mass of such a completely 
degenerate body; the degeneracy pressure can support the weight of 
the ions and electrons provlccd that weight is not too large. The 
radius of the degenercite body approaches zero as this limiting mass 
is approached. The limiting mass is: 

Uy, 5.756 solar masses, 

otf for \i'Q=2f M^l.44 solar masses. There are some corrections 
which should be made which somewhat reduce the value of the 
limiting mass given above. White dwarf stars appear to be highly 
degenerate bodies of the sort described to a good degree of 
approximation. The white dwarfs contain no energy sources, and 
gradually cool off at constant radius as their internal heat content 
is radiated to space from the th1n non-degenerate atmosphere. 

One further property of degenerate matter should be 
mentioned owinti to its importance in the subsequent discussion. 
Lot us consider a volume element of the degenerate matter and let 
this volume element be suddenly compressed. The Permi threshold 
of the electrons is raised at the higher density which results 

where f(x) 

and X 

P 

/ 
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from the compression. The internal energy stored in the electrons is 
increased, and this energy can only come at the expense of the kinetic 
energy of the ions present which are not degenerate. Accordingly, 
the ionic temperature is reduced during a compression. Similarly, 
when a degenerate gas expands the ionic temperature increases. This 
behavior is opposite to that of an ordinary gas. If the temperature 
of the ions Is high enough for the ions to take part in thermo
nuclear reactions, then the degenerate gas la very unstable. 

5. THERMONUCLEAR REACTION RATES. 

Although we have seen that electrons can form a degenerate 
gas in stellar interiors, we do not expect that the ions will become 
degenerate, owing to their much larger masses. Therefore, the ions 
will have a Maxwelllan distribution of velocities under all conditions 
of interest. The tail of the Maxwell distribution decreases in an 
exponential manner, but nevertheless when considering thermonuclear 
reactions we are particularly interested in velocities in the far 
tail of the distribution, corresponding to particle energies often 
5 to 10 times kT, The reason for this is that nuclear reactions take 
place only when the colliding charged particles can penetrate their 
mutual Coulomb barrier far enough for the particles to come within 
the range of nuclear forces of each other. The probability for this 
penetration varies exponentially as the inverse of the velocity. 
The product of these two exponential factors has a sharp peak in the 
far tail of the Maxwell distribution, 

5.1 Nonresonant thermonuclear reactions. 

Most nuclear reactions have resonances; at certain Values of 
the bombarding energy the reaction cross section is much higher than 
at most other bombarding energies. We shall first be concerned 
with the case in which the thermonuclear bombardment energy region 
Is far from the nearest resonance. However, the thermonuclear 
reaction rates will be formulated generally (Thompson 1957), 

The reaction rate r is equal to the product of the number 
of possible pairs of reacting particles and to the probability that 
a reaction will take place between any reacting pair. For reactions 
between unlike particles it is 

r = nĵ  ng <^ ̂  » 

and for reactions between like particles it is 

r = _!_ n2 <^ v\, 
2 ^ 
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3 
Here n^, no, and n are the numbers of reacting particles per cm • 
The quantlty<^(5 •§> is an appropriate average of the product of the 
reaction cross section and the relative velocity of the reacting 
particles. It depends only on the temperature^ of the gas and the 
nuclear properties of the reaction. 

Let the particles have velocity distribution functions 
n]^(v) and ngCv). Then 

' '^ fĵ it̂ Ĵ â "̂ ^ |n - v| I o- (̂  - ̂ ) d^^d^, 
where the volume lntegr»ils cover both velocity spaces. Putting in 
Xaxwellian velocity distributions, we obtain 

X exp - 11/2 mĵ Vĵ  + 1/2 mgVg \ 

V KT / 

where m^ and nig are the masses of the two particles. 

We reduce the integral by changing to the relative velocity 

"̂  a V]̂  - ^2 ^^ *° *^® center of mass velocity 

V '!lfl_LV2 
n^, •*" nig 

and ov( 
out Immediately, This gives 
The integral over d V and over the solid angle In d v can be carried 

r « n^ng ^IT/ "1^2 \^^^ j ' dv v^ cr (v) exp - / m^n^ \ ^ . (5.1.1) 

I 2-rrkT (mi +812)^ 7 , \mi+"«2y ^T 

At low bombarding energies and far away from resonances 
nuclear retiction cross sec t ions can be expressed in the form: 

<r « 3 exp - 2-rT ê Zĵ Zg , 

E tiv 

where E Is the relative energy which corresponds to the velocity v, 
e is the electronic charge and Ẑ ^ and Zg are the atomic numbers of 
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t h e c o i i i u i n g p a r t i c l e s . We w r i t e E = l / 2 mv^, where m = ^^.^g..* 
m]̂ +mg 

S is a slowly varying function of the bombarding energy which is 
considered to be constant in the present formulation of the problem. 
The reaction rate becomes: 

r = 2nin2/_2_V 1/2 

TkTT37^ 37^ Jo 
dE exp -f_E + B 

ikT E V 2 

where B _ 2yf ZjZge^, The integrand is sharply pedc ed and may 

be approximated by a Gaussian function. When this is done we get 
the following good approximation: 

.-1/2 1/2 :l/3 »2/3 r dx exp - (x + ax'-'-ZS) ̂ j 2( 1 TD^^*^ ( 1 a)""/*^ exp - 3 ( 1 a) 
J^ 3 2 2 

This completes the derivation of the thermonuclear reaction 
rate except for some rearrangement to make the formulas convenient to 
use. We express the number density of particles in terms of the gas 
density by the relation 

ni = Nppxi , 

^1 

where NQ is Avogadro's number, Â^ is the mass number of the particle, 
and x-i is the concentration by weight of the particles of type 1 in 
the gas. We shall also express our energies in the center of mass 
system of the bombarding particles. Then p, the number of reactions 
per second per nucleus of type 2, is 

p = 434^ XI (Ai •» A2) S 

Ai ^2 Z]̂  Zg 

^2 '^ -l T e sec. . (6.1.2) 

where T = 42,48 

and S - dE exp 

Ai + A2 

988 Ẑ Zg I A ^ j ^ M/2 

(Ai + A2)E 
(5,1.3) 

Here d'is the cross section for the reaction in barns. E is the 
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bombarding energy in the center of gass system in electron volts, and 
the temperature T is in units of 10° °K, 

The quantity S can sometimes be determined for a specific 
reaction by measuring the reaction cross section at the lowest possible 
bombarding energy and putting the measured value in equation (5,1,3), 
In other cases S must be calculated from resonance theory or from 
the statistical properties of nuclear resonances. This is discussed 
in greater detail below. 

Most reactions take place in the vicinity of the energy 
about which the approximated integrand is sharply peaked. This 
peak occurs at an energy 

Ejn = 1220 
2 2 J 
^1 Zg Ai Ag T-

Ai + Ao 

11/3 
electron volts. 

The full width at half maximum of the integrand is 

A E = 15,2 (TEj^)^'^ electron volts. 

This peak in the integrand will be called the"*Gamow peak", 

5,2 Resonant thermonuclear reactions. 

We now consider the case where there is a nuclear resonance 
close to the Gamow peak. In most cases of this sort in which we shall 
be interested the width of the resonance is very small compared to the 
Width of the Gamow peak (here and in general the term "width" will be 
taken to mean the full width at half-maximum of a peek). In this 
case equation (5,1.1) can be written: 

= 47rn l"2 
Ig-rricTimj^+mg) 

3/2 
exp -/t"l"^ \ < 

rai+mg kT 

cJ-(v)dv 

where v̂ . Is the relative velocity of the particles corresponding to 
the resonance. We see that the integral now is just the Integrated 
cross section under the nuclear resonance. 

In a very refined treatment nuclear cross sections would be 
expressed in terms of the Breit-Wigner many-level formula. However, 
for most astrophysical purposes it is good enough to use the Breit-
dVigner single level formula, particularly in the vicinity of a resonance 
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peak such as we are interested in here. The Brelt-Vifigner formula 
for the cross section of a reaction in which a particle a enters the 
nucleus and a particle b emerges from it is: 

cr (a,b) ^ ^ \ l g T ^ F b , (5.2.1) 

(Ê -E)̂  + r V i 
where Ag^ is the de Broglie wave length of particle a divided by 
Qff , To# Tb* and Pare the partial widths of particles a and b and 
the total width of the level, r espectively, E la the bombarding 
energy, and E is the energy of the resonance, g is a statistical 
factor given by 

g = 2J + 1 , 
(2s+l)(2I+l) 

where a is the spin of the bombardirg particle, I is the spin of the 
target nucleus, and J is the spin of the resonant level in the com
pound nucleus, 

The integrated cross section is given to a good approximation 
by 

J^^6 (a,b) dEc^ ^^^"^l 6 T a T b , 

2 ^ 
where A must be evaluated at EL, 

rfe write a subscript 1 for particle a and a subscript Y 
for particle b (to Indicate the fact that the resonance width Is not 
likely to be smaller than the width of the Gamow peak unless the 
emergent particle is a photon). Then the resonant thermonuclear 
reaction rate becomes, where again the temperature T is in units 
of 106 OK: 

p - 4.81 X 109 £xig F i T y Ai_+_A2 y / S ^^^ f.Q.ons E^\ sec,"^ 
AIT3/2 Y 1AI A2 I 

(5.2.2) 

EL, is the resonance bombarding energy in electron volts in the 
center of mass system. 
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Resonant thermonuclear react ion ra tes are usual ly higher 
than nonresonant ra tes by a factor of something l ike 10°. This 
indicates the extreme importance of knowing whether there are 
resonances in the thermonuclear energy region when considering the 
astrophysical Importance of speci f ic nuclear r eac t ions . 

r l—I 1—I 

Usually one of these two partial v.'idths is much smaller than the others. 
In such a case the ratio pT_py/| ' can be replaced by the smaller partial 
width, and the larger partial width need not be known at all. 

5,3 Application of the Wigner-Eisenbud theory. 

Unless nuclear cross sections can be measured in the laboratory 
at energies close to the Gamow peak, and unless the closest resonance 
level is far from the Gamow peak, then the cross section at the Gamow 
peak must be determined using nuclear theory. A refined formulation 
of nuclear reaction theory has been given by 'iVlgner and Eisenbud (1947), 
often called the dispersion theory of nuclear reactions. According 
to dispersion theory the partial width of a particle can be written 
in the form r = 2kPY2, (5.3,1) 

where k is the wave nximber of the incident p a r t i c l e , 

k = 2,19 X 10® A^ Ag E Y ^ ^ cm,'^ (5,3,2) 

\Ai + Agy 

P is the ba r r i e r pene t r ab i l i t y of the p a r t i c l e , and Y^ is *he reduced 
width of tiie p a r t i c l e in the leve l under considerat ion. In this theory 
the configviration space is divided in to an internal region, to which 
a l l spec i f i ca l l y nuclear effects are r e s t r i c t e d , and an external region 
in which the system is composed of two pa r t i c l e s in te rac t ing only 
through the i r Coulomb fields." The ba r r i e r pene t r ab i l i t y is 

P = 1 , (5.3.3) 
p2 + Q2 

where P and G are the regular and irregular solutions of the 
Schroedinger equation for a particle In a Coulomb field. For the 
low energies which are Involved here. 

The penetrability can be evaluated using the low energy 
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approximation given by Yost, Wheeler and Breit (1936). It is 
necessary to use two functions of the bombarding energy, measured 
as before in electron volts : 

p = kR, 

and A = 157.4 Z-iZ 
\ 1̂ 2 rAiA l±a. 

1/2 

(AI+A2)E 

(5.3,4) 

(5.3.5) 

Here R is the radius of the boundary between the internal and 
external regions in configuration space. In principle it should 
not matter what value is used for the radius of this boundary 
surface, provided it Is taken lart̂ e enough to avoid nuclear effects 
in the external region. However, in practice it is desirable to 
use as small a value as possible for the nuclear interaction 
distance, and it is customary to take it equal to the sum of the 
radii of the two interactjing particles: 

1,45 X 10 -13 (A. .'/̂  . A2^/^) cm. 

AS we have seen, thCpbarrier penetrability for particles 
with angular momentum L is Oj^"* This can o& written in the form 

where 1 = 2^^ 

1 = p^^ 
n-2 T̂  6 ^ '. 

V ®L 

[(SL)ijy 

,2L 

2 
(L'̂^ +^'^)(CL-1] +V^ ) ,,, (1 +-v|̂  ) 2 "" 2U 

e -̂ 1 

We write q = 2̂ 1 [(L^ + ^ ) ^ ( [L-l] ̂  +\) ...(1^ + 1 ) ] 

[(2L) l]'̂  ^ 

"Uhder the conditions of interest exp 2T('-^iB large compared to unity 
and hence we can write to a good approximation 

.2L 2trT^q(? exp - 2ir>v^ . 
©I? 

For L « 0, q s= 1. We may evaluate the function ©̂ ^ in the low 
energy limit which is 

»L = -[T2rnJ (2] 
2L+1 

^L+l ^^^' 
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where x = ( 8 p ^ )-^/^ and K 2 L + I ( X ) i s the modified Besael func t ion of 
the second k i n d . 

Telchman and V/igner (1952) have found a p r a c t i c a l siim r u l e 
l i m i t for the reduced width Y whose order of magnitude i s (dropping 
a f a c t o r 1.5 from Telchman and Wigner 's fo rmula ) : 

Y^;f _h^ ( 5 . 3 . 6 ) 
~ m R 

where as before m is the reduced mass of the colliding particles 
and R is the radius of the boundary between the internal and external 
regions of configuration space. Lane (1954) has calculated reduced 
widths for nucleons in single particle states in light nuclei and 
finds values close to the upper limit given by the above inequality. 
Therefore, tiVmR will be called the single particle limit of the 
reduced widths. 

According to a modern view of nuclear level structure, a 
single nucleon with a given angular momentum can interact with a 
nucleus to form a single particle state about once in every 15 Mev. 
0|f excitation energy. In practice the wave functions for these 
single particle states mix into the wave functions of all the nuclear 
states in the vicinity of the single particle level excitation energy. 
The reduced width for the single particle in any given nuclear state 
thus depends on the amount to which the single particle wave function 
is mixed into the state. The smaller the spacing between the 
nuclear levels, the larger the number of levels competing for the 
single particle wave fvinctlon, and the smaller the reduced width 
to be expected for the single particle in any given level. If D 
is the energy spacing between particles of the same spin and parity, 
then Y / D IS called the nuclear strength function for the interaction 
of the given individual particle with the nucleus. We expect the 
strength function to be large near the natural position of the single 
particle levels in the nucleus, and to be small far away from the 
natural position. If we do not know where the natural position of 
the single particle levels are, then we can assume that the strength 
function has been uniformly spread out over all excitation energies. 
In this case It has the value (Blatt and Welsskopf 1952): 

# 
sr 2 X 10'^* cm. (5.3.7) 

Of course one cannot expect either of these methods of 
estimating the strength function necessarily to give a good value 
of the reduced width for an Individual level, since there are large 
differences in the degree to which the single particle wave function 
wiLl' mix into the wave functions for different states. Porter and 
Thomas (1956) have argued on reasonable grounds that the distribution 

hA„i.....^>^..t. 1.1;!-, * » - ' - ^ * * * • — ' • • - ' ' • ' ' - • ' 
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of reduced widths vi 11 be given approximately by the function: 

P^x) = exp - 1/2 x^ (5.3.8)r 
(27fx)V2 

where x = Y^/^Y /• 

This distribution function indicates that most reduced widths are 
considerably smaller than the average, and a few are much larger 
than the average. Such a great variability of individual reduced 
widths should always be borne in mind when estimating unknown physical 
parameters for astrophysical purposes. One should certainly not oraw 
any strong conclusions which depend upon one or more reduced widths 
being close to the average value. It should also be emphasized that 
the above considerations apply to incident or outgoing particles which 
can be absorbed or emitted in only a single channel, which means that 
there is only one atate into which the nucleus and particle can 
separate, '/i/'hen a particle can be emitted into many channels then 
the sum of the reduced widths for each channel starts to approach ' 
the sum of the average reduced widths. 

•lie now give for convenience the contribution that a distant 
level will make to the nonresonant parameter S, assuming nhat there 
is no interference between levels and that the contributions of all 
the distant levels aod linearly. We assume as before that the cross 
section d(a,b) for the reaction is given by the single-level brelt-
V/igner formula. Then 

S « 2.84 X lOlS qp2L 21iZg, (2J-H) 
Q£ (2S+1)(2I+1) 

Ya T b 
(E - Er)'*** l/4r^ 

e v barns 

If there is serious Interference, then the quantity in the square 
brackets would have to be replaced by a similar quantity obtained 
from the Brelt-Wigner maxiv-level formula. In cases where the 
reduced widths YO ^̂ d̂ YV are not known, then we can get an estimate 
of the contribution to 3 by estimating them on statistical grounds. 
The above expression for S should be evaluated at the Gamow peak 
energy E^, 

Two further correction factors to the thermonuclear reaction 
rates will be mentioned briefly. They are small and of Importance 
only for very accurate work. 

Salpeter (1952) has considered the errors which were made 
in the Gaussian approximation to the integrand of (5,1.1), He finds 
that thermonuclear reaction rates should be multiplied by a correction 
factor: 
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P->- = 1 + 5 - 35 + . ., 
12ir 288r^ 

Corrections due to electron screening have been considered 
by ochatzman (1948, ia54a, 1954b), Keller (l9£o), and oalpeter (1954), 
Thermonuclear reaction rates are slightly increased because the 
penetration of Coulomb barriers is slightly assisted by the prtaence 
of electrons which neutralize the Coulomb field at large aistances 
from the nucleus. The formulation of the electron shielding 
corrections is complex and the resulting correction factors are 
usually not much greater than unity. No further consideration will 
be given here to those corrections. 

In many cases It is useful to be able to speak of the 
temperature sensitivity of a thermonuclear reaction. Let us write 

P = PQT". 

Then the power n is obtained from the relation 

n = d log p • 
d log T 

For nonresonant reactions it follows that: 

n = 1 (f- 2). 

For resonant react ions the power takes the form: 

n = 0.0116 Ep - 3 , 
T 5 

6. HYDROGSiN THERMONUCLEAR REACTIONS. 

V In this section we consider those hydrogen thermonuclear 
reactions which are of interest in the study of stellar interiors 
-and of the changes in chemical abundances which can be produced by 
them. Those values of the nuclear reaction constants which appear 
to be the best available in the literature have been listed in 
Table 6,1, No attempt has been made to improve these constants 
except(in the case of the proton-proton reaction which is of 
particular importance in the construction of stellar models, and 
also in the case of the N^^(p,Y)ol^ reaction which is of similar 
Importance, It turns out that none of the hydrogen thermonuclear 
reactions listed have any known nuclear resonances in the vicinity 
of the Gamow peak; hence the nonresonant reaction rate formula 
(5.1.2) applies to these reactions. This equation can be written 
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Reaction 

l|(p,Y He3 

B 1 I p 

N 1 5 p 

016 (p 
o,2(p ,19 
Me '6? 

a) He 4 

a)Llg/ 
a)BeX 
a)Be8 
Y)N13 

Y)O15 -
i)cl2 
Y)016 

a)Kl4 
a)Nl5 

»^ (p,Y)Na21 
No21(p y)Na22 
Ne22(p,Y)Na23 
Na|3(p,Y)M^4 
Na25(p,a)Ne'^° 

He5(a,Y)Ll''' ^ 
He3(He3,2p)He4 i 

S(e. 

3.12 
7.8 
9.6 

5 
1,0 
3 

2 
1 
1,2 
6.1 

-3 
1,1 
1.1 

? 
2 
1 
1 
1.2 
r5.6 
^5.5 
3 

v. barns) 

X 10-1^ 
X 10-2 
X 10* 

X lof 
X 10^ 
X lo''' 

X 10'7 
X 108 
X 103 
X lOj 
X 103 
X 108 
x^l04 
102 ^ 
X 10° 
X log 
X 10? 
X lOj 
X lOf 
X 10° 
X 106 

^107 

t 1 
0.6 . 
X 10^ 

3.3 
7 
3.6 

6 
1.2 
3 

2.5 
1.2 
1.7 
9 
5 
1.7 
1.7 

7-1.5 
3 
1.5 
1.5 
1.8 

^1 
Tfl 
3 
> 

1.7 
4 

A 

X 
X 

X 

X 
X 

X 

X 
X 
X 
X 
X 
X 
X 
X 
X 
X 
X 
X 
X 
X 
X 

10-13 
104 
loio 

10l2 
loii 
10l3 

10l3 
1014 
10^ 
10? 
10?>, 
loJJ 
loio 
loO 
loii 
1014 

lOJS 
10^2 
loig 
lO^o 
10l2 

L0l3 

X 
X 

lOf 
loii 

B 

34.7 
37.2 
42.6 

84.1 
84.7 
103.6 

120.6 
121.0 
136.5 
136.9 
152.8 
153.1 
153.1 
166.7 
167 
167 
181 
194 
194 
194 
208 
208 

128.0 
122.5 

Note 

1 

2 

3 

4 

5 

6 
7 

Reference 

1 
2 
2 

3 
3 
3 

3 
3 
4 
4 
4 
4 
5 
3 
3 
3 
3 
6 
6 
6 
6 
6 

1 
1 

References to Table 6.1 

1, Salpeter, 1952, 
2, L. Heller, unpublished manuscript (1957). 
3, Salpeter, 1955. 
4, Fowler, 1954. 
5, A.G.W. Cameron, unpublished^ 
6, Marlon and Powler, 1957. 

Kotes to Table 6.1 

1, The basic proton-proton reaction rate has been reevaluated aa 
described in the text (Salpeter's result has been multiplied 
by a factor 0,72), The error in the reaction rate Is now 
estimated to be 9 per cent, compounded from a 5 per cent error 
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In the orbital matrix element, a 3 per cent error in the beta 
decay f-value, and a 7 per cent error in the square of the Gamow-
Teller coupling constant. The values of S and A in the table 
are evaluated at T » 15 x 10° ©K; at other temperatures the values 
should be corrected as indicated In the text. It should also be 
noted that the values of S and A refer to a single reaction; to 
obtain the reaction rate per cm.^ it Is necessary GO multiply 
by 1/2 times the number of protons per cm.^. In this respect 
the values of S and A differ from those given in reference 1, 
where the factor 1/2 has been included in S and A. 

2. The concentration of deuterium by weight is used in the formula 
for p in this case. An additional factor 1/2 should be included 
in the reaction rate per cm,3, 

3. The reaction rate is less than that of reference 4 by a factor 
10 for reasons discussed in the text. 

4. The values of S and A from reference 3 are taken to be lower 
limits as discussed in the text* 

5. S and A are evaluated at T = 50 x 10® ©K. There are fairly 
large corrections at other temperatures, 

6. Here p contains the concentration by weight of He^. 

7. Here p contains the concentration by weight of He^. An additional 
factor 1/2 should be Included in the reaction rate per cm^. 
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6 . HYDROGEN THERMONUCLEAR REACTIONS, ( cont 'd tram page 38) 

in the form 

p « A(pxi)T"2/3 exp(-B/Tl /3) aec"! , 

where A « 434 {A^ + A2)S ( t T l / 3 ) 2 , 

Ai^ Ag Zi Zg 

and B « f T 1 / ^ . 

We s h a l l d iscuss these react lona not in the order of 
Increaalng Z and A as they are H a t e d In Table 6 . 1 , but In t h e i r 
drder of Importance In a gaa In which the tenqperature and denalty are 
progreaalvely increaaed. 

6 ,1 Deuterium r e a c t i o n s . 

When a a tar contracta frcm I n t e r a t e l l a r apace and the 
centra l teoqperature Increaaes, the f i r s t Idiermonuolear reac t ions ~ 
to aet in are thoae which deatroy the deuterium. Ihe r a t i o of 
abundancea (by weight) of deuterixim and hydrogen in the earth and 
meteoritea ia 1 .5 x 10''4. hence the deuterium does not provide one 
of the major aouroea of energy for the a t a r a . Nevertheleaa^ the 
energy obtained from the deuterium reactlona ia coflq>arable to the 
energy obtained from the g r a v i t a t i o n a l contract ion of the a t a r , 
fiuid the deuterium conaun^tion s tage must have a profound inf luence 
on the d e t a i l s of the s t e l l a r model in the contract ion s t a g e . 
Thia ia alao the atage in vriblch the planeta are be l i eved to have 
formed in the aolar ays tern. Hence i t i s probably neceaaary to 
obtain a good model of the deuterium-burning aun in order to 
conatruot a good theory of p lanet formation. 

Deuterium can be destroyed both by d i r e c t proton oapt»u»e 
and in reactlona with other deuterium n u c l e i . The reactlona which 
we must consider are 

D^ ( P , Y ) He3 ( 6 . 1 . 1 ) 

D^ (d,n) He^ ( 6 . 1 . 8 ) 

D2 (d,p) Ĥ  ( 6 . 1 . 3 ) 

It may be aeen in Table 6.1 that the nuclear reaction 
conatant A ia much smaller for the D2(p,Y)He3 reaction than for 
the D + D reactions combined. However, thia ia more than offaet 
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by the difference in the abundances of hydrogen and deuterium, 
^alpeter (1955) has discussed the behavior of these reactions. 

In a red dwarf star on the main sequence, with a luminosity 
perhaps 10"^ of that of the sun. the deuterium will be destroyed at 
a temperature of about 0.5 x 10^ °K, In the sun it was destroyed 
at a temperature of about 1 x 10° °K, and in a very hot main seqiience 
star of Population I the destruction will occur at a temperature of 
about 2 X 10° °K, At these three temperatures the D-D and D-P reaction 
rates are equal for concentration ratios (XD/XJJ) of 2 X 10"^, 5 x 10"^, 
and 2 x 10"* respectively. We see that the D(p,Y)He3 reuction pre
dominates except In the hottest stars, and even in the hottest stars 
the D-D reactions provide effective competition only at the beginning 
of the deuterium destruction when the deuterium concentration has 
nearly its initial value. Nevertheless some neutrons and some tritium 
will be produced by D-D reactions. 

Reactions (6.1,2) and (6.1,3) havo nearly the same yield. 
The tritium produced decays into He3 with a half life of 12 years, 
which is mj.ich faster than the tritium can be destroyed by thermo-
^nuclear reactions. The neutrons produced are ejected with energies 
of 2.5 Mev, They then exist in a medium nearly all hydrogen for 
which the scattering cross sections are larger than the neutron 
absorption cross sections. Therefore, the nexxtrons are slowed 
down until they ,are in thermal equilibrium with their surroundings, 
which gives neutron kinetic energies in the vicinity of 100 electron 
Volts, At this energy hydrogen has a neutron capture cross section 
of 6,2 millibarns. Since hydrogen is so much more abundant than 
any other element, tne neutrons will be captured by it unless some 
other nucleus has a sufficiently large absorption cross section to 
offset the abundance disadvantage. The only possibility which seems 
to 'exist is the reaction He'^(n,p)H^, which has a cross section of 
81 barns at 100 electron volts. This reaction will absorb most of 
the neutrons only if the ratio of the concentrations by mass of 
He^ and hydrogen is larger than 2 x 10" , which appears somewhat 
unlikely. 

The He*̂  which is formed in these reactions is stable 
under the conditions being considered. 

6,2 Lithium, beryllium, and boron reactions. 

After the exhaustion of deuterium, a star will continue 
contracting and its central temperature will continue rising. In 
succession the elements lithium, beryllium, and boron will be 
destroyed. The abundances of these elements are so small that 
the energy produced during their destruction is very small com
pared to the energy released in the gravitational contraction. 

teU,...i.avi,.. , . . w . ^ a , ̂ s 
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The l i t h i u m i so topes a re des t royed when the tenqperature 
reaches about '6 x 10^ ^K. The r e a c t i o n s a r e : 

Li^ (p,a) He3, ( 6 , 2 . 1 ) 

and Ll7 (p,a) He^. ( 6 . 2 . 2 ) 

The He^ produced in (6.2.1) is still stable at T = 3 x 10^ °K. 

There are two exothermic reactions by which Be^ can be 
destroyed. These are 

Be^ (p,d) Be8 (2a), (6.2.3) 

followed by D^ (P,Y) He^, (6.1.1) 

and Be9 (p,a) Li^, (6.2,4) 

followed by Ll^, (p,tt) He^, (6.2.1) 

These reactions destroy beryllium at a temperature of 
about 4 X 10^ OK. The He^ formed is still stable at this temperati 

The two boron isotopes are also destroyed by reactions 
in which particles are emitted. These are: 

B^° (p,a) Be''' (6.2.5) 

followed by Bo''' (e,>? ) Li''' (electron capture) (6.2.6) 

and by Ll^ (p,a) He*, (6.2,2) 

and B^^ (p,a) Be^ (2a) (6,2.7) 

These reactions take place when the temperature reaches 6 or 7 x 
io6 OK, 

It should be noticed that all of the reactions given in 
this section produce He^ and He* nuclei as their final products. 
Both of these nuclei are stable in the temperature range under 
consideration although, as we shall see, the He^ is destroyed 
when the temperature rises a little more, 

6.3 The proton-proton chain. 

When less massive stars reach the main sequence, they 
stay at that particular point in the Hertzsprung-Russell diagram 
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for a very long time while they convert hydrogen into helium in 
the central regions. The central temperature at which this occurs 
varies from about 8 x 10^ °K in a faint red dwarf star to about 
15 X 10° °K in the sun. In this temperature range the conversion 
of hydrogen takes place almost entirely by the reactions in the 
proton-proton chain. These are: 

H^ (p,P^-o ) 1? (6,3.1) 

followed by D^ (P,Y) He^ (6,1.1) 

and by He^ (He^,2p) He^ (6,3,2) 

or to a smaller extent follov/ed by 

He3 (a,Y) Be''' (6,3,3) 

and Be''' (e, v ) Li''' (6.2,6) 

and Li''' (p,a) He^ (6,2.2) 

It may be seen in Table 6,1 that reaction (6.3.3) is considerably 
less likely than reaction (6.3.2). Therefore, two proton-proton 
reactions are needed for the formation of each alpha-particle. 

Reaction (6.3.1) is extremely slow because a beta trans
formation must take place during the collision of two protons, which 
is a very improbable process. Thus (6.3.1) does not take place at 
an appreciable rate until the temperature and density of the gas 
become high enough that the protons spend an appreciable fraction 
of time in collisions in which the protons penetrate their mutual 
potential barrier far enough to come within the range of nuclear 
forces of each other. There is no hope of ever observing this 
reaction in the laboratory. Nevertheless, the two-body problem In 
nuclear physics is quite accurately solved at low energies, and the 
theory of beta decay, while needing reformulation after the discovery 
of nonconservatlon of parity in weak interactions, Is sufficiently 
well developed for such simple systems that the thermonuclear 
reaction rate for(6,5,1) can be calculated quite accurately. 

This calculation was first performed by Bethe and 
Crltchfleld (1938), They have written the cross section ff for the 
combination of two protons of relative velocity v as t 

where g Is the appropriate beta decay coupling^ constant, f(W) is the 
beta-decay f function evaluated for the end point W of the positrons 
emitted in the decay,Y^ is the wave function of the ground state of 
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the deuteron,H^p Is the wave function of the protons normalized per 
unit density at infinity, and M-- is the spin part of the matrix 
element (omitted in the origlnal^calculation). The two protons 
undergo an s-wave Interaction at low energies in which their spins 
are oppositely oriented; this forms a state of zero total angula^ 
momentum. The ground state of the deuteron Is an S state In which 
the neutron and proton spins are lined up in the same direction; 
this state has a total angular raomentum of unity. The beta transition 
between these states involves a unit change of spin which is allowed 
by Gamow-Teller selection rules. Hence g is the Gamow-Teller 
coupling constant (not expressed in the usual units). The factor 
I Mgpj takes care of the summation over spin states in the transition 
and of the fact that either proton can turn into a neutron; it Is 
equal to 3/2, 

The matrix element has been evaluated very accurately by 
Prieman and Motz (1951). They used accurate explicit wave functions 
H'p and ^^ based on specific assumptions about the potential shape 
of^nuclear forces with the constants chosen to fit low energy 
experimental data for 'the two-nucleon system. However, in such a 
calculation it is very difficult to evaluate the inaccuracy in 
the final result due to the uncertainty in the potential shape and 
experimental errors. Therefore, Salpeter (1952) has made an 
approximate re-evaluation of the matrix element using the theory 
of effective range, from which the effect of present uncertainties 
in the theory of nuclear forces can be derived very simply. 
Salpeter's calculation is less accurate because of the neglect of 
tensor forces and of certain approximations, but Salpeter's errors 
can be used with the calculations of Prieman and Motz for the 
matrix element, Salpeter estimates that the matrix element has a 
probable error of 5 per cent, 

Salpeter evaluated the f-functlon using accurate approxi
mations given by Peenberg and Trigg (1950). He estimates that this 
is subject to an error of 3 per cent. 

Salpeter made an estimate of the Gamow-Teller coupling 
constant which was subject to an error of 20 per cent, this being 
by far the greatest error in the calculation. It la now possible 
to use a more accurate value for this coupling constant. J. M, 
Robson (private communication) hes recently obtained estimates of 
the Perm! scalar coupling consteuit using the more accurately 
measured half-lives and reaction energles for 0 to 0 transitions. 
He has also calculated the ratio of the Gamow-Teller tensor 
coupling constant to the Permi constant from the ft value of 
the neutron, from the ft values of minor nuclei, and from the 
angular correlation in the beta decay of the neutron. Prom this 
procedure he obtains (in Salpeter's units) 

g = (5.38 + 0.36) X lO""* sec,'^ 
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Hence Sa lpe ter ' s reac t ion ra te must be 'mul t lp l l ed by a factor of 
0 , 7 2 . The error in the f i n a l r e s u l t due to a l l sources i s 9 per c e n t . 
The react ion ra te i s : 

p = 2.48 (l- '0.09) X 10-16 p^^^ 2e - t . ...] [I^.OM(^/'] 1 + 5 + • . • M I - K ) . 0 5 4 ( T J ? / ^ I sec . - l 
T5Y 

In th i s expression a factor 1/2 Included by Salpeter has been removed. 
To obtain the react ion rate per cm. ' . I t i s necessary to mult ip ly p 
by 1/2 times the number of protons/cm.*. 

6 .4 The carbon-nitrogen c y c l e . 

The hot ter s tars of the main sequence, with centra l 
temperatures of 17 x 10° OR and more, convert hydrogen to helium 
mainly by the carbon-nitrogen c y c l e . The react ions in th is cyc le 
are: 

0^2 ( P , Y ) N 1 3 ( 6 . 4 . 1 ) 

N 1 3 {^+^) c l 3 ( 6 . 4 . 2 ) 

C^' ( P , Y ) N 1 4 ( 6 . 4 . 3 ) 

N 1 4 ( P , Y ) O15 ( 6 , 4 , 4 ) 

0^5 {p+^) N^S ( 6 . 4 . 5 ) 

N 1 6 (p ,a) 0^2 ( 6 . 4 . 6 ) 

Hertt tiie carbon and nitrogen nuc le i act as c a t a l y s t s for the 
conversion of protons in to alpha-par t i d e s . We must a l s o consider 
the reac t ion 

N^S (p ,y) ol6 ( 6 . 4 . 7 ) 

irtilch removes nuclei from the cycle. Bethe (1939) estimated on 
crude grounds that (6.4.7) was only 10-4 times as likely as 
(6.4.6). The writer currently estinates that the ratio of the 
two reaction rates accidentally turns out to be very close to 
1.0 X 10"*. According to Goldberg, Muller, and Aller (1956), there 
are 2200 hydrogen atoms per oaî bon or nitrogen atom in the sun. 
Eenoe the carbon cycle would have to turn over 550 times to 
exhaust the hydrogen in the sun (aotuftlly it is not ixq)ort«t 
in the sunjf and it would have to turn over about 10* times in 
a Population II star in which the C,N group was only 5 per cent of 
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consider leakage of carbon cycle nuclei to 0^^ via reaction (6.4,7), 

The carbon cycle reaction rates given in Table 6.1 are 
based on measurements made at the Kellogg Radiation Laboratory of 
the California Institute of Technology. However, the value for 
the N^^(P,Y)0^ reaction is not that available In the literature, 
since the original low energy measurement for this reaction appears 
to be In error (W, A. Powler, private communication). The actual 
reaction rate appears to be lower than that In the literature by 
about an order of magnitude (W.A.S, Lamb and R.E. Hester, private 
communication). Hence -che value in Table 6.1 has been redaoed by 
a factor 10 from the value given by Powler (1964). This reaction 
cross section is currently being remeasured using the 100 kev 
injector to the materials testing linear accelerator at Llvermore, 
which can deliver a beam current of nearly one ampere. The final 
results will be of ̂ reat interest, Plgures 6.4,1 and 6.4.2 show the 
C-N reaction rates and power law exponents compared to those of the 
p a p chain, using the old values in the-literature. 

The equlibrium abundances of the carbon and nitrogen 
Isotopes at various temperatures are of considerable Interest because 
some of them can be checked astrophyslcally In soiirces in which the 
gas has been subjected to high tenqperatures. The most abundant 
Isotope is N14. The other isotopes ̂ ave abundances relative to 
N14 which are inversely proportional to the respective reaction 
rates. The carbon isotopes have much greater abundances at high 
temperatures than at low temperatures. N^^ always has a very low 
abundance owing to Its large reaction rate, which comes from 
a high nuclear cross section associated with particle emission. 
The ratio of the Ĉ -̂  to C-'-̂  abundances is always close to 4, This 
ratio is often observed in stars with N spectra. 

It should be noted that the relative numbers of carbon 
cycle nuclei in the sun does not correspond to carbon cycle 
equilibrium proportions. The ratio of C^^ to N** is about what 
would be expected for the carbon cycle operating in the range of 
20 to 30 X 106 ©K, but there is a big excess of C^^ and of V^^, 

6,5 Oxygen and fluorine reactions, 

hydrogen thermonuclear reactions Involving nuclei 
heavier than mass number 15 are usually slower than the carbon 
cycle reactions. However, since we are Interested in conditions 
in which the carbon cycle turns over many tines, we nust consider 
whether any astrophyslcally significant changes will be produced 
in the abundances of heavier nuclei during the period when hydrogen 
is being consumed. As we shall see, conditions sometimes arise in 
which hydrogen is consumed at temperatures as high as 50 or 60 x 
10^ '̂K, These higher temperatures favor some thermonuclear reactions 
with heavier nuclei. 
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F i g u r e 6 . 4 , 1 

I I I I I IT'l ' I '^'I 'tT'l 'T'^T 
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%0 T 41 
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The rates of energy ger̂ eration from the proton-proton chain 
and from the carbon cycle. The carbon cycle values are computed, 
for the assumptions that the C1»(P,Y)N15 and that the NJ-*(P,Y)OJ-" 
reactions are the slowest in the cycle, using the nuclear cross 
sections at low energies currently in the literature (Bosman-
Crespin, Fowler, and Kumblet 1954). The energy generation 
rates are in ergs/gm.sec, and the temperature Is in units of 
10» OR, 

m 
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Pigure 6 . 4 . 2 . 

The power law exponent i n the t empera ture s e n s i t i v i t y 
equat ion p = PQT"* fo r the p r o t o n - p r o t o n c h a i n , the 
carbon c y c l e , and the combinat ion of b o t h . The carbon 
cyc le i s a l t e r n a t e l y assiimed t o have the C^* (P ,Y)N- ' - ^ 
and N 1 4 ( P J Y ) 0 1 5 r e a c t i o n s s l o w e s t . (Bosman-Crespin, 
Fowler, and Humblet 1954) . The tempera ture i s i n u n i t s 
of 10° °K. 
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The nuclear reactions of Interest which Involve oxygen 
and fluorine nuclei are: 

016(P,Y)P^''', (6.5.1) 

followed by pl'70+̂ )0̂ ''', (6,5,2) 

0l'7(p,a)Nl4̂  (6.5,3) 

0l8(p,a)Nl5, (6.5.4) 

and P^^(p,a)0l6, (6.5,5) 

ffe see that these reactions feed nuclei into the carbon cycle. They 
are therefore of interest in that they may make the more abundant 
0̂ 6 nuclei available as catalysts in the carbon-nitrogen cycle, 

?articularly in Population II stars in which there can be significant eakage of C-N nuclei to 016 via reaction (6,4,7). 

411 of the above reactions except (6.5.1) take place quite 

?ai<Jkly because they Involve exothermic particle emission. Salpeter 
1955) has estimated the reaction rate for (6.5.1) but his value is 

believed to be a lower limit for the following reasonst 

JVarren, Laurie, James, and Elrdman (1954) have studied the 
0^^(P,Y)P^''' reaction and have found that it is nonresonant. Most 
of the radiation goes to a 0,5 Mev excited state in P̂''', and only 
10 per cent to the ground state of pl'7, for bombarding energies in 
the range 0,8 to 2,1 Mev, The calculation of Salpeter la based 
on the assumption that reaction (6,5.1) takes place by p-wave proton 
capture through a very broad state at about 4 Mev excitation energy 
in F̂''', and the reaction cross section has been extrapolated to 
thermonuclear bombarding energies using the single-level Brelt-Wlgner 
formula and taking into account the variation in the radiation width 
with excitation energy in pl'''. Only ground state transitions were 
assumed. One particularly striking feature of the 0.5 Mev level in 
P^" is that it lies just barely below the sum of the masses of Ol® 
and a proton (it is bound by about 60 kev), and it has a reduced 
proton width which is of the order of the single particle limit. 
The latter fact indicates that a good representation of the wave 
function of the state can be obtained by assuming that a proton 
moves in the potential well due to the 0̂-® nucleus, and the former 
fact indicates that this wave function has a very large extension 
in configuration space, very much larger than the extension usually 
considered when setting up Internal and external regions in nuclear 
dispersion theory. When a proton is Incident on the QJ-" nucleus 
and captured, most of the captures take place in the external region. 
This is a direct, non-resonant process to which the Brelt-Wlgner 
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formula does not apply. Some very crude calculations of the writer 
Indicate that the nuclear cross section at low energies is considerably 
larger than that due to Salpeter's resonant extrapolation. Hence 
Salpeter's value of the reaction parameter S is taken to be a lower 
limit in Table 6.1. 

The relative reaction rates of N^*(P,Y)0^^ and 0̂ ® (P,Y)P^''' 
reactions between temperatures of 20 and 60 x 10° ^K are shown in 
Table 6,2. It may be seen that the 0l6(p Y)E^'^ reaction is at least 
as fast as 10"4 to 10"^ times the N^^(p,YJO^'^-reaction, Hence the 
oxygen in Population II stars is utilized in carbon cycle reactions, 
and it is very likely that it is also utilized in stars of solar 
composition. 

This gives one possible explanation of stars with R and M 
spectra. These are red giant stars in which the molecular compounds 
which characterize the spectra are carbides rather than oxides. In^ 
cool atmospheres one of the most abundant molecules, because of its 
large binding energy, is CO (which does not give bands in the 
observable region of the spectrum). Nearly all the carbon or oxygen, 
whichever is of lesser abundance, is 3n the form of CO. The atom of 
larger abundance is then available to f orm compounds with other kinds 
of atoms. Oxygen is normally the more abundant atom; hence oxide 
formation occurs in normal stellar atmoapheres. However, if the 
material in a stellar atmosphere is passed through a region of high 
temperature for an extended period of time, then much of the oxygen 
may be converted to carbon and nitrogen, leaving carbon more abundant 
than oxygen. However, in order for this explanation to work it Is 
necessary for nearly all the oxygen to be converted and for the 
characteristic temperature to be very high, since N^4 has a much 
greater equilibrium abundance in the carbon cycle than 0^2, it is 
also necessary that the C^2 to C^^ ratio be close to 4; this con
dition is satisfied by most but not all of the carbon stars. 

6.6 The neon-sodium cycle. 

Hydrogen tiiermonuclear reactions with the neon and aoaium 
isotopes have been discussed by Salpeter (1955), Powlor, Burbldge, 
and Burbidge (1955), and Marion and Powler (1957). The reactions 
which may be of importance are: 

Ne^°(p,Y)Na21, (6.6,1) 

followed by Na21(^+^ ) NeSl, (6.6,2) 

Ne21(p,Y)Na2^, (6.6.a) 

followed by Na^S (p+v) Ne^^, (6,6.4) 
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Ne22(p,Y)Na23, (6.6.5) 

and Na23(p,a)Ne2°, (6,6.6) 

or Na2^(p,Y)Mg^^. (6.6,7) 

The reaction rate constants for these reactions have been taken from 
the discussion of Marion and Powler, except that their value of the 
Ne**(p,Y)Na22 reaction rate is taken to be a lower limit. 

The Ne20(p,Y)Na21 reaction proceeds through the tall of 
a resonance at the negative bombarding energy of -86 kev. Marion 
and Powler have determined the reduced proton width of this level 
by a very elegant method which uses nuclear dispersion theory ,to 
Interpret the difference in the excitation energies of this level 
and its mirror level in Ne2l, The biggest uncertainty in the 
reaction rate of (6.6.1) is the value assumed for the radiation 
width of the capturing level. Marion and Fowler used an average 
radiation width for magnetic dipole transitions in light nuclei 
(Wilkinson 1956), but Wilkinson's values have a spread of an 
average factor of 20. The error in the Ne**^(p,Y)Na*l reaction 
rate may therefore also be estimated to be a factor 20. 

ites for the Ne (p,Y)Na reaction are 
of the N^*(P,Y)015 reaction in Table 6.2. 
>preciable conversion of Ne^^ to Ne2l 

The reaction ral 
also compared with those 
It may be seen that no appreciable conversion of Ne' 
takes place even in fairly extreme Population II stars unless the 
magnetic dipole radiation width is much higher than Wilkinson's 
average value. Thus it is completely uncertain at present whether 
any appreciable conversion of Ne20 to Ne21 will take place in any 
of the stars before hydrogen is exhausted, 

Marion and Powler have estimated that the Ne21(p-y)Na** 
reaction rate is comparable to their value for Ne20(p^Y)Na21, 
This relies on the fact that Brostrom, Huus, and Koch (l947) 
observed only one definite level in the range of bombarding energy 
0,6 to 1,3 Mev. Hence Marion and Powler assumed that the level 
nearest the Gamow peak is about 400 kev away. However, Brostrom 
et al observed evidence for many more weaker levels in the 
lle21Xp,Y)Na22 reaction, and so the level distance is probably much 
less than assumed by Marion and Powler. T. D. Newton's (1956) 
level density formula, although of questionable validity for such 
a light nucleus, predicts that 6 levels, formable by s, p, and 
d-wave protons, will lie in a 50 kev interval about the Gamow peak. 
Hence it is not unlikely that the Ne21(p,Y)Na22 reaction may be 
thermally resonant and hence that its reaction rate is enormously 
greater than the values given in Table 6.1. 
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The other reactions In the neon-sodium cycle are 
relatively fast. It appears likely that the Na23(p,a)Ne20 
reaction rate is much faster than the Na23(p,y)Mg24 rate. 
Hence there would be only a small rate of leakage of nuclei, 
from a hypothetical neon-sodium cycle. 

To summarize, it is a completely open question as to 
whether the Ne20(p^Y)ifa*l reaction can take place to an appreciable 
extent in any of the stars; on the basis of average nuclear parameters 
it would not. If it doea, it seems likely to be the slowest reaction 
in the neon-sodium cycle, so that any Ne2l formed is likely to be 
fairly quickly returned to Ne^O by further reactions. However, this 
second conclusion la by no means certain either. 

7. STELLAR EVOLUTION, 

We are now ready to consider the results of detailed 
computations of evolutionary sequences of stellar models. So far 
these sequences have become available only for the hydrogen 
consumption stages of stars not much more massive than the sun. 
Later, when we are interested in the more advanced stages of 
stellar evolution, we will have no detailed stellar models to 
guide us, and we will have tb take a general approach when dis
cussing the likely course of nuclear reactions in stellar Interiors. 

7,1 The gravitational contraction phase. 

The tracks followed in the Hertzsprung-Russell diagram by 
stars have been obtained with the aid of an electronic computer 
by L.O. Henyey (1956) with collaborators. It was found that the 
stars follow a nearly-horizontal course to the left in the H-R 
diagram until they reach the vicinity of the main sequence. At 
this point the luminosity of the stars decreases slightly and the 
stars settle on to the main sequence for an extended period while 
they exhaust their central hydrogen. Only the more massive stars 
were considered, those which operate on the carbon cycle and have 
central convectlve zones surrounded by radiative envelopes. The 
times spent on the main sequence by these stars have been obtained, 
but detailed results have not yet been published, 

Henyey and his collaborators have not taken into account 
the presence of extensive outer convection zones in their gravltatlonally 
contracting models, nor have they considered the effects of deuteriiim 
consun^tion. Now it is generally found that outer convection zones 
cause a decrease in luminosity of faint main sequence stars, so it is 
possible that the gravitational contracting tracks in the H-R 
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diagram may be lowered on this account. 

It has been found that the abundance of lithiumf in 
the sun is only about one per cent of the abundance in the earth 
relative to elements like sodium (Greenstein and Richardson 1951), 
On the other hand, the abundance of beryllium is essentially normal 
(Greenstein and Tandberg-Hanssen 1954). This indicates that the 
material in the solar surface has been raised to a temperature in 
the range 3 to 4 x 106 ®K at some period, sufficient to destroy 
most of the lithium but very little of the beryllium. The recent 
solar model of Schwarzschild, Howard, and Harm (1957) contains an 
outer convection zone which extends inward only to a temperature 
close to 1 X 10^ OR, which will destroy only deuterivim. Hence 
it is evident that the solar convection zone must have been 
sufficiently more extensive in the gravitation contraction stage 
to reach temperatures of about 3.5 x 10° °K and to reach them at a 
time when the central temperature of the sun was not a great deal 
higher than this figure. Hence the sun may have been completely 
convective during the even earlier deuterium consumption stage, 

7,2 Evolution of the sun. 

Schwarzschild, Howard, and Harm (1957) have found frcan 
computations that the sun had a central temperature of 13 x 10^ ̂ K 
and a central density of 90 gm./cm.^ when it first settled onto the 
main sequence. It then had a radiative core and envelope surrounded 
by an outer convection zone. It may be noticed from Plgures 6,4.1 
and 6.4.2 that at 13 x 10° °K the energy generation is almost 
entirely by the proton-proton chain and the generation varies only 
as the fourth power of the temperature. This does not cause a very 
high temperature gradient at the center of the sun, and hence the 
centers of the sun and fainter stars are in radiative equilibrium. 

Schwarzschild et al followed the change in the solar model 
which occurs as hydrogenTs converted into helium. Orig5.nally 80 
per cent by weight of the material in the sun was hydrogen. Now 
the hydrogen abundance of the center of the sun is only 30 per cent 
by weight. In order to maintain the energy generation the central 
temperature has risen to 15 x 10° °K and the central density to 
130 gm./cm.^ The outer convection zone in the sun occupies 18 
per cent of the radius but contains only 0,3 per cent of the mass. 
The sun has become brighter by half an astronomical magnitude during 
the last 5 x 10^ years. This means that 2 x 10^ years ago the solar 
luminosity was 20 per cent less than now, and, if the surface 
temperature of the earth varies as the fourth root of the solar 
luminosity, the average terrestrial surface temperature was then 
equal to the freezing point of water. This may have had fairly 
significant effects on the evolution of life on the earth. 



7,3 Evolution of Population II globular cluster stars. 

The evolutionary tracks of globular cluster stars after 
they leave the main sequence have been shown in Figure 3,3,1, It 
may be seen that there is a gradual rise off the main sequence, a 
slight swing to the right, a rapid rise in luminosity at constant 
surface temperature, a swing upwards and to the right lintil the 
tip of the red giant branch is reached, followed by a decrease in 
luminosity and a movement to the left of the diagram on the 
horizontal branch. The principle features of these evolutionary 
sequences have been explained in a series of models computed by 
Hoyle and Schwarzschlld (1955). More accurate results from an 
electronic computer have been obtained by Hoyle and Haselgrove 
(1957), but their results have not yet appeared in print. They 
have been briefly discussed by Bondl (1956), 

Hoyle and Haselgrove assumed a mass of 1.26 times that 
of the sun for the typical globular cluster star whose evolution 
is to be followed, since the resulting sequence of models compares 
well with the appearance of the H-R diagram for the cluster M3. 
After the star settles onto the main sequence the hydrogen is 
ccmsumed in the central regions by the proton-proton chain. As in 
the case of the sun, as hydrogen becomes depleted the central 
temperature and density increase. After some time the carbon cycle 
takes over the burden of energy generation. Inducing a convection 
zone at the center of the star which includes about 8 per cent of 
the mass. This convection zone exhausts the central hydrogen after 
a period of some 6 x 10® years. During this time the luminosity of 
the star has increased about 0,75 astronomical magnitudes without 
appreciable change in surface temperature. The corresponding track 
lies straight up in the H.R diagram. 

After the central hydrogen has been exhausted, a change 
in the structxire of the star must take place. The energy generation 
must now come from the hydrogen surrounding the helium core. Because 
of the strong dependence of the energy production on temperature, the 
effective thickness of the energy-producing region is only a small 
fraction of that of the core. Hence this energy-producing zone will 
be called a shell source of energy. Initially there is a teniperature 
gradient within the core. This cannot persist very long because 
the only source of energy in the core is now gravitational contraction, 
and at this stage of evolution practically no energy is released 
in the core by gravitational contraction. Hence the core aaist 
become liothermal, Hoyle and Haselgrove find that the stellar 
luminosity suddenly increases by half of a magnitude when the 
transition to tiie shell source takes place. They suggest that 
in a more massive Population I star this transition to a shell 
source may cause the star to Jump across the Hertzsprung gap, , 
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As the shell source generates ener-gy it consumes more 
hydrogen, and liie mass of the inert helium core increases at a 
rate proportional to the luminosity of the star. The luminosity 
of the star continues to increase. The actual track in the H-R 
diagram goes partly to the right as well as up. Indicating that the 
stellar envelope is expanding slightly during this time. Hoyle and 
Haselgrove find that it takes an additional 1 x 10® years for the 
star to reach the point at which the track in the H-R diagram turns 
sharply upward. 

At this point an extensive outer convection zone sets in, 
and the star increases rapidly in luminosity. The presence of an 
appreciable abundance of metals in the star would cause a con
siderably different track to be followed at this point, one lying 
much to the right of that of the globular cluster stars. However, 
this is almost entirely due to conditions of greater opacity in 
the envelope, and there would be little effect on central conditions. 

The shell source continues to operate as the star pro
gresses all the way up to the tip of the giant branch. As the 
evolution becomes advanced the temperature in t he shell source 
increases, until near the tip of the giant branch temperatures of 
50 or 60 X 10° °K can be expected, taking Pccounc of the new low 
reaction rate for the N-'-^(P,Y)0^° reaction in ?eblf' 6.1. At the 
tip of the giant branch about half of the musa of the star is in 
the inert helium core, Hoyle and Haselgrov* find that a little more 
than 6,5 X 10^ years is needed for the stars 'oo reach tie tip of 
the giant sequence in M3. 

At this stage the core is no longer isothermal. The very 
high stellar luminosity indicates that material is being rapidly 
added to the core. The core contracts quite rapidly and there is now 
a fairly rapid release of gravitational energy in it. At the tip 
of the giant sequence the central density has reached about 10^ gm./cm. 
and the central temperature has reached the vicinity of 100 x 10° ®K, 
The center of the star is a degenerate gas, and energy transport is 
by conduction, a very rapid process which keeps the temperature 
gradient very small at the center of the star. The shell source 
lies in a non-degenerate region, and most of the temperature difference 
between it and the center occurs in the outermost parts of the core. 

This sequence of events is radically changed at the tip of 
the giant branch by the onset of helium thermonuclear reactions. We 
have already seen that a degenerate gas cools when it contracts and 
is heated when it expands. Now in an ordinary star there is a natural 
balancing process; if thermonuclear reactions start generating too 
much energy, the star expands, the gas cools, and the thermonuclear 
reactions are quenched. This will not happen when helium thermonuclear 
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reactions start in our degenerate core. Once the central temperatiire 
has risen to the point where the energy generation exceeds the outward 
flux of energy, the expansion that occurs is accompanied by heating 
and by an Increasing excess of energy production. Hence the situation 
is very unstable, and at some point a rapid expansion of the core, 
acccsttpanied by a great deal of energy production, must take place. 
This will continue until the core material has become nondegenerate 
and the natural balancing process can quench the central reactions. 
The energy generation will take place throughout most of the core 
because the high conductivity of the degenerate material maintains 
the temperature nearly constant throughout the expansion until the 
material becomes nondegenerate and its opacity increases. 

Current calculations with stellar models do not take us 
beyond the onset of this first central instability in a star. Therefore 
any further statements about stellar evolution must be very speculative. 
We must rely on the empirical evidence of Plgure 3.3.1 that our 
stellar models should next occupy the horizontal branch and must 
eventually wind up as white d.varf stars. It is quite likely that 
some of the stars will attain very high central temperatures and 
densities In this process. The situation is complicated because 
it has also been observed that some stars eject mass into space 
at these advanced stages of evolution. 

Hoyle and Schwarzschlld (1955) calculated some preliminary 
stellar models in which it was assumed that the energy generation came 
frcmi central helium reactions and a hydrogen shell source. These 
models lie in the region of the horizontal branch but somewhat above 
,lt. Rirthermore, they assume that the distribution of chemical 
composition in the star was not altered following the expansion of 
the core. This is questionable. 

During the core expansion it is likely that a great deal of 
energy will be generated in the central regions. After the matter 
has become nondegenerate there will be a very steep temperature 
gradient in the central regions which must drive an extensive and 
vigorous convection zone for a short period of time. This convection 
zone is likely to extend into the radiative hydrogen envelope and to 
mix a lot of hydrogen into the interior regions. 

One possibility is that the star will be nearly uniformly 
mixed throughout (M. Schwarzschlld, private communication}. In this 
case it may jump to the left of the horizontal branch and then work 
its way up to the giant branch again as the central hydrogen Is 
exhatisted once more. If the mixing is much less extensive than 
this, then it is possible that hydrogen would not succeed in mixing 
,all the way to the center, owing to the high rate of energy 
generation from the carbon cycle and local expansion of the volume 
elements containing the hydrogen when they enter regions of high 
temperature. It is also possible that the hydrogen is mixed 
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t o the c e n t e r but very r a p i d l y exhausted t h e r e a t tengjeratures i n 
excess of 100 x 10° °K, These d i f f e r e n t p o s s i b i l i t i e s w i l l be of 
cons ide rab le i n t e r e s t to u s when we cons ide r heavy element s y n t h e s i s 
by neut ron p roduc t ion and c a p t u r e . 

8 , HELIUM THERMONUCLEAR REACTIONS 

He^ i s s t a b l e i n a s t e l l a r i n t e r i o r u n t i l v e r y h igh 
temperatures a re r e a c h e d . The r ea son for t h i s i s t h a t the L l ° 
and Be^ n u c l e i a r e uns t ab le a g a i n s t p a r t i c l e emis s ion ; hence a 
He^ nucleus cannot capture a p ro ton or another a l p h a - p a r t i c l e 
except momentar i ly . However, when we go t o ve ry h igh teniperatures 
and d e n s i t i e s , the pro tons have d isappeared but the momentary 
cap tures of one a l p h a - p a r t i c l e by ano ther assume g r e a t importance* 

8 ,1 The formation of carbon, 

Be^ i s u n s t a b l e to a break-up i n t o a l p h a - p a r t i c l e s by 
9 4 + 1 knv (1/V.A. Powler, p r i v a t e communicat ion) . Hence a t h igh 
temperatures and d e n s i t i e s when kT v. 10 kev, smal l amounts of Be° 
can be maintained in thermal e q u i l i b r i u m wi th the he l ium. These 
amounts can be c a l c u l a t e d from s t a t i s t i c a l mechanics ; we need t o 
know only the sp in and d i s i n t e g r a t i o n energy of Be° and t h a t the 
cond i t ions for s t a t i s t i c a l e q u i l i b r i u m are s a t i s f i e d . These con
d i t i o n s w i l l be d i scussed l a t e r . The most Important c o n d i t i o n i s 
t h a t t h e r e should be r e a c t i o n s which form Be° in a t ime s h o r t com
pared t o the l i f e t i m e of t h e s t a g e of s t e l l a r e v o l u t i o n i n which 
we a r e I n t e r e s t e d , and t h a t t he Be° h a l f - l i f e should a l s o be s h o r t 
compared t o t h a t t i m e . These c o n d i t i o n s are w e l l s a t i s f i e d when_ 
the tempera ture reaches 100 x 10° '̂ K and the d e n s i t y 10^ gm,/cm«^. 
The c o l l i s i o n r a t e between the a l p h a - p a r t i c l e s i s then ex t remely 
h igh and t h e Be° h a l f - l i f e i s of the order of 10"*-^° seconds 
(Ajzenberg and L a u r l t s e n 1955) , 

Q 

Hoyle (1954) has written down the number density of Be 
nuclei from statistical mechanics. It is: 

ne - 9.40 X 10-31-473/T ^^2 ^ ^g^^^^j -

4 3 
wherepn-i is the number of He nuclei per cm. and n2 is the number 
of Be° nuclei per cm.^. Hakagawa, Ohmura, Takebe, and Obi (1956) 
have shown that the above relation can be calculated using the same 
form of development that culminated in equation (5.2.2); their 
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derivation has the further useful property of showing that the Be 
nuclei formed have a Hascwell distribution of velocities* It is 
liqportant to be s\ire of this point because the Be® nuclei decay before 
they have time to make many collisions with the other nuclei present. 
However, Nakagawa et al have neglected to include the statistical 
factor of 1/2 whic!r"nust be used when we deal with collisions of 
like nuclei (this expresses the fact that whereas there are N^Ng 
pairs of unlike nuclei in a gas there are only N^/S pairs of 
like nuclei). 

o 

The Be nuc l e i can capture an addi t iona l €a.pha>particle: 

Be®(a,Y)C"''^ ( 8 . 1 . 2 ) 
At T « 100 X 10® K and p = 10^ gm./cm. there are only about 1 
part in 10^ of the He* nuc l e i in the form of Be° . However, the 
oaptm>e of a lpha-par t i c l e s i s a resonant reac t ion which takes place 
through the second exc i ted s t a t e of C*** (Salpeter 1952b), whose 
e x c i t a t i o n energy i s 7.654 + 0.003 Mev. (W.A. Fowler, pr ivate 
communication). The reac t ion ra te of the Be° (a,Y) 0'^ r eac t ion i s 
given by equation ( 5 . 2 . 2 ) , in which i t Is necessary to know c e r t a i n 
nuclear parameters. 

Fowler, Cook, Lauritsen, Lariritsen, and Mozer (1956) have 
shown i n a very n i c e experiment that the second exc i ted s t a t e of C^* 
can be formed by alpha-par t i d e s . They observed the beta decay of B-*̂  
to t h i s s t a t e ; i t was followed by a lpha-part ic le emiss ion . The 
energies of alpha-par t i d e s were measured very accurate ly , g iv ing 
the B«® d i s i n t e g r a t i o n energy and the 0^^ e x c i t a t i o n energy l i s t e d 
above. The spin and p a r i t y of the 7.664 Mev s t a t e are 0+ (the 
experimental evidence for t h i s assignment i s reviewed in a f o r t h 
coming paper by W.A, Fowler) . The a lpha-part i c l e width of the 
s t a t e i s more than 100 times the rad ia t ion width (W.A, Fowler and 
H.£.Oove and A.E. Litherland, pr ivate communications). Hence 
only the rad ia t ion width need be known t o give the r e a c t i o n ra te 
in equation ( 5 . 2 . 2 ) . R.A. Ferre l l (private communication t o W.A. 
Fowler) has computed the r a d i a t i o n width for e l e c t r i c quadrupole 
radia t ion t o the f i r s t exc i ted s t a t e on the bas i s of a nuclear 
model which has been quite succes s fu l in predic t ing other propert ies 
in 0^*. His res \ i l t i s that f y = 1»38 x 10"3 e l ec t ron v o l t s with 
an estimated error of a factor 2 . This error i s the main soiirce of 
error in the r a t e for react ion ( 8 . 1 . 2 ) . Sa lpeter has pointed out 
(E.E. Sa lpe ter , to be published) that one must include a s t a t i s t i c a l 
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factor of 1/3 In the reaction rate. This is a result of the fact 
that we really have three identical particles colliding to form 
C^, and so we must take the number of coniblnatlons of like particles 
taken tiaree at a time. This number is "S^/B, but we have already 
included P§z*t of this in taking N V 2 as the number ( 
to form Be^, 

of pairs available 

Therefore the number of reactions per second per alpha-
particle which form C^* la. -

4.4 X 10-48-1878/T ^ 2 sec.-l (8,1,3) 

where q̂^ « 4,4 x io--*8-1878/T 

™3 

(8.1,4) 

(8,1.5) 

8,2 The formation of oxygen. 

The carbon nuclei which have been formed can capture further 
alpha-particles to form oxygen; 

cl2(a,Y)0l6 (8,2.1) 

There are no resonances in the thermonuclear region for this reaction^ 
and hence the nonresonant contributions from rather distant levels 
must be taken into account. A svirvey of the levels in the 0^° nucleus 
indicates that the following levels probably give the main contribution 
to the thermonuclear reaction rate. The thermonuclear energy region 
lies at an excitation energy of 7.4 Mev. 

6.91 Mev level (2+); The alpha-particle width is unknown; 
call it bi times the single particle limit. The radiation width is 
0,03 electron volts ^ 40 per cent, (Swann and Metzger 1956), 

7,12 Mev level (1-): The alpha-particle width is unknown; 
call it b2 times the single particle limit. The radiation width is 
0,1 electron volts * 60 per cent. (Swann and Metzger 1956), 

9,58 Mev level (1-); The alpha-particle width is 1,27 
times the single particle limit and the radiation width is 6 x 10 -
electron volts (Bloom, Toppel, and Wilkinson 1957, and AJzenberg and 
Laoiritsen 1955), 

13,09 Mev level (1-); The alpha-particle width is 0.016 
times the single particle limit and the radiation width is 28 electron 
volts in the thermonuclear energy region. Although this level is a 
long way away from the Gamow peak it is a very special level in that 
it has large values of both the alpha-particle and electric dipole 
radiation widths. This seriously violates Isotoplc spin selection 
rules in 0^^. 
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The cl2(a,Y)0^® react ion rate Is therefor*/found t o be 
P2 = (17 b i + 360 bg + 9) X 10-14-139 .3 /TV5 ^^ s e c . - l ( 8 . 2 . 2 ) 

^ 3 

= qg^i ( 8 , 2 . 3 ) 

where qg = (17 b̂ ^ + 360 bg + 9 ) x io-14-139»3/T^/^ 

T2/3 (8.2.4) 

8.3 The formation of neon. 

The oxygen nuclei which are formed can also capture an 
alpha-particle{ 

0l6 (a,Y) Ne20 (8,3,1) 

The exc i ted s t a t e s of the N«^0 nucleus l i e a t e x c i t a t i o n energies 
of 1 .63 , 4 .26 , 4 .97 , and 5 .81 Mev (Sperduto 1955) , The Gamow peak 
would come in the v i c i n i t y of 5 ,0 Mev,; hence the react ion i s 
resonant provided the :^*97 Mev l e v e l can be formed by combining 
a lpha-part i c l e s with O-J-̂ , This i s poss ib le only i f the sp in and 
par i ty of the 4,97 Mev l e v e l are both odd or both even. 

The 1.63 Mev s t a t e i s known to be 2+; the spins and 
p a r i t i e s of the other exc i ted s t a t e s are unknown. However, l i g h t 
n u c l e i in th i s region have many propert ies which are s u c c e s s f u l l y 
explained by the c o l l e c t i v e model developed for heavy nuc le i (Bohr 
and Mottelson 1953) , Thus i t i s tenQ>tlng to pos tu la te that the f i r s t 
four exc i ted s t a t e s are p r e c i s e l y the four lowest ly ing s t a t e s which 
w i l l be r o t a t i o n a l l y and v i b r a t i o n a l l y r e l a t e d to the ground s t a t e . 
One would expect 2* and 4+ r o t a t i o n a l s t a t e s and 2-¥ and 3-I- v ibrat iona l 
s t a t e s . The 3-f s t a t e could not be formed by a l p h a - p a r t i c l e s , but i t 
i s l i k e l y to l i e a t a higher energy than the other s t a t e s . We s h a l l 
assume that the 4.97 Mev s t a t e can be formed by alpha p a r t i c l e s , and 
that i t s spin and pari ty are l i k e l y to be 24' or 4-f. 

The radiat ion width i s bound to be 10 or more orders of 
magnitude larger than the a lpha-part ic le width of the 4,97 Mev s t a t e , 
h^noe only the l a t t e r width i s needed for tiie react ion r a t e . Let 
the a lpha-part ic le width of the 4.97 Mev s t a t e be o tim«s the s i n g l e 
p a r t i c l e l i m i t , and l e t d be the product of the r a t i o of the Coulomb 
penetrftbl l i ty probab i l i t y to that for s-wav« a lpha-part i c l e s times 
the s t a t i s t i c a l factor g in the Breit-Wigner formula ( 5 . 2 . 1 ) I f 



•̂  ^^^ ^ r- -w 1̂  •( ^^ -T' "^ ̂ 37^*^-^"'7^''^^'""T^'"^ .^-7^''^*^ ̂ ^ 

-63 -

CRL-41 

the angular momentum of the incident alpha-particles is 0, 1, 2, 
3, or 4, then d = 1, 1.550, 0.465, 0.658, or 0.00469, respectively. 
The reaction rate is 

P3 = 6.34 X 10-29-992/T ^_^^^ sec."^, (8.3.2) 

^ ^ 

(8.3.3) 

where 

= qgni 

q, =6.34 X 10-29-992/T ^^ 
^ ^/2 

(8.3.4) 

reactions; 
Still further alpha-particles might be captured in 

Ne20(a,Y)Mg^^ 

Mg24(a,Y)Sl28, 

(8,3,5) 

(8.3.6) 

and so on. However, these reactions are probably of only minor 
Importance in stellar interiors and they are not discussed in the 
following analysis. 

8.4 Products of the helium reactions. 

We have written the helium thermonuclear reaction rates 
in terms of functions q(T) which depend only on nuclear constants 
and on the temperature. These functions appear in the differential 
equations which descrioe the changes in the abundances of He^, C^*, 
0^^, and Ne*̂ ^ as thermonuclear reactions take place in a helixom 
gas. The equations are; 

dn̂ ^ 3 
— = -3 q̂ n̂̂  - qgn^ng - qgn̂ n̂̂  

dns 3 
^ = qini - qgninj 

^ 

/ 
(8,4.1) 

dn^ 

dt ~ q2nin3 " ̂ 3'^1'^ 

dng 
ST = 'l3'̂ l'̂ 4 y 

Here n^, TIA, and nc are 
Ne^O nuclei. The destr 

,12 rtl6 the niimber d e n s i t i e s of the C"̂ **, 0 and 
trucblon of Ne*'-' has been neglected. 
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Numerical solutions to the above equations have been 
obtained by Hoyle (1964), Nakagawa et ai (1956), and Hayakawa, 
Hayashi, Imoto, and Kikuchl (1956). All these solutions have been 
obtained under the simple assumption that the temperature and density 
of the gas remain constant. The writer gives here some Independent 
solutions of his own, presented in a way which appears to bring out 
more clearly the dependence of these solutions on unknown nuclear 
constants and on the conditions in the helium gas. The solutions 
depend on two parametric ratios: 

^2 = (2.3bi + S2b2 + 1.4) X 1 0 1 1 - 1 3 9 . 3 / T 1 / 3 + 1 8 8 6 / T £ / 3 (8.4.2) 

^1 ^10 ? 

q , « 4.4 X 10-5 + 892/T ^^3/2 
-2 ~ r ~ (8.4.3) 
*ll "^0 ^ 

Here n^Q is the initial number density of He* nuclei and it has been 
assumed that the 4.97 Mev level of Ne^O is 2+. If the latter leva! 
is 4+, the ratio qg/qinio must be decreased by a factor 100. It 
should be noticed that both parametric ratios are decreasing functions 
of temperature. Therefore, if one were to anopt the condition that 
the helium reactions take place with a constant rate of energy 
generation, the temperature would be an increasing function of time 
and the parametric ratios a decreasing function of time. The 
assumption of constant temperature and density means the ratios 
remain constant. 

Solutions corresponding to selected parametric ratios are 
shown in Figures (8.4,1) through (8,4,9), It may be seen that for 
^2/^1 '̂ lO '̂  ̂•^» ^^^ ^̂  *̂ ® main product of the reactions and remains 
in large abundance even when the heli\un is exhausted. For larger 
values of this ratio up to qg/^i n-,© ~ ̂ ^ *̂ ® ^ abundance is large 
to begin with but becomes small when the helium is exhausted. Even 
when qo/qinio " 100» ^ ŝ the principal product during the 
consumption of the first five per cent of the helium. This general 
feature of the reactions is of Importance in the later discussion. 

It may also be seen in these figures that for q^/q^ n^Q = 0.07 
the main end-product of the reactions (except possibly for 
Cl2) is 0^°, However, for the higher values shown for this ratio the 
main end-product is Ne^O, An intermediate case Is shown in Figure 8,4.4. 
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Figure 8 . 4 . 2 
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Hence the question of Ne*'̂  formation depends critically on the 
alpha-particle width of the 4.97 Mev level in the Ne^O, 

Let us consider what values of these parameters are 
likely to arise under different conditions. Perhaps the most 
useful parameter to employ is the rate of energy generation In 
the gas at the start of the helium reactions, when essentially 
th^ only product is 0^2, This energy generation rate can be 
connected fairly readily to the luminosities of the different 
stars even if one does not know the particular combinations of 
temperature and density responsible for it. The initial rate 
of energy generation is 

£ • 4 X 10^4 q^p2 ergs/gm. sec. (8.4.4) 

The density corresponding to various combinations of t and T 
are shown in the following table: 

^ \ 

10? 

1 0 ° 

100 

6 . 4 X l O j 
6 . 4 X lOf 
6 . 4 X 1 0 ° 

120 

2 . 2 X 10? 
2 . 2 X 10* 
2 . 2 X 10° 

140 

2 . 1 X lOf 
2 . 1 X 105 
2 . 2 X 1 0 * 

Here T is in the usual units of 10^ °K and p is in gm./cm.^. 
The globular cluster stars of Population II can be expected 
to consume helium at € -^ 10* ergs/gm. sec. 

The following two tables show the values of the para
metric ratios as functions of £ and T. First the ratio q2/̂ l'*10* 

C\T 

102 
1 0 * 
10^ 

100 

l . l b i + 22bg + 0 . 6 
0 , l l b i + 2 . 2 b 2 + .06 
0 . 0 1 1 b i + , 2 2 b 2 + . 0 0 6 

120 

1 . 9 b i + 42b2 + 1 . 1 
. 1 9 b i + 4 ,2b2+ .11 

[ . 0 1 9 b i + , 4 2 b 2 + .011 

140 

4 . 8 b i + 110b2 + 2 . 8 
. 4 8 b i + l l b 2 + .28 
, 0 4 8 b i + l . l b 2 + .028 

The ratio q3/qin2^Q: 

cN^ ' 
102. 

10® 

100 

600 c 
i 60 c 

6 c 

120 

700 c 
70 c 

7 c 

140 

800 c 
80 c 

8 c 
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It may be seen from these tables that for high rates of 
energy generation the main product will be C^^^ Q16 formation would 
be favored for cases in which ^\ = ^2 ~ *̂ However, on a statistical 
basis it is much more likely that these reduced widths are mijich smaller, 
say bici^bg^O.Ol. In this case most of the value of q2/qx'̂ 10 comes 
from the third terra which is known. In any case, values of qp/Sl'̂ lO 
as high as 100 can be obtained only if the 7.12 Mev level in 6l6 has 
a reduced width comparable to the single particle limit, and if the 
rate of energy generation is very lovi. Hence it appears to be a safe 
conclusion that the main product of the helium thermonuclear reactions 
during the expansion of the core in globular cluster stars will be 
Cl2. 

20 
If the 4.97 Mev level of Ne is 2+ as assumed above, then 

it appears that stars can produce much Ne ^ during the last stages 
of helium consumption for quite small values of the reduced alpha 
particle width, say ortsO.Ol. However, if the level is 4+, then 
substantial amounts of Ne^O are produced only if the reduced width 
is quite large, fi'^l. However, if the 4.97 Vev level cannot be 
formed by combining alpha-particles with 0^®, then neon production 
by helium thermonuclear reactions is negligible, because the 
nonresonant reaction rate would be very much less than the resonant 
rate given hê ê, 

8.5 Carbon stars. 

We will now consider certain classes of stars v/hich have 
abundance anomalies possibly connected with the helium thermonuclear 
reactions. We have already mentioned the carbon stars - those of 
spectral classes R and N - v/hich have an excess of carbon over oxygen 
in their atmospheres. These stars are strongly concentrated to the 
plane of the galaxy. Therefore they are members of Population I and 
they may Include members with very high rates of energy generation. 

We have also seen that one possible explanation for some 
of these stars Is that their atmospheric materials have been exposed 
to high temperatures long enough to destroy most of the oxygon. 
However, this explanation does not explain all the stars (or any 
of them very well), since many of the stars have ratios of C^^ to C^^ 
abundances much larger than the carbon cycle value of 4. 

It appears to be more satisfactory to suggest that most 
if not all of the carbon stars have mixed into the surface additional 
carbon formed by helium therm-onuclear reactions in the core. The 
mechanism of mixing Is not clear; extensive convection zones may 
well have been formed several times for short periods if the 
cores of those stars have repeatedly reached the point of instability. 
However, It is not clear whether these convection zones will extend 
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t-o ••.he sxirface. Soma red giant stars eject large quantities of 
matter into space, and it is possible that this process uncovers 
the material which had been convected part way to the surface. 
There are many puzzles to bo cleared up in this question of 
mixing to the surface. 

If the carbon stars have been enriched in this element 
by mixing the products of helium thermonuclear reactions into the 
surface layers, then it is quite possible that some of them will 
have different isotopic abundance ratios of C^^ to C-*-̂. Those 
with values other than 4 will be cases in which the carbon has 
spent very little time in high temperature regions. However, it 
should not necessarily be assumed that those with ratios of 4 
have achieved carbon cycle equilibrium proportions in which N̂ -* 
is by far the most abundant constituent. The situation Is illustrated 
in Figure 8.5.1, which shows how rapidly the various carbon cycle 
nuclei approach equilibrium abundances as protons are allowed to 
interact with an initially pure G^^ gas. It maybe seen that the 
Cl3 abundance rapidly approaches its equilibrium abundance relative 
to Cl2 and is fairly constant thereafter, while the N^* equllibrliim 
abundance builds up slowly. If the diagram had been properly com
puted using the reaction rate constants given in Table 6.1, the 
final Nl4 equllibrlun abundance would be much higher than shown, 
but the early parts of the curves would hardly be affected. 

Thus we see that the observation that the C*̂  to C 
abundance ratio is 4 is no guarantee that carbon cycle equilibrium 
proportions have been attained. Indeed, it may well be that in 
many cases the attainment of equilibrium would reduce the C^^ and 
Ci3 abundances so much that they would no longer be in excess over 
that of 0^°, and the star would still have an H or S spectrum. 

Stars of spectral class S also show unusually large 
amounts of carbon but in this case the oxygen abundance has not 
been exceeded and the spectrum still contains oxide bands. Other 
kinds of stars showing large abundances of carbon are the CH stars, 
the Ball stars, and the R Coronae Borealis variable stars, as well 
as those to be discussed in the following sections. 

8.6 Wolf-Rayet stars. 

The spectra of Wolf-Rayet stars exhibit prominent 
broad emission lines which are usually interpreted as arising 
from gaseous layers having large velocities of ejection from the 
stars. The W stars are usually deficient in hydrogen and have 
abnonnally large abundances of carbon or nitrogen. Aller (1954) 
states that in a typical WC star the the ratio of helium, carbon 
and oxygen abundances is 50:3:1. The WN stars appear to be similar. 
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Fl^Ture 8 . 5 . 1 
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a re too small t o be shown. The f i n a l e q u i l i b r i u m abundance 
of N-*-̂  should be much l a r g e r than shown, s ince t h i s f i g u r e v/as 
c a l c u l a t e d for old carbon cycle r e a c t i o n r a t e s . 
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but with the carbon mainly replaced by nitrogen, the nitrogen to 
carbon ratio having the typical carbon cycle ratio of 10 or 20. 
These numbers result from an analysis in which the Wolf-Rayet 
atmosphere is assumed to be in thermal equilibrium, and they 
must be treated with great caution. Zanstra and Weenan (1950) 
have shown that if one considers the WC stars to have an extended 
atmosphere excited by diluted radiation, then the helium to carbon 
ratio is about 3 in three examples studied. Weenan (1950) argues 
that even with the opposite extreme assumption of thermal equilibrium^ 
the helium to carbon ratio is considerably lower than Aller's values 
in the three stars studied. 

The W stars therefore appear to be horizontal branch 
objects in an advanced stage of evolution in which much of the 
envelope has been cast off into space and in which the surface 
layer contains a considerable admixture of the products of helium 
thermonuclear reactions. The carbon and nitrogen sequences seem 
to represent extremes in which the 0^2 produced in the core has 
not or has reacted with envelope hydrogen, respectively. Some 
Intermediate cases exist in which the carbon and nitrogen are 
of comparable abundance, and in which either the carbon cycle 
reactions did not go far enough for equilibrium to be reached, or 
only did so for part of the material from the core which is now 
in the surface. 

8,7 Helium stars. 

These are hot horizontal branch stars whose composition 
appears to be similar to that of the Wolf-Rayet stars. Qreensteln 
(1954) mentions cases in which such stars have strong helium and 
carbon lines, but no hydrogen lines. There are also cases in which 
helium, nitrogen, and neon give strong lines and hydrogen gives 
weak llnfcs, Thackeray (1954) has observed a helium star in which 
no lines of hyurogen or oxygen are visible, but in which helium, 
carbon, and neon give strong lines. He remarks particularly about 
the unusual strength of the neon lines, and concludes that the 
oxygen abundance must be less than that of carbon. It also seems 
likely that oxygen is of smaller abundance than carbon in the other 
cases mentioned by Qreensteln. 

The presence of neon in these stars appears to be astro-
physical evidence that the 4,97 Mev level in Ne20 can be formed in 
the 0^^ (a#Y) Ne^^ reaction and that it has a spin-dependent value 
of the reduced alpha-particle width of the order of magnitude 
indicated above. 
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8.8 Helium reactions following mixing. 

It has been suggested above that hydrogen from the 
envelope is mixed into the core when the core expands as hellxua 
reactions start in a globular cluster star at the tip of the giant 
branch. Following the mixing there may be a small but significant 
content of carbon cycle products in the core which can take part 
in later helium thermonuclear reactions. The reactions of interest 
are: 

C^^(a,n)0^^, (8.8.1) 

Nl4(a,Y)F^®, (8.8.2) 

followed by P̂ Q(p"*•-̂ ?)0̂ ,̂ (8.8.3) 

and N^^(a,Y)P^®. (8.8.4) 

The reaction (8,8.1) will be of particular Interest 
to us in the following sections. The neutrons produced are slowed 
down to thermal equilibrium with their surroundings (having an 
energy of about 10 kev at temperatures near 100 x 1Q6 *^K). The 
neutrons cannot be captured by the helium^ since He^ is unstable, 
but they will be captured by other nuclei present in proportiop 
to their abundisnces and capture cross sections near 10 kev. We 
shall consider these quantities in the following sections. 

Fowler, Burbidge, and Burbidge (1955) have suggested 
that the reaction 

Ne21(a,n)Mg24 (8.8.5) 

gives an important source of neutrons In the stellar Interior, 
especially if the Ne^O can have been largely converted to Ne*^ 
during hydrogen consumption in the shell source at high tempera
tures. We saw above that it is questionable whether this would 
occur. 

Another source of neutrons J 

0̂ '''(a,n)Ne2° (8.8.6) 

Is also likely to be unimportant because the 0̂''' is rapidly des
troyed in hydrogen thermonuclear reactions. 

The reaction rate of the Ĉ (̂q>,n)0 ° reaction has been 
estimated in two ways which give upper and lower limits. 
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The cross section for the inverse reaction 0̂ "(n,a)Ĉ '̂  
has been measured by Seltz and Huber (1955). The excitation 
energy in Ol'7 Involved in their experiment lies above the thermo
nuclear energy region. However, they have observed resonances 
which do not show up In neutron scattering (apparently due to lack 
of energy resolution). It is possible to make an approximate 
estimate of the contribution of these levels to the 0^6(n,a)0^3 
reaction at lower energies using the Brelt-JVlgner single-level 
formula. The cross section for the cl3(a,n)0J-6 reaction can then 
be determined using the nuclear reciprocity theorems This gives 
a lower liiult to the reaction cross section in tne thermonuclear 
energy region. 

An effective upper limit to the cross section in the 
thermonuclear energy region Is obtained by assuming that the 6.57 
Mev level in 0^^ has a reduced alpha-particle width equal to the 
single particle limit. This level lies closest to the thermonuclear 
energy region; it has a reasonably large neutron v/idth (120 kev); 
and it can be formed by p-wave alpha-partides bombaraing 0^3, 

The reaction rate so obtained Is 

= (3 + 130f)xl0l6-140/Tl/3 
pxi 
{2/3 

sec.~ , (8.8.7) 

where f is the reduced alpha-particle width of the 6.37 Mov level in 
0̂''' expressed as a fraction of the single particle limit. 

This relation shows that C^^ will start reacting with 
helium at a temperature of about 80 x 10^ °K and will go at a fairly 
respectable rate at 100 x 10® °K, Neutron capture effects will be 
calculated for a temperature of 100 x 10° °K in the subsequent dis
cussion. If the Ne'̂ (̂a,n) reaction Is important it will take place 
at a temperature of about 160 x 10^ °K (Fowler, Burbldge, and 
Burbldge 1955). 

9. THE ABUNDANCES OF THE ELEMENTS. 

It Is a very difficult problem to determine the relative 
abundances of the elements in the universe. We have mentioned the 
aystematic dlfferencea which exiat between Populations I and II, and 
we have seen that certain stars have very peculiar abundances Indeed, 
It is very difficult to make accurate determinations of abundances 
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In s t a r s , even i n the sun. I t i s no t much e a s i e r t o ana lyse o the r 
ob jec t s i n t h e s o l a r system, i n c l u d i n g the e a r t h . A comprehensive 
d i s c u s s i o n of these problems i s g iven by A l l e r (1957) in a f o r t h 
coming book. Some b r i e f comments on t h e s e problems a r e given h e r e . 

9.1 Geochemical abundances. 

The volatile elements are very greatly depleted in the 
earth. Hydrogen aid helium have been lost, together with most of 
the rare gases. Carbon and nitrogen were lost as methane and ammonia, 
and much of the oxygen as water vapor. The remaining eleiBents have 
been concentrated in different phases in the earth. For example, v 
the most abundant elements in the earth's crust are oxygen, silicon, 
aluminum, hydrogen, sodium, calcium, iron, magnesium, and potassium, 
in that order. But for the earth as a whole the most abundant 
elements are oxygen, magnesium, iron, silicon, sulphur, nickel, 
aluminum, calcium, and sodium, in that order. The rarer elements 
often concentrate even more markedly in different phases. Thus, 
although the earth gives us a good idea of what the more abundant 
nonvolatile elements are, it is extremely difficult to make good 
estimates of the terrestrial average abundances of most elements. 
On the other hand, we can obtain very accurate values of the 
relative Isotopic composition of the elements from analyses of 
terrestrial materials. 

9.2 Meteorite abundances. 

Most meteors entering the earth's atmosphere appear to 
be debris from comets; they are quickly broken up and consumed in 
the upper atmosphere. However, some of the brighter meteors survive 
their passage through the atmosphere and can be recovered as meteorites 
on the ground. Most of these appear to be fragments of former bodies 
in the asteroid belt which have been broken up by collisions. 

There are a great many different forms of the meteorites, 
which C€ui roughly be described as Irons^ stony-Irons, and stones. 
The most interesting from the point of view of element abundances 
are the chrondrlte meteorites. These are very numerous and consist 
of conglomerates of broken and partly melted minerals containing 
inclusions of round chrondules and smaller Irregular pieces of 
material. The chrondules appear to have been molten droplets which 
have solidified in free space. Urey (1957) concludes that the 
chrondf*ltes are objects wh^ch result from a melting process, a 
cooling, a shattering process, a reaccumulation into a larger body, 
followed by another shattering process. Urey (1952) proposed that 
the chrondrites themselves give a good sample of the nonvolatile 
constituents of the solar system. Although there are individual 
differences in composition between different chrondrites, Urey's 
view has led to many very useful results. Certainly the chrondrites 
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are far more homogeneous bodies than one can ever find on the earth, 

9.3 Stellar abundances. 

Despite the great difficulties associated with the 
determination of the chemical compositions of the stars, astro
physicists have developed refined theories for interpreting stellar 
Ipectra, and quite good abundances are now available for the more 
abundant elements. The situation has recently been reviewed by 
Greensteln (1956). The better-determined abundances of nonvolatile 
elements agree quite well with those determined in meteorites. 
The abundances of volatile elements like H, He, C, N, 0, and Ne 
must be determined from stellar sources; the situation regarding 
moat of these is fair, but complicated by abundance differences in 
several sources. 

In this connection it may be mentioned that there is 
some preliminary and still inconclusive evidence that the ratios 
of nitrogen to carbon and of neon to oxygen are increasing functions 
of the time of formation of objects in our galaxy (L.H. Aller, 
private communication), This is the sort of behaviour one would 
expect if in the less massive stars now passing through advanced 
evolutionary stages the carbon produced In the core has a greater 
chance of then being processed In the carbon cycle, and if the core 
evolves at somewhat lower temperatures better suited to the 
production of neon. 

Goldberg, Muller, and Aller (1957) have recently made 
improved determinations of the abundances of many elements in the 
sun. Among the more significant of their findings are these: The 
relative abundances of C, N, 0, and H are 3,6, 0.95, 10, and 10,000. 
Iron la allghtly less abundant and chromium more abundant than 
obtained in meteorite analyses. Lead is much more abundant in the 
sun than in the meteorites. 

9.4 The semi-empirical abundances of Suess and Urey, 

For some considerable time it has been known that certain 
properties of nuclear matter were reflected in the abundances of the 
nuclides. For example, the large abundances of nuclides with certain 
"magic numbers" of neutrons and protons were used as early arguments 
for the existence of closed nucleon shells in nuclei. The argument 
has recently been reversed: Suess (1947, 1949) and Suess and Urey 
(1956) argue that the most regular effect of nuclear properties on 
nuclide abundances is the steady progression of the abundances of the 
nuclides with odd mass numbers. Therefore they have maae prelimintiry 
assignments of abundances of the elements from terrestrial, meteorite, 
and stellar analyses. They have then adjusted these so that the 
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abundances of nuclides with odd mass numbers fall on a smooth curve. 
They have been greatly helped in this process by the fact that many 
elements contain two Isotopes with odd mass numbers; theae establish 
the slope of the abundance curve at many places. 

The writer has modified the Suess-Urey abundances somewhat 
to take account of the new solar abundances of Goldberg, Muller, and 
Aller, particularly in the region of the iron abundance peak and in 
the region of lead. The resulting curve as a function of mass number 
is shown in Figure 9.4.1. 

The Suess-Urey semi-empirical abundances have been most 
useful in interpreting the abundances of the elements as resulting 
from the superposition of several mechanisms of nuclear synthesis. 
We shall perform such analyses later. 

10. NEUTRON CAPTURE CROSS SECTIONS. 

We shall see that most neutrons injected into a stellar 
Interior will be captured by heavy elements or by N^', Each C^*(a,n) 
reaction releases 2.2 Mev of energy. If the neutron is captured by 
a heavy nucleus then about another 8 Mev of energy is released. If 
the capture is by N̂ -̂  then a further 3.6 Mev is released. In a 
typical globular cluster star in an advanced stage of evolution 
the energy generation in the core is of the order of 10^ ergs/gm.sec. 
If 20 neutrons are injected per initial silicon atom into some of 
this matter at a rate sufficient to maintain this energy generation, 
then the period of the injection would cover 100 years. We shall 
see that a typical heavy nucleus may capture about 50 neutrons in 
this period, giving a mean time between neutron captures of about 
2 years. However, this is likely to be too short a time because it 
is doubtful that the neutron production will account for all the 
energy generatiitt in the star for such a short period and it is 
also likely that the time required to c apture 20 neutrons per 
initial silicon atom will be extended owing to capture in N^^. 
Therefore, as an order of magnitude we may assume that there will 
be 10 to 100 years between neutron captures in a typical heavy 
nucleus. This process will be referred to as neutron capture 
on a slow time scale. 

Many of the products of the neutron capture are unstable 
to beta emission. If these products have beta decay half-lives 
longer than the half-lives for destruction by neutron capture, they 
can be regarded as stable in the neutron capture process, even 
though in a strict sense a small proportion of such nuclei will 
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decay before capturing a neutron. If the half-life for beta decay 
is shorter than the half-life for neutron destruction, then this 
decay can be assumed to take place before capture of a neutron, 
even though a small fraction of such nuclei may not have decayed. 
In 1;his way it is possible to determine a nearly unique neutron 
capture path which will be followed by nuclei as they capture 
successive neutrons. If a nucleus is not initially on this 
capture path, it will approach the path when it starts capturing 
neutrons and will then follow it. In this .vork it has been 
customary to assume that the neutron destruction half-life and 
the beta half-life are equal for a beta decay half-life of 10 
years and a neutron capture cross section (at 11 kev) of 1 barn. 
The neutron destruction half-life varies inversely proportionally 
to the capture cross section. 

We will now consider briefly the methods which the writer 
uses to compute capture cross sections In the kilovolt region for 
nuclides on the main neutron capture path. Only a very few capture 
cross sections have been measured In this energy region, so it is 
necessary to resort to a theory in order to obtain most values. 

10.1 Nuclides with large level spacings. 

Some nuclides (mainly with low mass nvimbers) do not have 
any neutron scattering resonances at energies below 100 kev. In 
such cases the cross section in the kilovolt region can be obtained 
by extrapolation from measurements at laboratory thermal energies. 
The cross section obeys the l/v law to a good approximation. Now 
at a temperature of 100 x 10^ ̂ K a l/v cross section averaged over 
the Maxwell distribution of velocities is equal to the actual cross 
section at 11 kev. Therefore these cross sections have been computed 
at 11 kev. It turns out that in the case where there are many levels 
the average cross section also varies approximately as l/v, so in 
that case as well the cross sections have been calculated at 11 kev. 

In some nuclides there are only one or two neutron scatter 
resonances below 100 kev, but the lowest lying level is still at 30 
kev or higher. In such cases the procedure has been to assume that 
the thermal capture cross section is entirely due to the lowest lying 
level, provided the scattering shows the level to be formed by 
s-wave neutron capture. This evaluates the product of the neutron 
and radiation widths which appears in the Breit-Wigner formula. 
The cross section at 11 kev can then be computed using this formula, 
assximing the total width of the resonance to be small compared to 
its distance from 11 kev. 

Still other nuclides have one or two scattering resonances 
between zero and 30 kev. In these cases it is necessary to estimate 
the radiation and neutron widths of these levels and to integrate 
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the resulting capture cross sections over the Maxwell spectrian 
to get an average value. The neutron width is usually large enough 
to be measured and the radiation width can be estimated if necessary 
from a semi-empirical formulation of the writer (Cameron 1957 a). 
Such radiation widths have probable errors of about 40 per cen?, 

10.2 Nuclides with small level spacings. 

We now pass over to the case where there are many 
resonance levels in the region of the peak of the Maxwell dis
tribution of energies. In this case it is necessary to estimate 
the capture cross section averaged over the resonances. The 
formula for such an average cross section la: 

r{n,r) = STTSÂ  ^ r A^ (sj + i) f? f 
J, IT ^^JC:: _^^ ^ 

2 (21 + 1) iV^ +r^)D 

Here the summation extends over all levels of spin J and parity n in 
the vicinity of 11 kev. The statistical factor is defined as: 

£ ^ = 2 for I J -^1^ I + 1/2^ J +J, 

= 1 for I J -/|-5> only one of I + l/2 S J +/, 

- = 0 otherwise, 

where X is the angular momentum of the incoming neutron. 

The average neutron width, Tjj# must be calculated from a 
relation like (5.3,1). In the vicinity of 11 kev it is necessary 
to take into account capture by both s-wave and p-wave neutrons. 
Equation (5.3.1) then demands knowledge of the s-wave and p-wave 

- neutron strength functions Yn/^» *^ well as the average level 
spacing IT. In the cloudy crystal ball nuclear model of 
Feshbach, Porter, and Weisskopf (1954) the strength function la 
peaked at certain mass numbers and has deep valleys at intermediate 
mass numbers, A plot of the s-wave strength function is shown in 
Figure 10.2.1, in which the data are taken from a conqpilation by 
Weisskopf (1955) and the line is an empirical fit to the data 
which is consistent with the theory of Feshbach et al (1954), The 
p-wave strength function is not known experimentally, and it has 
been necessary to assume a curve similar to figure 10,2.1, but 
with peaks at intermediate mass numbers as predicted by the cloudy 
crystal ball model and with mass number widths interpolated and 
extrapolated from the curve in Figure 10.2.1, 

Vn 
(10.2,1) 

The level spacings D were calculated from the theory 
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of T. D, Newton (1956) with Improved values of the constants 
(quoted by Cameron 1957 a). This level density formula gives 
values which have an average error of a factor three, thus 
representing a very significant advance over previous level 
density formulas. There Is some hope that further significant 
Improvements can be made In this formula,' and an attempt will be 
made to do this in the near future. 

The level density formula depends on the excitation 
energy in the compound nucleus, which is simply the binding energy 
of the neutron plus 11 kev. In the past the writer has used 
measured values of atomic masses, where these appeared to be good, 
in calculating the neutron binding energy. Where mass values are 
poor or nonexistant, the writer has taken neutron binding energies 
from the empirical formula of Levy (1956), as tabulated by Riddell 
(1956). However, the writer has recently given the semi-emplrlcal 
atomic mass formula a major overhaul and has devised empirical shell 
and pairing corrections to it; the resulting formula reproduces 
measured masses with median errors of about 300 kev# (Cameron 1957 b). 
These values will be used in futxire computations. ~ 

Average radiation widths,Vy, have been computed for 
nuclei of Interest from the semi-empirical formula mentioned above 
(Cameron 1957 a). The values obtained for nuclei which are possible 
menibers of the neutron capture path are shown in Figure 10.2.2* It 
may be seen that there is a general downward trend with mass number, 
on which is superposed peaks immediately below closed neutron shells. 

The only remaining qujantity in equation (10.2.1) to be 
discussed Is the quantity ViV.Jy^)^ This corrects for the fact 
that we have made Independent use of the average neutron and radiation 
v0Ldth8 in the rest of the formula, whereas in fact we should have 
averaged TJ^^iT^ *Tlf) directly. The radiation widths are constant 
to within a few per cent for different levels, but as we have seen 
from equation (5«3*8) the neutron widths can have an enormous variation, 
there being many small widths and a few large ones* If we assume 
a w$dth variation as given by equation (5*3*8), then the correction 
factor las _ «-

1 . 1 . 7 7 2 r j \ ^ / 2 e y / 2 r i ^ -'^^^ V(y) « (1 + y) 

where H(z) K 
;f72 

."or 
J 
I . (10.2.2) 

da (10.2.3) 

This correction factor turns out not to be very ingjortantj I t l i e s 
between unity for y » o or y = ooand about 0,66 for y' - ' l . 
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Neutron capture cross sections computed by these methods 
are shown in Figure 10,?,3, Unfortunately a numerical error was 
made in these calculations which was not discovered until further 
computations based on these cross sections had been made. The 
capture cross sections of heavier nuclei should be about a factor 2 
larger than shown. This error will have little effect on the nature 
of the abundance changes which result from neutron capture, but it 
is important when one considers the competition of the Nl4(n^p)cl4 
reaction for the neutrons. 

There are many measurements of neutron absorption cross 
sections which have been made in fast reactors. In these measure
ments substances have been exposed to a spectrum of neutrons which 
is very different from the Maxwell distribution in which we are 
interested. Most measurements have been done with neutron spectra 
peaking in the 0,1 to 1 Mev region; some have been done with spectra 
giving large contributions in the 11 kev region but peaking below 
it. In order to make a proper evaluation of these measurements it is 
necessary to integrate equation (10,2,1) over the neutron spectrvun, 
a very difficult task often requiring a knowledge of neutron strength 
functions out to. = 5 or 6, The writer does not believe that the 
state of the art at present allows any conclusions about the 11 kev 
cross sections to be based on such measurements which will give 
values superior to those obtained from the simpler theoretical 
procedure outlined above. 

11. NEUTRON CAPTURE ON A SLOW TIME SCALE, 

We have seen that neutrons can be produced in stellar 
Interiors at temperatures in the vicinity of 100 x 10^ ^K, and 
that after being slowed down to thermal equilibrium with their 
surroundings they are captured by the nuclei present in proportion 
to their abundances and capture cross sections. We have also seen 
the nature of the initial abundance distribution of the nuclei and 
their neutron capture cross sections. We shall now consider the 
changes which take place In the abundances of the nuclei as neutron 
capture takes place, 

11#1 Solution of the abundance equations. 

If the abundance of the nuclide with mass number A is 
N(A) and the number of neutrona injected into the abundance unit 
is N (n), then the rate of change of the abundancea la 

dN(A) = N(A-l) 6 (A-1) •• N(A) a (A) (11.1.1) 

dN(n) XNa 
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Neutron capture cross sections at 11 kev computed by the 
methods outlined in Section 10* There is a numerical error 
in these computations; for heavier nuclei the cross sections 
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In solving these equations we neglect for the time being the effect 
of neutron absorption by N^^ and consider that all neutrons are 
captvired by nuclei with mass numbers 20 or higher. The initial 
abundances N(A) are shown in Figure 9,4,1 and the cross sections 
In Figure 10,2,3, We are interested in the abundances which are 
produced as a function of the total number of neutrons injected 
N(n). 

The abundance equations were integrated with the aid of 
an electronic computer. All nuclei were initially considered to 
lie on the capture path except certain ones with large abundances 
such as Fe^^ and Ni^8, whose rate of feeding into the captiore path 
was followed independently. 

The abundances produced by the capture of 5, 10, 15, 
20, 30, 50, 80, and 125 neutrons (injected per initial silicon atom) 
are shown in Figures 11.1,1 through 11,1,8, 

The neutrons are initially captured mostly by the nuclei 
in the iron peak, centered about A « 56, As the capture progresses 
a few nuclei capture many neutrons and are moved up to high mass 
numbers. This "tail" rapidly grows until the abundances of the heavy 
nuclei become much larger than the initial values. The ratios of the 
evolved to initial abundances of these nuclei will be called their 
overabundance factors. 

After the injection of 5 neutrons per initial silicon 
atom the nuclei around A = 70 have become quite overabundant, but 
heavier nuclei have only small overabundance factors. By 10 neutrons 
the heavy nuclei have become overabundant by factors of the order of 
100, The overabundance factors continue to grow as more neutrons are 
added until by 50 neutrons factors of many thousand are reached. For 
still more neutrons the overabundance factors decline. They reach 
a minimum for 125 neutrons. At this point the nuclei originally 
in the iron peak have been transformed into lead and bismuth and the 
overabundance factors are maintained by capture in lighter nuclei. 

The reason that the neutron capture does not build up 
nuclei heavier than lead and bismuth la that above bismuth the capture 
path enters a region where the nuclei have extremely short half-lives 
for alpha-partide emission. Hence any nuclei which get that far 
Immediately decay back to lead isotopes. 

It should be noticed that at all times during the neutron 
capture the general level of abundances below A = 140 Is between a 
factor of 2 and a factor of 10 higher than the general level above 
A s 140, This Is a very significant point which we shall refer to 
when analysing the cosmic abundances of the nuclides. 
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To show the nature of the abundance increases in a little -
more detail, the overabundance factors of a few selected nuclides 
are plotted as functions of neutron number in Figures 11,1,9 and 
11,1.10. The peak overabundance factors may be expected to have 
probable errors of factors of 2 or 3 owing to probable errors of 
factors of 2 or 3 owing to probable errors which exist in the 
formulas from which the cross sections were calculated. 

One other significant piece of information which can be 
obtained from these integrations is the total absorption cross section 
of the heavy elements for neutrons as a function of the number of 
neutrons injected. This is shown in Figure 11,1,11. Owing to the 
errors in the cross sections the ordinates in this figure should be 
approximately doubled, 

11.2 Possible conditions for heavy element synthesis, 

m the earlier discussion it was postulated that the 
onset of helium thermonuclear reactions causes the core of a red 
giant star to expand, and that the large amount of energy generation 
accompanying the production of some C^^ from the heli\im causes some 
hydrogen from the envelope to be mixed into the core. This hydrogen 
would react with the fresh 0̂ 2 to produce other carbon cycle isotopes. 
We see from Figure 8.5,1 that if only a little hydrogen is mixed with 
0̂ 2 the main product formed will be C-'-̂ , but if a lot of hydrogen is 
mixed with 0^2 then we will get carbon cycle equilibrium abundances 
in which most of the material will be Nl4, 

14 
Now N"̂  is a very efficient absorber of neutrons through 

the reaction Nl4(n-p)C^^, which is about 25 times as probable as'the 
reaction Nl4(n,Y)Nl5, The Cl4 produced has a half-life of 5600 years^ 
which is comparable to the time postulated above for neutron production 
to take place in a stellar interior by the C-'-̂ (a,n)0J-° reaction. Thus 
N14 competes very efficiently with the heavy elements for the neutrons 
which are produced. It is necessary to take detailed account of the 
absorption by Nl4 in any consideration of heavv element synthesis 
where the neutrons are produced by the C'̂ (̂a,n)ol6 reaction. Marion 
and Powler (1957) have pointed out that if neutron production takes 
place by the Ne2J-(a.n)Mg24 reaction then the N-'-̂  may have been 
destroyed by the Nl^(a,Y)P^® reaction. 

Some calculations have been carriec? out to determine 
whether heavy element synthesis can take place in the presence of 
N14, We have seen that more than about 8 neutrons per initial 
silicon atom must be captiired by the heavy elements.if large over
abundance factors are to be produced. The calculation took the 
following form: 
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of neutrons up to 28 neutrons injected per initial silicon atom* 
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NEUTRONS INJECTED PER INITIAL SIUCON ATOM 

Overabundance factors (ratios of evolved to initial abundance) 
for some selected nuclides plotted as a function of the number 
of neutrons up to 140 neutrons Injected per initial silicon 
atom. 
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Figure 11.1.11 
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NEUTRONS INJECTED PER INITIAL SIUCON ATOM 

To1;al absorption cross section of the heavy el^nents for 
neutrons as a function of the number of neutrons captured. 
This is the cross section summed over all nuclides in a 
cosmic abundance \uiit initially containing 10^ atoms of 
silicon^ but excluding H^^* 

file:///uiit
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(1) It was assumed that in the expansion of the stellar 
core the helixam thermonuclear reactions create x atoms of C^^ per 
initial He4 atom. Calculations were carried out for several values 
of X ranging from 0,01 to 0,12, 

(2) It was assumed that some hydrogen was mixed into this 
core material, the ratio of the number of admixed protons per Cl2 
atom being treated as a variable quantity in the calculations. This 
hydrogen was allowed to react with the C-'-̂  nuclei, producing other ' 
carbon cycle isotopes in a manner similar to that shown in Figure 8.5,1» 
Calculations were carried out for both the old value of the NJ-4(p,Y)oi5 
reaction rate and for this reaction rate reduced by a factor of 10. 

(3) The C'̂ ^ left over after the exhaustion of hydrogen 
in the above mixture was allowed to react with helivim, producing 
neutrons. The competition for the neutrons by the Nl^ present and 
by the heavy elements was taken into account, using the relation 
shown in Figure 11.1.11 for the variation in the heavy element 
absorption cross section with the number of neutrons captured by 
them. It should be noted that the capture of neutrons by heavy 
elements will have been underestimated by this process, owing to 
the errors of about a factor 2 in the cross sections, and hence the 
present computation is a conservative one. 

Several subsidiary conditions had to be taken into account 
at this stage. The Nl4(n,p)cl4 reaction produces protons. These 
interact with the carbon cycle nuclei present to transform their 
abundances, and it was necessary to follow these reactions in order 
to determine the amount of C^^ regenerated. Calculations were 
carried out for two extreme cases: the asiiiiraption that the C^^ 
produced immediately decayed to N14 (i.e. in a time short compared 
to the time of the neutron production), and the assun5)tion that it 
did not decay to N^^ at all. In the former case the amount of N^* 
neutron absorber stays constant or even increases owing to the 
effects of the protons produced from it. In the latter case t.ie 
amount of Nl4 decreases but one must take into account capture 
protons by the C14(P,Y)N^^ reaction. Calculations were made for 
two ass\imptions about this proton capture: that it took place in 
the tails of known resonances in the N^^ nucleus and that it took 
place through a thermal resonance. In all cases the calculation 
was continued until the C-̂ ^ was completely exhausted by reactions 
with helium, and the total nxjmber of neutrons capttired by the 
heavy elements had been obtained. 

The above calculations were carried out for the Suess-
TJrey abundances of Figure 9,4,1, which may be regarded as solar 
abundances. The situation which would exist in Population II stars 
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was also studied by performing some of these calculations with a 
reduction by a factor of 10 in the abundances of the elements 
relative to hydrogen. 

The results are shown in Figures 11,2,1 through 11,2,3. 
In Figure 11,2,1 it may be seen that even though C^^ is assumed to 
decay immediately to N^^ the heavy elements will be produced with 
large overabundances if x 0,02 and if 0,05 to 0,2 protons are 
admixed per Cl2 atom. In Figure 11.2,2 we see that we have a some
what wider range of acceptible conditions where the Cl4 is assumed 
not to decay to N14. Finally v/e see in Figure 11.2,3 that large 
overabundances of heavy elements can be produced in Population II 
stars over a wide range of mixing conditions. 

If in the process where hydrogen is mixed into the core 
the hydrogen does not reach the center, then a gradient in the 
proton admixture ratio must be set up. The above results indicate 
that large overabundances of heavy elements will then be produced 
in a shell of undetermined thickness. 

There are still further conditions under /hlca the heavy 
elements can be synthesized. Let us consider the equil?bri\am 
ab\indances in the carbon cycle at very high temperatures. These 
are shown in Figure 11,2,4, and were calculated using tne old value of 
the N14(P,Y)O15 reaction rate. It may be seen that the ratios of 
the carbon isotopes relative to N14 increase with the temperature 
until tengjeratures of the order of 100 x 10" °K are reached. At 
this point the mean life of the C^^, C^^, and N̂ -4 nuclei against 
proton capture becomes less than 10 mln\ites - the beta half-life 
of N13, Henge the most abundant member of the carbon cyole becomes 
Ul3^ with 0^° the second most abundant member. This state of „ 
affairs continues until temperatures in the vicinity of 300 x 10 °K 
are reached (it should be noted that essentially a constant rate of 
energy generation is obtained from the carbon cycle in this temperature 
range). At 300 x 10° ̂ K the N13 ig destroyed by the reaction 

N13 (P,Y) 0^4, (11.2.1) 

The reason that this reaction is so slow is that the thermonuclear 
energy region in 0^4 ĝ at an excitation energy of 4,6 Mev, but 
the first excited state is at 6 Mev, Hence the reaction can go 
only in the tails of distant levels. At a temperature of 400 x 10® 
°K the reaction 

N^^ (Y,P) C^2 (11,2,2) 

starts to become important. This soon prevents the carbon cycle 
going beyond G^^, which becomes the most abundant nucleus. 
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Figure 11.2.2 
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Number of neutrons captured by heavy elements under the 
assumption that 0̂ 4 doss not decay to Nl4. The dotted 
curves correspond to the assumption of a thermal resonance 
in the C^* (P#Y) N15 reaction. 
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Figure 1 1 . 2 . 5 
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Pifcure 11.2.4 

The equilibrium abundances of nuclides in the carbon cycle 
at elevated temperatures. 
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We see that from 100 to 200 x 10® K the abundance of 
Ul3 ±Q enormously greater than those of Nl4 and 0^4 combined. 
Hence if the hydrogen swept into the stellar core is exhausted 
at temperatures above 100 x 10° ^K it will leave behind nearly 
p\ire Nl3 plus 0^^, which after beta decay will become C^^ and Nl6. 
If such material is then allowed to react with heliiam the neutrons 
produced will all be captured by the heavy elements. If this case 
can talce place there is a very wide range of conditions which will 
synthesize the heavy elements - one need only have enough parent 
material to produce the neutrons. In the sun there are 11 carbon 
plus nitrogen atoms per silicon atom and 25 oxygen atoms per 
silicon atom. Therefore this is a mechanism which might synthesize 
the heavy elements in very hot stars of solar composition even 
without the assistance of carbon production in a stellar core. 

11,3 Stars with abnormal heavy element abundances. 

We now consider stars which have been observed to have 
large abundances of heavy elements, Bidelman (1953) remarks that 
there is a general strengthening of the lines of the heavy elements 
In stars with S spectra. However, r,o far there is very little 
quantitative data about these stars, Buscombe and Merrill (1955) 
found that the abtindance of zirconium was increased by factors of 
10 and 60 in two S stars as compared t ) a normal M star. The 
star with the higher abundance is R Andromeda, and Greenstein now 
has a program In progress to determine many abundances in this star. 
Powler, Burbidge, and Burbidge (1955) estimate that the rare earths 
in general are increased in abundance in S jpectra by factors of 
10 to 100, but the writer believes that a current concensus of 
opinion would favor the lower of these limits as being closer to 
the truth. These facts suggest that S spectra may be produced b/ 
mixing of the order of a per cent of neutron-evolved material into 
the surface layers of giant stars. These stairs also contain an 
increased carbon content, which is consistent "with the idea that 
neutron production has been associated with carbon production in 
the stellar core. 

But the most striking abundance anomaly in the S stars 
is the presence of the unstable element technetium (Merrill 1952)• 
The isotope of technetium with longest known half-life is Tc^®, 
a member of the neutron capture path considered to be stable 
since Its half-life Is 210,000 years. Greenstein (1954) estimates 
that the ratio of abimdances of Tc and Pe in R Andromeda is about 
5 X 10"5. This is of the order of magnitude to be expected in a 
neutron capttire synthesis followed by a mixing of a small amount 
of the products into the stellar stir face layers. Evidently not 
many Tc^^ half-lives have passed sinee some of the surface material 
In R Andromeda was exposed to neutrons. At the same time it should be 
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noted that the Nb lines are abnormally strong in this star. The 
only stable isotope of this element is Hb^^, which does not lie 
on the neutron capture path* Instead the path contains Zr®^ which 
has a half-life of 9 x 10^ years, decaying to Mb^^. Evidently SOTie 
of the surface material in R Andromeda stopped being exposed to 
neutrons long enough ago for an appreciable fraction of the Zr^^ 
atoms to have decayed to Nb^^, 

Merrill (1956) has observed technetium in two stars with 
N spectra but has failed to find it in two stars with R spectra. 

Stars with higher surface temperatures which appear to 
have compositions similar to those of the S stars are stars classed 
as CH or Ba II stars, Burbidge and Burbidge (1957) have obtained 
quantitative abundances in the Ball star HD 46407. They found that 
16 elements in the range up to and including germanium have essentially 
normal abundances in this star. Most of the heavier elements are 
overabundant by factors greater than 4 and (in the case of Pr) as 
high as 28* The heavier element group includes 17 elements. These 
observatlcms are strongly suggestive that a little less than one 
percent of neutron-evolved material has been mixed into the surface 
layers of this star. No technetium has been found, indicating that 
neutron production ceased affecting the s\irface layers a long time 
ago* 

It should be mentioned that certain peculiar A and P 
stars contain large overabundances of the heavy elements. However 
the overabundance factors disagree quantitatively with the hypothesis 
that they have been produced by neutron capture on a slow time scale, 
and an alternate hypothesis will be discussed later by which these 
ove^€^bundances have been produced by nuclear reactions in the stellar 
surface* 

12. HEAVY ION THERMONUCLEAR REACTIONS. 

We have considered in some detail the nuclear reactions 
which can go on in stellar interiors up to the point where the helium 
has been exhausted. Beyond this stage our discussion must become 
very qualitative, both because we have no stellar models to guide 
us and because the thermonuclear reactions which can take place have 
not yet been analysed in detail. Apparently some of the stars can 
evolve to very advanced stages in which the central temperatures reach 
109 **K» At these higher temperatures new thermonuclear reactions 
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set in which involve reactions between the products of the helium 
thermonuclear reactions, C^^, O-*-", and Ne^^. Because such particles 
are called heavy ions when accelerated in the laboratory, we shall 
call the reactions between them heavy ion thermonuclear reactions. 

Since the production of high ten5>erature3 in the region 
of 109 ®K may be accompanied by the attainment of very large 
densities in stellar interiors, the onset of heavy Ion thermonuclear 
reactions may induce a new instability in the degenerate gas of the 
stellar core. This instability may cause further Internal mixing 
to take place In the star. 

Heavy ion thermonuclear reactions have been briefly dis
cussed by Hoyle (1954) and by Nakagawa et al (1956). Hoyle has 
attempted to follow some of the details of the reactions, but his 
discussion is grossly oversimplified and incorrect In many of the 
details. 

In order to get a feeling for the sort of things that 
can happen in heavy ion thermonuclear reactions, we reproduce a 
list of the exothermic reactions given by Nakagawa et al (1956) 
in Table 12,1, 

Two things are immediately obvious from an inspection 
of this table. The first is that heavy ion thermonuclear reactions 
take place at very high excitation energies in compound nuclei 
of intermediate mass. The level densities in the thermonuclear 
energy regions are therefore very large, and one can calculate 
reaction rates assuming the nonresonant forimila taken with a 
nuclear cross section which Is an average over nuclear resonances. 

The second noticeable fact is that there are many 
reactions in which particles are emitted. The particles of particular 
importance are neutrons, protons, and alpha-par tides. 

The neutrons released at lower temperatures will be 
captured by the heavier elements, giving additional neutron capture 
products on the slow time scale. 

The protons produced cannot add to C-*-̂ , 0-̂ ®, or Ne^^ 
because of the high rates of proton removal by photodlsintegration 
of N13, pl7^ and Na^l, but they will be absorbed by the other 
lightest nuclei present. The alpha-par tides will also react with 
the lightest particles present, 

16 16 
Reactions between 0^" and 0 " do not start until a . 

temperatiire of about 1,35 x 10^ °K Is reached and those of the Ne**" 
with itself start at an even higher temperature. However, these 
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TABLE 1 2 . 1 

EXOTHERMIC HEAVY ION REACTIONS 

Bombarding E n e r g y 
P a r t i c l e s P r o d u c t s R e l e a s e 

Cl2 + 0^2 

Cl2 + 0^6 

0^2 ^ Ne^O 

0 l 6 + 0^6 

0 l « ^ Ne2° 

Se20 + Ne2° 

Y + Mg24 1 3 . 9 5 Mê  
p + Na23 2 , 2 6 
a + Ne20 4 , 6 2 

Y + Si^Q 1 6 . 8 
p + Al27 5*21 
a + MK24 6 , 8 0 

Y + S32 1 9 , 0 
n + s31(|3+o)P'^"^ 4*2 
p + P31 1 0 . 1 
a + S i 2 8 . 12*0 
Be8 + Mg*̂ ** 2*0 
0 l 6 + o l 6 2*4 

Y + S32 1 6 , 6 
n + S^j-(p-«'o)p3J- 1 ,8 
p + P31 7 , 7 
a + S l 2 3 9 . 7 

Y + A^^ ,= 18*5 
n + A 3 6 l p + ^ ) c r ^ 3 . 8 
P + C,J^ 10.0 
a + S32 1 1 , 8 
L l 5 + p 3 1 1 ,2 
Be8 + S i 2 8 4*8 
C-'-2 + Mg24 2 . 2 

Y + Ca^O 20*9 
n + Ca39(p+^)K39 5*0 
P +• Kj9 12*5 

He3 + A3'7(e,-v;)CX^^ 2*0 
a * A 3 6 1 3 . 7 
L l 5 + Chl^ 3*4 
B?o + S32 7 . 0 
Cj2 + S i 2 8 7*4 
p l 6 + Mg24 4 . 6 
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reactions cannot be considered in the absence of accompanying 
photodlsintegrations, to be discussed later. 

The general result of the heavy ion thermonuclear 
reactions is to start building nuclei of intermediate weight 
beyond neon, and to give further contributions to neutron capttire 
on a slow time scale. 

13. PHOTONUCLEAR R3AGTI0NS ON A SLOVV TIME SCALE, 

Photodlsintegration reactions become important in the 
same range of temperature at which heavy ion thermonuclear reactions 
take place, and it is necessary to consider the two kinds of reactions -
together, Hoyle (1954) has indicated the basic method of computing 
photodlsintegration rates. 

Although we have so far encountered only one case in which 
we have statistical equilibrium set up between two nuclei (Be® ff=i 2He*), 
nevertheless we will always have in stellar interiors an equilibrium 
set up between capture reactions and their photodlsintegration 
inverses. This is because, as we shall see later, the Planck 
distribution of radiation is maintained to an excellent degree of 
approximation. Usually, however, the equilibrium favors one 
reaction rate enormously more than its inverse. 

If we have equilibrium set up between the number densities 
njL and ng of two constituents and nng of their capture compound, 
then from statistical mechanics we know the relative amounts of 
each formed: 

n^ ng = / 2TT m̂ ^ mg k \ ̂/^ T^/^ ''^1^2 e^^» (13.1) 

"̂12 \^ "^ ^ I ^ "̂ 12 

ythereoJ-^t ^2> and^^g are the s t a t i s t i c a l weights of the p a r t i c l e s 
and X is the energy of the ground s t a t e of the compound system above 
the sum of the masses of the const i tuent p a r t i c l e s . 

Now the p robab i l i ty of photodls in tegra t ion per u n i t time 
can be se t equal to ^n-,g. On the other hand the p robab i l i t y of 
formation per un i t timer Is 

r = n i ng <'tf v> = q n i n2 (13.2) 
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In equilibrium the d i s in t eg ra t ion and formation r a t e s are equal : 

X n i 2 = q n^ n2, 

or X = q/n i XiQ" 

\ ^ 

= 1*89 X lO^S/Aj^AgXf/^ ,^1 (̂ 2 q T^/^ e * ^ ^ (13.3) 

Ui+A2y c^ig 

Hoyle (1954) has pointed out that a t a teniperature of 
0.8 X 10® °K the following reac t ion se ts ins 

Nê O (Y,a) O^^. (13.4) 

At 1.3 X 10^ °K we also get the reaction 

0^^ (Y,a) G^^. (1&.5) 

These reactions strongly complicate the situation in which we have 
heavy ion thermonuclear reactions taking place. 

Let us consider the reactions which take place which 
destroy the heavy nuclei which have been built up by neutron capttire 
on a slow time scale. Since photonuclear reactions are primarily 
sensitive to particle binding energies, we can get sufficiently 
accurate results for heavy nuclei, if we assume they all have a 
neutron captiire cross section of about 0.4 barns at 11 kev, and 
that this cross section varies as l/v. This means that q is 
constant, equal to 

q = 5*8 X 10"̂ '''. 

Hence X c^ 2*2 x 10^3 jS/S exp / - 0.0116 Bn ,̂̂ ®®*" (13*6) 

/ 
/ 

6 o 
where T is measured in uni t s of 10 K and Bĵ  i s the neutron binding 
energy in electron vol t s* A l i s t of photodis in tegra t ion r a t e s 
as a function of neutron binding energy i s given in Table 1 3 . 1 . 

Now l e t us suppose we have s t e l l a r conditions in which 
the teo^eratxu'e a t the center i s r i s i n g about 10 per cent per 10 ' 
yea r s . This w i l l give us a rough time sca le for photodis in tegra t ion 

'iM&t^X. ' ^ - " " ' . « » . . ^ J . , . . » .•-^., 



TABLE 13.1 

Photodisinte ration rates (sece0l)  as a function of  neutron binding 
energy ( ~ e v . 7 .  
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effects and we will be interested in reactions which have photodisin
tegration rates of̂ l̂O"-"-* sec.~l For substances with neutron binding 
energies of 8 Mev these rates are obtained at T^ 1300 x 10^ o^. Hence 
neutrons will he stripped out of heavy nuclei at temperatures in this 
range. Let us suppose we start with a heavy nucleus on the main neutron 
capture path with even numbers of neutrons and protons. After a neutron 
is removed, the binding energy of a neutron in the product nucleus 
is about 1 Mev less than in the starting nucleus• Hence the photo
disintegration rate for the product nucleus will be - - 10"10 seo."^, 
corresponding to a mean life ̂ 100 years. However,many product nuclei 
will be unstable to positron emission or electron capture with mean 
lives of less than 100 years, and sometimes to negative beta decay. 
Therefore, we will have a series of photoneutron reactions inter
spersed with beta transformations which will gradually break down the 
heavy nuclei into the region of the Iron peak. This process will be 
called photodisintegration on the slow time scale. 

Several nuclei, particularly certain even-even isobars, 
will be formed in these photodisintegration reactions which are not 
formed by neutron capture reactions. However, not all neutron-
deficient stable isobars can be formed in this way. 

14. NUCLEAR REACTIONS IN STATISTICAL EQUILIBRIUM. 

As temperatures and densities still higher than those so 
far considered are reached, a very large number of nuclear reactions 
become possible and take place at very rapid rates. It is at present 
hopeless to try to follow these reactions in any detail, but if full 
statistical equilibrium is attained then it is possible to calculate 
the equillbritun abundances of all the nuclei. This has been done by 
a number of people, but the present discussion will follow that of 
Hoyle (1946), since his paper forms the basis for the supernova model 
which we shall later discuss. 

14.1 The conditions for statistical equilibrium. 

There are a nximber of conditions which must be satisfied 
if statistical equations are to be valid. These are: 

(1) Energy mist be statistically distributed among the 
energy states of translation of each type of particle present. This 
requirement will be satisfied provided all types of particle experience 
an appreciable number of collisions per second. Under conditions of 
interest we will have of the order^of 102» particles per cm.^ all 
with velocities of the order of 10® cm*/sec. The smallest collision 
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cross sections are for the neiitrons which have scattering cross 
sections of the order of IC^^ cm^. The product of these quantities 
is the number of collisions per second; with a value of 10^^, it 
satisfies our requirement by a large margin. 

(2) There must be a thermodynamic equilibri-um between 
matter and radiation. We have already assumed this in calculating 
photodisintegration rates. Since the energies of the photons emitted 
in capture reactions are large compared to kT, the Planck distribution 
function must hold up to values very large compared to kT, To establish 
this condition we must show that a sufficiently large interchange of 
energy takes place between matter and radiation, and that it takes 
place up to energies large compared to kT, We give this requirement 
the precise definition that the amount of thermal energy of material 
converted into radiant energy per second per cm. in any frequency 
range ^)to "O+d-omust be large compared with the equilibrium energy 
density of radiation given by the Flanck formula 

STT h\) ̂  d%:> (14,1,1) 

c^(exp(h\D/kT)-l) 

Under these conditions de ta i led balancing wi l l occur and equal 
quant i t ies of rad ian t energy wi l l be converted into thermal energy. 
We consider h ^ » k T , 

The number of electrons with energy grea te r than EQ per 
cm,^ is given by 

2ne (^ f "^ \ ^ ^ ^ <̂E» (14,1.2) 
TTl/2(kT)3/2 ) E ^ ®^̂  \ kT ) 

where n^ is the number densi ty of e l e c t r o n s . This i s val id since 
condition (1) is s a t i s f i e d . For EQ'>"̂  kT we may make the approximati n 
tha t the above mamber i s : 

Now an electron can lose nearly a l l i t s energy by bremsstrahlung 
emission in a co l l i s ion with a pos i t ive ion . I f the ion has charge 
Z the cross sect ion for this process i s about 5 x 10"'^"z2, Com
bining this with (14 ,1 .3) , then the number of quanta with energy 
greater than EQ emitted per cm^ per second is of the order 
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10-26 neVe \ Z^J'^'nl / ( E^) ' exp \- Eg /, (14.1.4) 

where v^ is the velocity of electrons with energy E^ and the 
suBDnatlon Is taken over all nuclei present In the material with 
number densities n^. Now In thermodynamic eaulllbrlum the number 
of quanta with energy greater than EQ per cm? Is 

J-^PO ;0=̂ cA 
•p2 d V 

exp(hv/kT)-l 
^ 8ITEO kT exp(- EQ \ (14,1.5) 
'̂  c3h3 \ W 

We get an order of magnitude estimate for the time required for 
equillbrlvim to be set up by dividing (14,1.5) by (14,1,4), For 
A =s 4, Z = 2, 2ne « n̂ ** = 10^° cm,"3^ v^ a IQIO cm./sec. EQ a 20 Mev., 
and kT = 0.3 Mev,, this gives a time of the order of 10"12 second. 
Hence otir second condition Is also satisfied by a large margin* 

(3) There must be suitable nuclear reactions connecting 
any two values of Z and A, and a chain of such reactions must be able 
to take place with a mean reaction time for all the steps short com
pared to the time In which we wish equilibrium to be established. It 
Is sufficient to consider only the addition of neutrons and protons 
to nuclei and their ranoval from nuclei. One can connect any two 
pairs of values of Z and A by steps consisting of nucleon emissions 
and additions. 

We have already seen that photoneutron emission rates 
become extremely fast for nuclei in the ordinary range of neutron 
binding energies for temperatures of 3 x 10^ K and above. We shall 
see below that for nuclei In the rare earth region the photoproton 
emission rates are conmarable to photoneutron rates where the neutron 
binding energy is 4 Hev higher than the proton binding energy. Hence 
the conditions associated with the removal of nucleons are generally 
met for temperatures above 3 x 10» **K. 

The rates of addition of nucleons to nuclei will be large 
enough only provided there are substantial numbers of free protons 
and neutrons available in statistical equilibrium. When we consider 
thermonuclear reaction rates it turns out that even for heavy nuclei 
there will be fast enough addition rates for neutrons emd protons 
('̂  1 per second) if about one part In 104 of the number of nucleons 
in the assembly are available as free neutrons and as free protons, 
at temperatures greater than 3 x 10^ ̂ K^ we can see ixmaedlately 
that under conditions of interest, if such a nucleon density does 
not exist initially it will rapidly be established by photodlsln-
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tegration reactions, 

(4) Equilibrium between protons and neutrons requires 
a sufficiently rapid beta transformation to take place. Not only 
must we have short beta half-lives present but they must exist In 
nuclei with large equilibrium abundances, This requires that we 
have some knowledge of equilibrium abundances, which we will obtain 
below. The question of fast beta transformations is intimately 
linked to the rates of the Urea process, also to be discussed below. 
We shall see that the interchange between neutrons and protons is 
the slowest of our necessary conditions to be satisfied; under 
conditions of interest it may take several hours to establish full 
equilibrium between neutrons and protons. However, this time 
becomes much shorter at very high temperat\ares and densities (6 x 10^ *^K), 

14#2 Equilibrium abundances of the nuclides. 

The equations of statistical equilibrium can be derived 
in a number of ways (Alpher and Herman 1950), The abundance of a 
nuclide n^ Is best expressed in terms of np, n̂ ,̂ and T, the number 
densities of protons and neutrons and the temperature (Hoyle 1946), 
The result is: 

-4i n^ = Z /n np + (A - Z)/n n^ + (A - 1)M h' 
(2TrkT)2/2 

- Q^ - 3 Z /n Mp - 3 (A - Z) /ti mn 

kT 2 2 

+ 3 /n m| + in (21 + 1), 
2 

where ^f " ®^ m^ - Z mp - (A - Z) mJ, 

where m^, m^, and m are the masses of the proton, the neutron, 
the nucllde'^Z, A, ^ 

(14,2,1) 

(14,2.2) 

and 
and 

We need a further relation to make the problem determinate 
for a given set of conditions of teirperature and density. This relsblon 
must be one between the number densities of the neutrons, protons, 
and electrons. We can relate these through the beta processes that 
keep the protons in statistical equilibrium with the neutrons, but 
It is necessary to use relativistlc and degenerate relations for the 
electrons at high densities, Hoyle finds for high densities: 
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^ . 8 7 X ] 

if X = / n_e \ l / 3 

1029 

2>l/2 f (14.2.3) 
and y = (1 + x'̂ )-'-/^ - 0.51 

then loSioPn V ^^'^^'^ * 

where T is in \mits of 10^ °K, 

I t should be noted that equation (14.2,1) should be \ised 
for calculating the equilibritom abimdance of every state (with spin I) 
of the nucle\is n^, the energy of excitation being Included in the 
mass m .̂ The total abundance of n^ is then obtained by sxjraming the 
abundances of all the excited states. 

The general nature of tiie solutions to these equations 
has been known for many years (Alpher and Herman I960). Let us 
f i rs t consider tengjerattsres in the vicinity of 4 x 10^ ®K, Her© 
the most abxindant nuclides are those with the greatest average 
binding energy per nucleon. The most abxmdant nuclide is FeS6, 
Hoyle, Fowler and the Burbldges (1956) have carried out recently some 
very accurate calculations irtiich make use of the latest experimental 
Information about the spins and excitation energies of the excited 
states in a range of nuclei in the vicinity of Pe°°, They find that 
the relative abundances of tre isotopes in the elements in the iron 
peak region are quite well reproduced. However, th-̂ - relative abxm-
dances of the elements generally agree somewhat better with the 
solar abundance determinations of Goldberg, Muiler, and Aller (1957) 
than with the abundances of Suess and Urey (1956), Generally 
speaking, however, the cosmic abundance peak centered about Pê ® 
in Figure 9.4.1 is quite well reproduced by these calculations. 

Let us now consider a higher temperature, for example 
6 X 10® OR, When one calculates equilibrium abundances in this 
case i t turns out that nearly al l the ragterlal is in the form of 
He*, There is a subsidiary peak at Fe^°, but this is enormously 
less abundant than He*. Evidently raising the ten^erature has 
produced a sort of photodisintegration of the iron peak. At 
s t i l l higher ten^eratures the abundances of free neutrons and 
protons grow until most of the material is in the form of free 
nucleons. 

file:///mits
file:///ised
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For a given density it turns out that there Is a very 
narrow region of temperature in which the equilibrium abundance 
changes from favoring Pe'̂ ^ by a large factor to favoring He^ by a 
large factor. Hence we can set up a sort of phase diagram In a 
plot of temperature against density. This is shown In Figxire 14,2,1, 
and is plotted from figures given by Hoyle (1946), On one side of 
the line most of the nucleons form Pe^^j on the other side most 
nucleons form He^, We shall see that the key to an understanding 
Of supernova explosions appears to lie in this diagram, 

14,3 The Urea process. 

Some of the nuclides formed with fairly large equillbrlTim 
abundances will be unstable against beta decay. We may consider as 
an example Mn^^, which is unstable against decay into Pe^S by 2,8 Mev, 
In the laboratory the half-life of Mn°° Is 2,58 hours, but we will 
not have this half-life in stars at equilibrium temperatures for two 
reasons. In the first place we are very likely to have equilibrium 
temperatures only at high densities where the electrons form a 
degenerate gas. Therefore there is no phase space available into 
which low energy electrons can be emitted, and the half-life is 
increased. On the other hand there will be a considerable equilibrium 
population of the excited states of Mn^^j some of these can decay 
to Pe56 with a much shorter half-life than the ground stace. It 
seems likely that the latter effect will be more important. 

We might think that under equilibrium conditions the beta 
decay of BUn̂ ^ would be balanced by electron capture in Pe^^ produced 
by bombardment with high energy electrons. However, these reactions 
are not inverse reactions, since a neutrino is emitted whenj.E'ê " 
captures an electron and an antineutrino is emitted when Mn*̂  emits 
an electron. The neutrinos and antineutrlnos escape from the 
star with negligible nuclear interactions. Hence the matter and 
the neutrinos are not in thermodynamic equilibrium, and we do not 
have detailed balancing in beta decays. However, we must have a 
general balance between the neutrons and protons in the matter, 
and this general balance is maintained by positron emission and 
electron capture in nuclei like Co°^. Hoyle (1946) estimates that 
at very high densities (lOH gm,/cm,^) there is a mean time of 
about 100 seconds required for equilibrl\am to be set up between 
the neutrons and protons. 

The process by which the star loses energy in the form 
of neutrino emission has been called the "Urea" process by Gamow 
and Schoenberg (1941), They computed rates of energy loss by the 
Urea process, but their calculations are not applicable for two 
reasons: they assumed detailed balancing between beta emission 
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and electron capture for a given palt of nuclei and they assumed 
a nondegenerate electron gas. Nevertheless the energy loss 
provided by neutrino emission under equilibrium conditions Is 
very important in that it can Induce a slow collapse of a 
stellar core, thus bringing about higher central tei^peratures. 

15. SUPERNOVA EXPLOSIONS 

We have now followed the trend of the nuclear reactions 
In stellar Interiors to very high temperatures and densities. The 
observational evidence derived from stars with unusual abundances 
of the elements does not show directly that temperatures above about 
1,5 X 10° ''K have been reached. However, the equilibrium con
ditions we have described form the convincing framework for a 
theory of supernova explosions, 

15,1 Observed characteristics of supernovas. 

Every few centuries one of the stars In a galaxy flares 
up In a gigantic explosion in which much of Its mass is thrown off 
Into space with velocities of several thousands of kilometers per 
second. The light output at maximum can exceed that of the sun by 
a factor of 10^ or more. Every supernova appears individualistic 
to some extent, but most of the properties of the explosions can 
be put Into one of two groups. 

Type I supernovas appear to belong to the stars of 
Population II, since only supernovas of this type appear in elliptical 
galaxies. In these explosions the light rises to a maximum in perhaps 
about two weeks after the first rise in the light curve(the rising 
portion is very poorly observed for obvious reasons). After maximum 
the curve falls rapidly, but after 50 to 100 days the light curve 
flattens off, decreasing thereafter at the constant rate of 0,0137 
astronomical magnitudes per day. This is an exponential decrease 
corresponding to a half-life of 55 + 1 days. The light curve of the 
supernova In the galaxy IG 4182 is Thown In Figure 15,1,1 (Prom 
Baade, Burbdlge, Hoyle, Burbldge, Christy and Fowler 1966). This 
is a particularly significant supernova because It occurred In an 
unusually small galaxy and it was brighter than usual. Hence the 
light curve could be followed very far into the exponential tall; 
more than 10 half-lives are covered in the figure^ and there is no 
sign of a departure from the exponential decay at the end of this 
time. 
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The spectra of Type I supernovas are like those of no 
other celestial objects. They consist of broad emission bands (the 
breadth of the bands being attributed to the Doppler shifts of lines 
emitted from the ejected gases). These bands have not been identified 
with known optical transitions. There is no noticeable continuum of 
emission underlying these bands. 

Type II supernovas appear to belong to Population I stars, 
since they are usually associated with the gas and dust in the arms 
of spiral galaxies. The rise and early fall of their light curves 
resemble those of Type I supernovas, but the rate of fall continues 
to be very steep, and there is no sign of an exponential tail. Also 
the spectra of these objects resemble spectra obtained from nova 
explosions - the spectra of hot objects with recognizable absorption 
lines. The total amount of energy released in Type II supernova 
explosions appears to be somewhat less than in Type I supernova ex
plosions, 

15,2 A possible supernova explosion mechanism. 

Let us consider some of the conditions which must be 
satisfied before very high central temperatures (***4 x 10^ ®K) can 
be reached in a star. At such high ten5)eratures the internal heat 
content of the matter is enormous: it can be supplied from nuclear 
reactions (converting hydrogen into iron) only at very high densities. 
But at very high densities the electrons form a degenerate gas, which 
has a very high thermal conductivity. 

We have already seen that degenerate stellar cores will 
tend to be isothermal in the case of stars entering the giant branch 
in the H-R diagram, and their temperatures will rise appreciably above 
those of the shell so\irces supplying the energy generation only at 
very high Iximinositles, when the energy release at the center from 
gravitational contraction becomes large. We have also seen that 
the degenerate cores must expand when the rise in the central tempera
ture allows helium thermonuclear reactions to start. 

The details of stellar evolutionary tracks In the H-R 
diagram during the helium consumption and subsequent stages are not 
known. Quite possibly different stars take quite different paths, 
depending on such details as the initial angular momentum of the star 
when formed, as well as upon slight differences in chemical 
composition. However, we will assuke that some of the stars attain 
high Iximlnosity during or after the consumption of their helium. 
Such stars may then add mass to an inert core fast enough to cause 
a rapid central contraction and hence tenqperaturea considerably in 
excess of 2 x 10° ©K, If the star has had this very high luminosity 
during the helium consumption stage then the inert core ia probably 
largely composed of C^^, 
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9 o 
If the central temperature reaches 6 x 10 K, carbon 

thermonuclear reactions will commence. This may c&\ise another core 
expansion accompanied by internal mixing throughout much of the 
stellar interior. 

It is not clear whether to expect a series of core 
expansions and contractions as different heavy ion thermonuclear 
reactions commence. However it should be noted that once the 
•central temperature gets much above 10® °K we will have heavy 
ion thermonuclear reactions which form nuclei of intermediate 
weight (neon to calcium). Some of these nuclei are beta-unstabie, 
as may be seen in Table 12,1. At the same time photonuclear 
reactions take place which remove alpha-particles from oxygen 
and neon as well as from the products of the heavy ion thermo
nuclear reactions. Some carbon will be formed from these alpha-
particles. The situation will have to be examined in detail to 
determine the rate of formation of beta-unstable nuclear species 
as well as the formation of nuclides with small beta stability 
whose low-lying excited states can capture or emit electrons. 

Accompanying these beta transformations will be neutrino 
and antlneutrino emissions. These particles carry energy directly 
away from the stellar interior. It is very important to determine 
the rates of neutrino emission from heavy ion thermonuclear products 
as functions of temperature and density. Neutrino emission is a 
powerftil cooling mechanism which can induce a slow collapse of the 
stellar interior, despite the presence of energy-yielding thermo
nuclear reactions. 

If a neutrino-induced collapse of the stellar interior 
sets in, then it appears that a supernova explosion will inevitably 
he produced. Accompanying the collapse will be an increased 
central temperature which will increase the rate of neutrino 
emission. Very little additional energy is obtained as the 
products of the heavy ion thermonuclear reactions are converted 
into iron peak nuclei at the higher temperatures where statistical 
equilibrium sets in, 

Hoyle (1946) has pointed out that the collapse of the 
stellar core induced by this Urea process will be a slow process, 
taking many millions of years. The collapse becomes considerably 
faster towards its later stages in which the central teraperatvire 
approaches 5 x 10® ®K, At this point the central conditions reach 
the vicinity of the boundary line In Fig. 14*2,1. When the central 
temperature is increased beyond about 5 x 10 °K the equilibrivim 
composition of the material must change from favoring Fe^® to favoring 
He4, 
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Now Pe Is the nucleus with the greatest binding 
energy per nuoleon. The net result of all thermonuclear reactions 
which produced it was a release of energy, a major fraction of 
which has been lost from the star by radiation and neutrino emission. 
When the central temperature crosses the boundary line in Pig, 14,2,1 
the Pe56 must be broken up into alpha-par tides, a process which may 
descriptively be called the photodisintegration of the Iron peak. 
This process requires a large source of energy before It can take 
place, 

lEhe only available source of energy is the gravitational 
potential energy of the core. Hence the transformation from Pe56 to 
He^ must be accompanied by a very rapid collapse of the stellar core, 
a collapse which is limited only by the rate at which beta trans
formations can preserve equilibrium between neutrons and protons, 
Hoyle (1946) calculates that the period of the collapse will be about 
100 seconds, A more refined estimate is very desirable. 

Let us now consider what happens in the stellar envelope 
when the core collapses. The outer layers of the envelope may contain 
a mixture of hydrogen, helium, carbon, nitrogen, oxygen, neon, and the 
products of heavy ion thermonuclear reactions, Wien the underlying 
support is removed from these layers they will also fall toward the 
center of the star. The gravitational potential energy thus released 
will suddenly heat some of these outer layers to temperatures of the 
order of 10^ ®K or more. Hydrogen and helium thermonuclear reactions 
then bake place with enormous rapidity, thus raising the temperature 
still further and increasing the nuclear reaction rates. In other 
words, a thermonuclear explosion takes place which will blow off these 
outer layers with velocities of thousands of kilometers per second. 
This is the visible result of the supernova explosion. 

We will proceed to consider the sort of thermonuclear 
reactions taking place in the supernova envelope. These depend upon 
the chemical composition of the reacting layers. 

16, THERMONUCLEAR REACTIONS ON A PAST TIMS SCALE, 

At the very high temperatures which are reached in 
thermonuclear explosions in supernova envelopes there is far less 
dependence of the reaction rates on atomic number than is the case 
at lower temperatures. Therefore it is necessary to consider a 
very much wider range of hydrogen and helium thermonuclear reactions 
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than we have done so far. Because this topic is a very new one 
very few of the necessary calculations have been done* 

We shall consider fast time scale reactions In an order 
which may correspond to a succession of envelope layers lying 
progressively farther from the collapsing core of the supernova* 
First we consider regions where hydrogen Is absent, then deficient, 
and finally very abundant* 

16*1 Heavy Ion reactions on a fast time scale* 

The first case to be considered Is that In which the 
supernova envelope layer contains no hydrogen and only moderate 
amounts of helium at most* We will assr2me that the temperature 
of this layer Is raised to the range 1 to 2 x 10^ °K during the 
iB^loslon* In this temperature range the helium will rapidly 
react to form carbon and heavier nuclei. Carbon thermonuclear 
reactions will be very rapid. The energy released In these reactions 
may be sufficient to raise the temperature to about 3 x 10^ OR, 
thus allowing equlllbrliim conditions to be set up to a good approxi
mation. In this way the nuclei of the Iron abundance peak can be 
formed In this Innermost exploding layer* This Is probably the 
origin of the Iron abundance peak which Is ejected Into space* 

16.2 Helium reactions on a fast time scale* 

In the case where hydrogen Is absent but helium Is 
very abundant, and the temperature Is raised above about 300 x 
10" °K, we will have the helium rapidly consumed* We have seen 
previously that the higher temperatures favor the Be° (a,Y) Cl2 
reaction* Therefore carbon Is likely to be the main product of 
the fast time scale reactions* 

Certain other con^etlng reactions may be of Interest* 
It may be that In soma oases hydrogen had been exhausted in the 
l]r̂ }lodlng layer at temperatures above 100 x 10^ ̂ K* We have seen 
l*rom Fig* 11*2*4 that the carbon cycle nuclei will then be left 
mostly in the form of NlS^ which will subsequently decay to G^^* 
If this has happened then the Cl3 will rapidly interact with 
alpha-particles during the supernova explosion, thus producing 
a large number of neutrons* We will consider the fate of these 
neutrons below* 

16.3 Neutron production on a fast time scale* 

Next we consider the case in which hydrogen is deficient 
in the ioqploding layer^ having an abundance comparable with the sum 
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of the abundances of carbon, nitrogen, oxygen, neon, and the products 
of heavy ion thermonuclear reactions. The hydrogen Is then likely 
to be exhausted at an early stage in the thermonuclear explosion. 
It is only necess6u?v that the Imploding layers be raised to a temperature-
of about 100 X 10® °K to initiate the explosion. We have previously 
suggested that this temperature may sometimes be reached without 
an explosion taking place, but it was always considered that the 
high temperature of hydrogen exhaustion would be reached in a very 
small part of the star, as compared to the major fraction of the star 
which is Involved in supernova explosions. 

At very high temperatures protons can interact with s<Mne 
beta-stable nuclei to give exothermic (p,a) reactions. The products 
of the reactions and other beta-stable nuclei can only capture protons. 
Very few of the neutron-deficient proton capture products undergo 
exothermic (p,a) reactions. 

Thus, starting with any light nucleus, proton ce^ture 
may be followed by the emission of an alpha-particle, but thereafter 
in general only (P,Y) reactions will occur. Very few of these can 
take place before the proton binding energy drops to such a low value 
that photoproton reactions prevent further proton additions. The 
products must then wait until positron emission occurs before further 
proton captures can take place. 

One possible proton capture chain is shown in Figure 16,3,1, 
Here the initial nucleus is assumed to be Ne^^, This nucleus can 
capture a proton provided the temperature does not exceed about 
600 X 10^ "K; otherwise photoproton reactions willjprevent the 
formation of Na^l. The next step is Na*! (P,Y) Mgz?J "tliis reaction 
is probably consldei'ably faster than Ne®° (P*Y) Na^l, Hence only a 
small amount of Na^l will be present in the envelope when hydrogen 
is exhausted. The writer estimates that Al^S has zero proton binding 
energy; hence Mg22 must beta decay before the capture chain can 
continue. In this way the capture chain shown in the horizontal line 
at the top of Pig, 16,3,1 was constructed. This is not the only 
possible capture chain; In particular, at higher temperatures the 
Al24 (p,y) Sl25 reaction will successfully compete with the beta 
decay of Al24, 

After hydrogen is exhausted some of the neutron-deficient 
capt\are products will be left in the exploding layer. Most of these 
have beta-decay half-lives of a few seconds, so that major portions 
of them will decay during the period of the supernova explosion. 
Meanwhile reactions with alpha-partides are taking place at a slower 
rate than had been the case for reactions with protons. It may be 
seen from Pig, 16,31 that some of the reactions with the beta decay 
products produce neutrons. 
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A chain of reactions which may possibly occur In supernova 
explosions* As long as hydrogen is present, proton additions 
will maintain the horizontal chain of reactions at the top of 
the figure* After hydrogen is exhausted the products of proton 
capture will beta decay and interact with alpha-par tides along 
the vertical lines. Thick arrows show neutron production. 
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We shall be Interested in the results of neutron capture 
In heavy elements, to be discussed below. However, in considering 
the mechanisms of production of neutrons on a fast time scale, it is 
useful to consider the absorption of the neutrons by (n.p) reactions 
in light nuclei. We have already seen that the N-^*(n,p)C^^ reaction 
prevents the synthesis of heavy elements by neutron capture on a 
slow time scale if there is too much N-̂ ^ present, N'̂ * is a case 
which is stable against electron capture by less than the difference 
between the masses of the neutron and the proton. In all cases where 
electron capture or positron emission is energetically possible,-
(n,p) reactions are exothermic. Many such nuclei are produced by 
proton capture in supernova explosions. In general the neutron 
absorption cross sections of these nuclei will be very large and 
their abundances will also be very large compared to the abundance 
of the iron peak. 

Most neutrons are produced by exotheimilc (a,n) reactions 
from nuclei with mass numbers in the 4n + 1 series. It has been 
argued above that the NaSl produced by the reactions shown in Pig, 
16,3,1 would be left with a much smaller abundance than Mg22, The 
latter nucleus will have a large (n^p) cross section and so will its 
beta decay daughter Na*^, It is possible that the formation of 
Sl^S will provide enough neutrons to allow capture in the nuclei 
of the iron peak after destroying the nuclei with large {n,p) cross 
sections. In this case two beta decays must take place before Mg^^ 
can be formed and neutrons can be produced. It will be necessary 
to examine the relative rates of all the reactions considered here 
before any definite answers can be given to these questions. 

The writer believes that the greatest production of 
neutrons on a fast time scale will occur under conditions in which 
the hydrogen abundance in the imploding layer is considerably less 
than the abundance of C-̂ ,̂ We have seen that G^^ is likely to b e 
the main end-product of helium thermonuclear reactions at the very 
high energy production rates which may have occurred in presupernovas, 
We will asstune that this 0̂ 2 has not reacted with the hydrogen 
mixed with it prior to the implosion. 

In this case, when the thermonucleai explosion starts the 
hydrogen will be consxMJied almost entirely in reactions with 0^2^ very 
little of it reacting with other nuclei. The energy released In these 
reactions will be assumed to raise the temperature of the material into 
the range 300 to 600 x 10° °K, If the temperature exceeds about 600 x 
106 ©K then it is likely that the N^S formed by proton cap:^re in 0̂ 2 
will be very rapidly consumed by the reactions N13 (a,p) 0-̂® and 
Nl3 (Y,P) C12. 

The beta decay half-life of N13 is 10 minutes. Hence about 
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one per cent of the N-̂ ^ will decay to C in the first 10 seconds 
after hydrogen has been exhausted. The C^^ produced will rapidly 
Interact with helium to yield neutrons. Some of the neutrons will 
be captured by heavy elements, but it is likelv that most of them 
Will be absorbed by N^^, giving the reaction N^^ (n,p) Cl3* In 
this way the neutrons are regenerated at the expense of the N^^ 
which has been formed by proton capture. However, the protons 
produced in the (n,p) reactions react with the remaining Cl^ to 
replace the N^^^ These interaction cycles can therefore probably 
maintain a large flux of neutrons in the exploding layer for a 
period of the order of 100 seconds, 

16,4 Neutron capture on a fast time scale, 

We have seen previously that heavy nuclides have much 
larger (n,Y) cross sections than light nuclides. These cross 
sections are probably of the same order of magnitude as, but 
somewhat less than, the N^^ (n,p) 0^3 cross section. Hence neutrons 
will be captured by heavy nuclei at a faster rate than by light 
nuclei during a supernova explosion, 

n/e will consider two extreme sets of conditions v/hich may 
control the course of the neutron capture in heavy nuclei, We will 
call these the low flux and the high flux conditions. 

In the low flux case a heavy nucleus will capture a series 
of neutrons until it has become very neutron-rich and its beta decay 
half-life has become short enough to be comparable v/ith the average 
time between neutron captures. Beta decay then competes with neutron 
capture* The beta decay product captures more neutrons until a 
position of short beta decay half-lives is reached again. In this 
process the equilibrium abundances of the neutron capture products 
are all more or less comparable, but with even-even nuclei having 
greater equilibrium abundances than odd mass number nuclei on account 
of their smaller neutron capture cross sections. There will also 
be increased abundances of nuclides with closed neutron shells* 

In the high flux case successive neutron additions to 
a heavy nucleus may occur with a mean interval of some milliseconds* 
This time is much shorter than any possible beta decay half-life in 
the heavy region. Therefore the neutron capture continues until the 
neutron binding energy falls so low that photoneutron emission rates 
become comparable with the neutron capture rates. When this happens 
the heavy nuclide must wait until a beta decay occurs. Generally 
speaking, the beta decay half-lives of these neutron-rich nuclei will 
be in the range 0,1 to 1 seconds, corresponding to decay energies of 
10 to 15 Mev, Further neutron addition up to the photodlsintegration 
limit will follow the beta decay. Thus in the high flux case the 
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nuclei with large equilibrium abundances will be those at the photo-
disintegration limits J their abundances will be inversely proportional 
to their beta decay half-lives. There will on the average be only 
one such nucleus per three mass numbers along the neutron capture path. 
The other nuclei on the path will have very much smaller equilibrl\am 
abundances. 

We shall see later in our disctission of cosmic abundances 
that there is good evidence for the presence of a high flux process 
in the synthesis of the heavy elements. Therefore we shall concentrate 
our attention on this case. 

We have seen that photodisintegration rates are very 
sensitive to particle binding energies. This fact allows us to 
construct a neutron capture path for heavy nuclei in a crude way by 
allowing us to locate approximately the photodisintegration limits 
along the path. 

Let us assTime a temperature of about 600 x 10° *̂ K, This 
is the highest temperature at which one can envisage having neutron 
production by the G^^ (a,n) 0-Lo reaction, since N^* will rapidly be 
destroyed at this temperature- The resulting protons, obtained from 
both the N13 (a,p) Ô ® and Nl3 (Y,P) C12 reactions, will form sub
stances with large (n,p) cross sections which may rapidly absorb the 
remaining neutrons, thus quenching the high neutron flux very quickly. 
We will be interested, therefore, in constructing the equilibrium 
capture path in which the mean time between neutron captures and the 
mean photodisintegration time are both of the order of one second. 
This may roughly represent the conditions in vritilch the heavy elanent 
abundances will be "frozen" at the termination of the neutron'capture. 

Since the nuclei at the photodisintegration limit have 
small neutron binding energies, their nuclear level spaclngs are large 
and their radiation widths are small. Hence such nuclei would have 
average neutron capttire cross sections at 11 kev much smaller than 
the values shown in Figure 10,2,3, Let us assume a value of 10 
mllllbarns for this cross section. Then it may be seen from 
equation (13,6) that X ct' 1 sec,"l for a neutron binding energy of 
2 Mev, Hence a very crude neutron capture path corresponding to 
freezing-ln conditions in the heavy nuclei region can be constructed 
by assuming that neutron capture will take place if the neutron 
binding energy is greater than 2 Mev but not if it Is less. 

The writer has constructed such a neutron capture path 
using neutron binding energies computed from his revised semi-
empirical atomic mass formula (Cameron 1957 b). This formula 
contains an empirically-determined shell correction energy term, 
and hence the nuclear shell dependences of the neutron binding 
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energies are reproduced in an approximately realistic fashion. The 
capture path is shown in Pigs, 16,4,1 and 16,4,2, 

In Pig, 16.4,1 neutron captiire is assumed to start in 
Pe°°, Many neutrons are quickly added, and the nuclei reach the 
region of 60 neutrons. At this point there is a big drop in neutron 
binding energies; hence there follov/s a series of beta decays 
interspersed with single neutron captures which maintain the neutron 
number at 50, Thi-S gives a series of nuclei with adjacent mass numbers 
and with large equilibrium abundances. The half-lives of the beta 
decays will be short and there will be little or no odd-even mass 
number variation in their values. The nuclei now approach the valley 
of beta stability, and their beta decay half-lives increase, thus 
giving the nuclei larger equilibrium abundances. Eventually the 
binding energy of the 51st neutron exceeds 2 Mev and rapid neutron 
addition commences again, to be periodically interupted when the 
photodlsintegration limit is reached. Similar large equilibrium 
abundance regions are reached when the neutron number reaches 82, 
126, and, by assumption, 184, The capture path for the heaviest 
region is shown in Pig. 16,4,2, 

Large equilibrium abundances for nuclides with 184 neutrons 
are shown in Pig, 16,4*2, When beta decay produces the nucleus with 
atomic number 106 and mass number '̂ 89 neutron addition is found 
from the calculations to be very rapid again. It must be emphasized 
that this picture Is entirely dependent on the assumption of a major 
closed shell at 184 neutrons. However, assuming the closed shell 
to be correctly located. It is doubtful that the capture path will 
reach element 106, The capture path has by that time approached 
the valley of beta stability fairly closely and the nuclei on it 
have values of ZVA con̂ jarable to the of Cf^°2^ Z^/A is a parameter 
which is correlated with the fissionability of nuclei. Thus the 

' neutron capture path will probably be terminated by fission somewhere 
in the vicinity of atomic number 103 and mass number 287, 

It Is not clear exactly how the fission will occur* The 
,fission widths are larger for the higher excited states of the nuclei, 
and hence spontaneous fission is unlikely to be the mechanism 
terminating the neutron capture chain. Excited states are produced 
following neutron capture and also following beta decay. It Is 
therefore likely that fission produced by neutrons or following beta 
decay terminates the chain. The latter process might be called 
"delayed fission", 

Swiateoki (1955) has found a correlation between the 
asymmetry of mass splittljig In fission-and Z^/A, Hence we may 
expect the nucleus 103^°' to split into fragments with about the 
same mass ratio (1,34) as in the fission of Cf*^^, This would 
give fission fragment peaks centered about mass numbers 123 
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Pigure 16.4.1 
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A nuclide chart showing the path of neutron capture on a 
fast time scale constructed on the assumption that photo
disintegration will prevent neutron capttire when the neutron 
binding energy falls below 2 Mev, The blackened squares 
show ,beta stable nuclides. The diagonal lines show mass 
numbers. The capture has been assumed to start in Fe^®, 
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and 164, The fission fragments would capture more neutrons and 
follow the capture path already discxissed, 

16,5 Californium 254 and Type I supernovas. 

Let us now consider what happens after the neutron 
supply is shut off in an exploding layer of the type we have been 
considering. The neutron-rich nuclei approach the valley of beta 
stability by a series of beta decays, at first with short half-lives 
of the order of a second but with progressively longer half-lives 
as the first position of beta stability is approached. Certain 
beta-stable nuclides are made in this way which were not made by 
neutron capture on a slow time scale. 

The behavior of very heavy nuclei is of particular 
interest. Mass numbers 210 to 231 decay into a region of the valley 
of beta stability which is unstable to alpha-particle emission, the 
longest half-lives Involved being one to two weeks for mass numbers 
up to 225 and many years for the higher mass numbers. The alpha 
decay products eventually become Ph^^°, Pb^°^, Pb^OS^ and Bl«^, 

In the mass number region 250 to 260 the beta-stable 
nuclides begin to decay by spontaneous fission with progressively 
larger branching ratios. Hence all the very heavy nuclei which have 
been formed v/ill fission. The large abundance peak expected near 
mass number 287 will give fission fragments, if Swiatecki's suggestion 
is correct, near mass nianbers 123 and 164, 

In the intermediate range of mass number, 232 to 256, the 
half-lives for alpha decay of the beta-stable nuclides are rather 
long. The products formed after 10^ years are Th232^ Bl209, u238^ 
and U235^ it will not be possible to predict the relative abundances 
of these products until the neutron capture path can be constructed 
with certainty and in detail, and the details of the freezing-ln 
process can be determined. This requirement is too exacting to be 
met by nuclear theory in its present state of development, 

Burbldge, Hoyle, Burbldge, Christy and Fowler (1956) have 
pointed out that the product with mass number 254, Of*^^, has very 
interesting and significant properties. It decays by spontaneous 
fission with a half-life of 55 days. There appears to be no o-ttier 
nucleus formed which both decays predominantly by spontaneous fission 
and has a half-life nearly as long as Cf^o^^ Since Cf2o4 releases 
about 200 Mev in its decay, it can be expected to release far more 
energy than any other product about three months after the explosion* 

Following the supernova explosion the layers of gas expand 
into space. They quite soon become transparent to radiation, and the 
thermal energy released in the explosion is radiated away into space. 
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The remaining gases are then very cool and the atoms probably com
bine to form molecules. Fission fragments and other decay particles 
must be Slowed down following their ejection, and in so doing they 
will excite the molecules and atoms with which they make close 
collisions. It is tempting to ascribe the peculiar emission bands 
of Type I supernovas to this particle excitation process. At the 
saine time the exponential decay of the light curve with a half-life 
of 55 days can be attributed to the spontaneous fission of Cf254 
which releases much more energy than any other process. 

However, it is necessary to make a critical examination 
of the question of the possible presence of other activities in the 
Type I supernova light curve. We can see from an examination of 
Pig, 15,1,1 that the straight line passes slightly under the points 
until a time of about 100 days from the explosion has passed. The 
slight additional light in this early period may possibly come from 
the alpha-particle emissions by substances with half-lives of the 
order of 1 to 2 weeks, followed by more rapid alpha-particle emissions 
from the products so formed. 

It is a cause of considerable concern that the light curve 
of Pig, 15.1,1 is still a straight exponential after 600 days. 
Consider what would happen if Of252 and Cf254 were formed in equal 
abundance by the fast time scale process. The latter will have 
decayed by 11 half-lives at 600 days; its initial abundance is 
decreased by a factor 2000. Qf25Z ĵ ĝ ĝ  half-life of 2 years and 
hence has fallen in abundance by a factor 2, However, Of252 also 
has a 2 per cent branching ratio for spontaneous fission. Hence 
after 600 days the energy yield from Of252 should exceed that from 
Of254 ijy a factor of 20, and the light curve should have flattened 
.out. However, there is no sign of flattening and hence Of252 would 
have to be much less than 5 per cent as abundant as Of254 immediately 
After the explosion if the proposed explanation of the light curve 
is correct. 

This problem is possibly solved in principle by the 
observation given previously that in the region of the neutron 
capture path which includes mass numbers 252 and 254 only about 
one mass number in three has a large equilibrium abundance, 
provided we have a high flux of neutrons. It remains to be shown 
In detail that there is a photodiiintegration limit at A « 254 
but none at A s 252, It has so happened that this is the case in 
Pig, 16.4,2, but this is In a region of extrapolation of the 
writer's mass formula, and hence it does not consitute proof that 
A B 254 will be a photodl8integration limit. It is also necessary 
that the neutron supply be cut off very suddenly so that the abundances 
will not be locally smeared out during the ft'eezing-ln process. 
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Burbldge et al have found that the amount of Cf * in the 
light cxJTve of the supernova in IC4182 corresponds to about 2 per 
cent of the iron in one solar mass. Now presumably this supernova 
was a star of Population IZ with much less iron than the sun, a 
mass not much greater than the sxin, and the neutron capture probably 
did not Involve more than 10 per cent of the mass. Also only a 
small fraction of the neutron capture products would be left with 
A = 254, This would indicate that the neutron capture transformed 
more than just the iron peak in this supernovaj further heavy nucl'ei 
were probably formed from neutron capture in the products of heavy 
ion thermonuclear reactions and by fission, 

ORA We have seen that the conditions required for a large 
QfHo^ to Cf^^^ ratio appear to be quite critical. The high fl\ix of 
neutrons must be terminated very abruptly at a rather specific tem
perature. It is perhaps questionable whether these conditions will 
always be well satisfied in Type I supernovas, A compilation of 
supernova light curves is given In Pig, 16,5,1 (Hofflelt 1939), It 
may be seen that the light curves for the supernovas in NGC 4486 
and Z Centaur1 resemble that of the supernova in IC4182 out to 
about 400 days, although there is no guarantee that they did not 
subsequently flatten out quite quickly. The light curves of the 
supernovas in NGC 1003 and NGC 2308 appear to be flatter than that 
of the supernova in IC 4182, and other radioactivities may have 
been prominent in thes e light curves, 

16,6 Reactions in regions of large hydrogen abundance. 

If the hydrogen abundance is large in the supernova 
exploding layers, then protons will be rapidly added to light nuclei 
until the proton photodisintegration limit is reached. The nuclei 
must then undergo a beta decay before further proton addition can 
take place. This situation is similar to that in which neutrons 
produced in a high flux are captured on a fast time scale. None 
of the products formed undergo exothermic (a,n) reactions, and hence 
neutron production is negligible in the present case. 

When the temperature is in the range 500 to 1000 x 10® ^ 
certain photodisintegration limits prevent the addition of protons 
to some light beta stable nuclei (e.g. C^^, 0^^, Ne^O, , , . , ) , This 
prevents such nuclei from being built up to larger mass ntimbers by 
proton addition. Nevertheless there appears to be a range of 
temperature in the vicinity of 500 x 10" *̂ K in which the nuclei 
in the range from neon to calcivim will be synthesized by proton 
capture on a fast time scale. 

At temperatures in the vicinity of 10^ °K proton capttire 
Is prevented at several photodisintegration limits In nuclei lighter 
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Plg\ire 16,5.1. 
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40 than Ca , However, proton capture can take place in heavier 
nuclei at these higher teitperatures, In this way certain beta 
stable nuclei can be formed which lie on the neutron-deficient 
side of the valley of beta stability and which cannot be formed 
by neutron capture at all. 

At much higher temperatures, in the vicinity of 
2 X 10 K, photonuclear reactions start to dominate the scene* 
Photodisintegration reaction rates corresponding to several neutron 
and proton binding energies are shown in Pig# 16,6,1, The neutron 
emission rates were taken from Table 13,1; the proton emission 
rates were calculated for a typical rare earth nucleus using 
equation (13,3), It may be seen from this figure that there is 
an approximate equality between the photoneutron and photoproton 
emission rates when the proton binding energy is 4 Mev, less than 
the neutron binding energy (in the rare earth region). 

The course of the photodisintegration reactions in the 
rare earth region is shown in Pig, 16.6,2, which shov/s photo-
disintegration paths on a section of a nuclide chart which includes 
the rare earth region. It has been assumed that large abundances 
of heavy nuclides have been formed in the s tar by neutron capture 
on a slow time scale and have been mixed into the exploding layer. 
At a temperature of 2,1 x 10^ °K a few neutrons would be removed 
from these nuclei dxiring the^course of the explosion. However, 
at a temperature of 2,5 x 10 °K neutron emission is very rapid-
and continues until proton emission becomes more probable. One 
or two proton emissions are then followed by further neutron emissions. 
In this way the heavy nuclei are rapidly broken down into the 
vicinity of the iron peak. Certain beta stable nuclei on the 
neutron deficient side of the valley of beta stability are formed 
which cannot be formed by neutron capture. 

It seems reasonable to postulate that supernovas of 
Type II are those in which no high neutron fluxes have been produced, 
probably owing to large hydrogen excess conditions throughout their 
envelopes. Such supernovas contain for the most part only very 
short-lived radioactivities and hence would not have exponential 
tails in their light curves, 
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Fhotoneutron and photoproton disintegration rates plotted 
for various binding energies for typical nuclei in the rare 
earth region. 
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17. ANAL^IS OP NUCLIDE ABUNDANCES. 

Ija. the course of the preceding discussion we have seen 
that all nuclei existing in nature can be formed in stellar interiors 
under conditions which may lead to ejection into space, with the 
exception of deuterium, lithitjm, beryllium, and boron nuclei. These 
exceptions will be discussed later. However, it is not sufficient 
just to show that nuclei can be formed in stars and ejected to the 
interstellar medium: before one can have any confidence in a theory 
of nucleogenesis which incorporates these mechanisms it is necessary 
to show that the abundances of the nuclides existing in nature are 
consistent with the abundances which would be produced by the 
postulated mechanisms. We shall now see that this appears to be 
the case. 

17,1 Abundances of very llp^t nuclei. 

We consider first the abundances of the nuclei in the 
range carbon to neon. These nuclei are transformed by hydrogen 
thermonuclear reactions on a slow time scale* 

The carbcni cycle nuclei are not in carbon cycle 
equilibrium prpoortlons on the earth, as has been mentioned 
previously. C^* and N** are In approximate carbon cycle propor
tions relative to each other, but C"̂ * and N̂ -̂  are then relatively 
overabundant. However, we have seen that 0^^ Is Independently 
produced by helium thermonuclear reactions and 1^6 Is Indepoidently 
produced (probably in Type II supernovas) by hydrogen reactions on 
a fast time scale* 

There Is a very large abundance of O^^, which is one of 
the main products of helium reactions. The abundance of 0l7 is 
very small, possibly corresponding to the fact that it is destroyed 
by hydrogen reactions. The natural abundance may have been mostly-
produced by hydrogen reactions on a fast time scale. 0̂ » has an 
abundance small compared to 0^^ but Ifrge conmared to 0^^* It may 
have been prodû oed by the reaction N*''*(a,Y)P̂ °(p*'̂ )0l8 In helium 
reactions on both fast and slow time scales. A similar situation, 
exists with respect to pl9 which can be made by the Ol6(o,Y)Nel®(|3+-)P"'-̂  
reaction* In this case only a fast time scale reaction would be 
satisfactory because only under such conditions Is an appreciable 
abundance of mass number 15 present In the reacting medium. 

The relative abundances of the neon isotopes are similar 
to those of the oxygen Isotopes, and it is likely that they would 
be produced by a similar series of reactions: 
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O-̂ -LtctfY) Ne^2« Ne^O (P,Y) Na^l (p+v) Ne^^, and Ne^® (a,Y) Mg22 (p+v) 
Na22 (p+^) ue22^ 

17,2 Abundances of intermediate nuclei. 

We have seen that the nuclei in the range from neon to 
calcium or titanium can be produced by several mechanisms4 

(a) Neutron capture on both slow and fast tine scales, 

(b) Heavy ion thermonuclear reactions on both slow and 
fast time scales, 

(c) Hydrogen thermonuclear reactions on a fast time scale, 

(d) Helium thermonuclear reactions on a fast time scal^, 

Powler, Burbidge, and Burbidge (1955) suggested that 
neutron capture on a slow time scale might account quite successfully 
for the abundances of these nuclei. The reason for this is that the 
products of neutron capture cross sections and abundances are the same 
within an order of magnitude or so, and they have a slight monotonic 
decrease with increasing mass ntunber as would be expected for a neutron 
capture process without a very close approach to equilibrium. However, 
this suggestion cannot be valid unless there is a strict monotonic 
decrease in the products, and this is not true. For exan^le, the 
product for neutron capture in Al27 is an order of magnitude higher 
than the corresponding products in Mg25 and Mg*^« Ifence neutron 
capture on a slow time scale cannot give a major contribution to 
the abundances of intermediate nuclei, although they undoubtedly 
make a significant one* 

Not enough Is known about the details of the various 
processes mentioned above to make a good analysis of their effects 
on the abundances of intermediate nuclei. The small abundance of S^^ 
suggests that neutron capture on a fast time scale has not been too 
important, but this may also be just the result of high flux con
ditions in which mass number 36 may have a very small equilibrium 
abundance. The abundances of nuclei containing an integral number 
of alpha-par tides are generally larger than those of other nuclei, 
but this could have resulted not only from successive alpha-particle 
captures but also from the effects of proton reactions on a fast time 
scale in which fast photoproton reactions prevent proton addition 
to these nuclei* It is evident that much work remains to be done 
to clarify the situation in the intermediate range of mass number* 

17*3 The iron abundance peak* 

We have discussed in some detail the formation of an iron 
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abundance peak under equilibrium conditions, and we have seen that 
Hoyle, Powler, Burbidge, and Burbidge (1956) have obtained a 

- remarkably good agreement between the calculated equilibrium 
abundances and those observed in nature, 

17.4 Abundances of heavy odd mass number nuclei. 

When we pass beyond the iron peak into the region of 
heavy nuclei, we encounter products of nuclear reactions which can 
be made In only a few ways. These nuclei have abundances which are 
susceptible to an analysis which can determine the relative 
importance of the various production mechanisms. 

In Pig, 17,4,1 are plotted the abundances of heavy 
nuclides with odd mass number according to Suess and Urey (1956), 
There are several distinctive features in this plot. The sharp 
abundance spikes near mass numbers 90 and 140 correspond to the 
large abundances of nuclei formed by neutron capture on a slow 
time scale which have closed shells of 50 and 82 neutrons, A 

- similar abundance spike is to be expected corresponding to 126 neutrons| 
it would be present If the solar abundance of lead (Goldberg, 
Iftaller, and Alier 1957) had been incorporated in this plot as it 
was in Pig, 9,4,1. 

There are also broad abundance peaks centered about mass 
numbers 80, 130, 195, C D , Coryell (1956)has suggested that these 
peaks correspond to the effects of closed neutron shells of 50, 
82, and 126 neutrons in neutron capture on a fast time scale, V/e 
can see confirmation of this view in Figure 16,4,1, in which large 
equilibrium abundances are produced in just these mass number 
positions. A detailed comparison between Figure 16,4.1 and 
Figure 17.4.1 shows that in the region of mass number 80 the 
abundances seem to correspond to a limiting neutron binding energy 
slightly more than 2 Mev, and in the region of mass number 195 
the abundances seem to correspond to a limiting neutron binding 
energy slightly less thian 2 Mev, This is the sort of behavior 
to be expected, since for a given neutron flux higher temperatures 
raise the photodisintegration limit energies and slow down the 
rate of neutron capture by heavy nuclei. The abundances of lighter 
nuclei may therefore be expected to reflect greater temperatures and 
.higher photodisIntegration limiting energies. 

The next most prominent feature in Pig. 17,4.1 Is the 
subsidiary peak centered about A = 163. It Is tempting to Identify 
this peak with the peak predicted above for the fission of the nuclei 
which would be left over after neutron capture ceases in an abundance 
peak at about A « 287, We Indicated previously that these fissions 
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Figure 17 ,4 ,1 
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may give fission fragments with masses centered about A =s 123 and 
A = 164. The region at A = 123 is obscured in Pig, 17,4,1 by the 
rise of the broad peak at A • 130, 

The smaller abundances present at other positions in 
Figure 17,4,1 presumably are formed by neutron capture on slow 
and fast time scales, but we must examine the abundances of nuclear 
isobars in order to separate the effects of different mechanisms, 

17,5 Abundances of heavy isobars. 

In the region of the heavy nuclei there is often more than 
one beta-stable nuclide with the same mass number, particulai'ly for 
even mass numbers. Pig, 17,5,1 shows a typical section of a nuclide 
chart in which we will be able to define three classes of these iso
bars. 

Let us first consider the pair of isobars (Z,A + 2) and 
(Z •»• 2, A + 2), The latter will be formed by neutron capture on a 
slow time scale if the beta decay half-life of the nucleus (Z, A + 1) 
is short compared to the mean time between neutron captures.in 
(Z, A + 1). This beta decay half-life will be called the "shielding 
half-life". If it is small then (Z + 2, A + 2) will be a product of 
the slow time scale and (Z, A + 2) will be a product of the fast time 
scale. Hence (Z, A + 2) will be called an "unshielded isobar" and 
(Z + 2, A + 2) will be called a "shielded isobar". Also in this 
figure (Z + 2, A + 6) is an unshielded isobar and (Z +4, A + 6) is 
a shielded isobar. 

The nuclide (Z + 4, A + 4) cannot be formed by neutron 
capture at all. It will be called an "excluded isobar". We have 
seen that nuclides of this sort can be formed by proton capture 
on a fast time scale and by photonuclear reactions. 

The abundances of these three classes of isobars 
according to Suess and Urey are shown in Fig, 17«5,2, In this 
figure only isobars have been plotted in which, if formed by neutron, 
capture, the shielding half-life is less than 1 year. If very hot 
stars pass through a neutron production stage very quickly, then 
some products of neutron capture on a slow time scale may have been 
included in the unshielded isobar abundances, particularly in the 
heav,y region A> 170 where the shielding half-lives are usually 
some weeks* 

The unshielded isobars have abundance peaks at A « 130 
and A B 192 as is to be expected from Fig, 17«5*1, The shielded 
isobars do not have peaks at these places, but there is a peak at 
A = 140 as is also to be expected. The general level of abundances 
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A topical section of a nuclide chart showing beta stable 
nuclei outlined with heavy black bordert* 
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Figure 1 7 . 5 . 2 
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of the shielded isobars decreases by a factor of about 5 in going 
above A = 140* We have seen that this behavior is also to be 
expected for neutron capture on a slow tine scale* 

The excluded isobars are presumably formed by proton 
capture and photonuclear reactions starting with the products of 
neutron capture on a slow time scale* Hence one would ejipect that 
the general trend of the abundances of the excluded isobars should 
parallel that of the shielded isobars. This is seen to be the case 
in Fig* 17*5*2* Let us examine the excluded isobars with A >150* 
Pour of these have relatively much larger abundances than the other 
six* These four nuclides can be formed by photonuclear reactions 
on both fast and slow time scales* The other six can only be formed 
by photonuclear reactions on a fast time scale* This suggests that 
proton capture has not been in^ortant in this region* The clear 
abundance separation into two time scale classes is very gratifying* 

For A<150 no such irregulars abundance structure is 
observed; the abundances are smooth functions of mass number* 
Hence these excluded isobars have presumably been formed for the 
most part by proton capture on a fast time scale* 

17*6 The odd-even abundance effect* 

Further support for the mechanism Identifications made 
above can be obtained by observing the fluctuations in the abundances 
of adjacent mass numbers, shown in Fig* 9*4*1* Neutron capture on a 
slow time scale produces a very jagged appearance in the resulting 
abundances, as may be seen in Figs. 11*1*1 to 11*1*8* Neutron 
capture on a fast time scale has two associated effects which produce 
a much smoother variation of abundances with mass number: 

(a) In high flux conditions the abundances of nuclei with 
closed shells of neutrons are inversely proportional to the beta-
decay half-lives which should have very little odd-even effect* 

(b) After neutron capture ceases the fission products 
of the heavy peak presumably at A = 287 should form two peaks with 
very little odd-even variation. These peaks were predicted at 
A = 123 and A = 164* 

It may be seen that there is a large odd-even variation 
in the peak at A s 80* Hence much of this peak must be due to 
products of the slow time scale as well as the fast* The vfia>latlon 
in the peak at A =: 130 is much reduced; that in the peak at A « ld5 
is almost nonexistent* This behavior is consistent with esqpeo tat ions* 
Finally, we may note that there is a great reduction in the odd-even 
variation in the regions of A s 123 and A B 164* This is consistent 
with the presence of fission products in these regions* 

/ 
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It is possible that the products of neutron capture on a 
fast time scale may exhibit a reduced odd-even effect owing to smearing 
of abxindances in the freezing-in process and the confounding of 
abundances from different sources with different conditions. However, 
it appears that the fa^t time scale abundances may be relatively 
uniii$>ortant except in the mass number regions discussed above. 

18. NUCLEAR REACTIONS IN STELLî R SURFACES. 

In our considerations of nuclear reactions in stellar 
Interiors we have found production mechanisms by which the elements 
heavier than boron may have been synthesized in our galaxy. We 
have not accounted for the abundances of deuterium, lithltun, 
beryllium, and boron. Nor have we accounted for the abundance 
anomalies observed in certain types of stars. We will now consider 
nuclear reactions which may take place in stellar surfaces, and we 
shAll see that these remaining puzzles in nuclear astrophysics may 
be related and may find their explanation in stellar surface 
reactions. These reactions are believed to be associated with 
strong magnetic activity in stellar surfaces. 

Stellar surface reactions were first discussed by 
Fowler, Burbldge, and Burbldge (1955), who associated these reactions 
with the acceleration of charged particles by the betatron effect 
in growing starspots. The following discussion borrows heavily 
from the paper of Fowler and the airbldges, but somewhat different 
mechanisms of acceleration are proposed and the actual nuclear reactions 
regarded as of major importance are scanewhat different. We must first 
consider the nature of magnetic activity in the sim and stars. 

18#1 The magnetic field of the sun. 

The sun has a weak dipole field with a polar field strength 
of the order of 1 gauss. In the equatorial regions the dipole nature 
of the general field is much distorted by local irregularities and 
strong local fields. Field strengths of several hundred gauss are 
commonly observed in sunspots. IDatermediate field strengths are 
observed in unipolar and bipolar magnetic regioiut, 

A modern theory of the sun's magnetic field has been 
stunaarlzed by Parker (1957). It is believed that the field is 
generated by hydromagnetlc dynaiho action In the sun. The basis 
of the dynamo is a strong internal toroidal field. Illustrated 
In Fig. 18.1.1. This toroidal field interacts with the motion 

/ 

/ 
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F igure 1 8 . 1 . 1 , 

The na tu re of the s u n ' s magnetic f i e l d accord ing t o the 
dynamo theory (Parker 1957)* 
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of the matter in the outer convection zone of the sun to generate a 
weak poloidal field. The lines of force In the poloidal field are 
in turn drawn out by material motions to strengthen the toroidal 
field. The sun appears to go through an oscillation in which a new 
toroidal field is generated in the polar regions every 11 years in 
the opposite sense to the toroidal field previously generated. The 
alternating bands of oppositely-oriented toroidal fields move slowly 
toward the sun's equator, where they vanish. 

It appears that siinspots are produced when a bundle 
of magnetic lines of force in the toroidal field floats up to the 
surface of the sun. This produces two sunspots (or spot groups) 
which differ in magnetic polarity and are joined by fltix lines 
which arch through the sun's atmosphere between the spots. In 
the course of time the spots subdivide and rotate slowly, and the 
magnetic lines of force become twisted and tangled. Often when 
•ttie spots are growing or declining most rapidly there are flares 
produced which evidently represent points at which large electrical 
breakdowns occur, possibly caused by the twisting and tangling of 
the magnet;ic lines of force, 

18,2 Magnetic variable stars. 

About 13 per cent of all stars in the spectral range B8 
to FO show spectral peculiarities which appear to be caused by 
abxmdance anomalies. These stars appear to be just evolving away 
from the main sequence, so that it is unlikely that any helium 
reactions have started in their cores. It appears very probable that 
all these stars have strong surface magnetic fields. The field 
strengths, averaged over a hemisphere, are usually several thousand 
gauss. The stars are often variable, with periods of a few days 
and light cxirves of small an̂ >lltude• During the period the mag
netic field is usually observed to be variable and often changes 
sign. There are associated changes in the strengths of the absorption 
lines of different elements. These properties have recently been 
reviewed by Deutsch (1956), 

The abundance peculiarities of these peculiar A stars will 
be discussed in more detail below, but here it is worth stating that 
oxygen and calcium appear to be underabundant, the metallic group 
oonqprlsing the iron peak is slightly overabundant as would be 
expected for young Population I stars, the elements near mass number 
90 are overabtindant by factors of about 25, and the rare earths arid 
lead are overabundant by factors of several hundred or several 
thousand (except for barium which appears to have about normal 
abundance). The elements of intermediate mass number generally have 
nearly normal abundances except for silicon which is overabundant 
by a factor of about 10, It may be seen that these abundance 

/ 
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an(»aalles are not characteristic of neutron capture on a slow time 
scale* 

The most intense of the peculiar lines are those of the 
elements Si, Cr« Un, and £u* The line strengths of Si, Cr, and Mn 
vary together with those of Fe during the ii»gnetlc cycle (although 
there are some individual characteristics for different elementsTT 
The strontium lines vary in the same phase. However, the Eu lines 
and those of the other rare earths vary 180** out of phase with the 
above lines* 

Most of the above statements refer specifically to the 
star cr Canum Venaticorum, analysed in detail by Burbidge and 
Burbidge (1955a), So far as is known they appear to be generally 
applicable to peculiar A stars, although not all such stars show 
strengthening of the lines of all the elements mentioned* 

There is as yet no satisfactory model for these stars* 
Among the suggestions which have been made are that the principal 
dlpole axis of the magnetic field is Inclined at an angle to the 
axis of rotation. This oblique rotator model is capable of 
explaining the reversial of magnetic field strength associated 
with the rotation of the stars, but it fails to expl&ln many other 
details of the spectrum variability* Hence a physical variation In 
the magnetic field is also required. Since in highly Ionized cosmic 
objects the lines of magnetic flux are strongly glued to the material 
In which they exist, then magnetic variability must be associated 
with physical motions of the gases at the surfaces of the stars* 
It is not clear whether a successful model can be constructed using 
such physical motions alone, or whether oblique rotation is also 
required* In any case it is clear that the abundance peculiarities 
are not evenly distributed over the surface of these stars* The 
rare earth group of elements seems to occur in patches, and some 
of the other elements with anomfCL ous abundances may also be unevenly 
distributed* 

18*3 Nuclear reactions in flares* 

It was indicated above that solar flares are probably 
the visible effects of large electrical discharges in regions between 
sunspots where the magnetic lines of force have become twisted and 
tangled at times when the sunspots are growing or shrinking most 
rapidly* It seems not unlikely that similar discharges will be 
much more frequent and much more violent in the atmospheres of 
peculiar A stars where the magnetic field is enormously greatez* and 
physical motions are likely to distort it much more rapidly than 
in the sun* It may be that extensive regions on peculiar A stars 
may be at times in a state of nearly continuous flaring* 
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Since there are rapid changes In magnetic field strengths 
at the times of flares. It Is very likely that some charged particles 
will be accelerated by the betatron effect In regions of fairly low 
density (10® or 10® p8u?tlcles per cm,^) where Ionic collisions are 
not too frequent. It Is also likely that there are strong hydro-
magnetlo shock waves moving throu^ fletre regions* Charged particles 
will be reflected from such shock fronts, gaining energy if the shock 
front was moving towards the particle and losing energy if the shock 
front was overtaken from the rear* For either type of acceleration 
a power law energy spectrum of charged particles will be producedj^ 
the number of particles of energy E varying approximately as E"2«5 
(Fowler, Burbldge, and Burbldge 1955}* At high Clergies ('-̂.1 Bev) 
the spectrum must fall off much more rapidly owing to the short 
time during which the flare is in existence (see in this connection 
Meyer^ Parker, and Sln^son 1956)* 

One of the characteristics of this power law spectrum is 
that heavier nuclei undergoing acceleration will tend to be stripped 
of electrons early in the acceleration, and hence in general these 
nuclei will be nearly as efficiently accelerated (in terms of energy 
Imparted per nucleon) as the singly charged particles* As a result^ 
these heavy particles will penetrate the Coulomb barriers of other 
heavy nuclei nearly as readily as the singly charged particles will* 

Proton» of a few Hev will be elastlcally scattered from 
other protons and from helium nuclei and will be partly elastlcally 
and ineleus tic ally scattered from heavier nuclei* A great deal of 
neutron production will occur by Cp»nT reactions, smaller amounts 
by (p, 2n), (p, pn), (p, 3n) and similar reaotlox*a Induced by the 
high energy tall of the power law spectinim* These neutrons for the 
most part probably diffuse from the flare before being captured} 
most will be captured by hydrogen, forming deuterium* If these 
deuterons are later accelerated they may for the most part capture 
protons in oolllslons, forming He^* These reactions are of the 
type usually called spallation reactions* Lithium, beryllium, and 
boron nuclei will be spallation products from, proton collisions with 
nuclei in the carbon, nitrogen, and oxygen group* 

Deuterons and alpha-particles accelerated to low enez^les 
of a few Mev may add particles by (d,p), (d,n), (a,n), (a,2n), end 
(a,3n) reactions* At higher energies more particles will be emitted 
and hence such nuclei will thai also initiate spallation reactions* 

Also of Interest may be collisions between heavy particles* 
Ttaoas oxygen collisions with oxygen would give a highly excited form 
of S52 which would then evaporate a few nucleons* The ultimate 
products would be silicon and phosphorus ntkclel* Collisions between 
iron nuclei would produce nuclei with mass nuoibers in the vicinity 
of 90 to 100. 
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It has been suggested that most of the tritium found 
in the earth*s atmosphere may have been produced by spallation 
reactions in the sun, followed by the ejection of clouds of gas 
from the solar surface (Craig 1957)* 

18*4 Regions of high kinetic temperature* 

If we now consider regions of gas with higher densities 
^10l5 particles per cm*^), then we find that a power law spectrum 
of particles will not be produced owing to the much smaller collision 
mean free paths of the particles. Instead, the energy imparted by 
the acceleration will raise the kinetic temperature of the plasma 
region in which it occurs* 

Let us consider nuclear reactions in a plasma region in 
which the kinetic temperature has been raised to more than IO-*-" "K, 
or a few Mev in energy units* High temperature plasmas of this 

?eneral nature are the current goal of controlled fusion research Post 1956)* Such plasma regions must be confined by very high 
magnetic fields, of the sort found in peculiar A stars, but no 
speculations are given here about the mechanisms for productiwD 
of such regions* 

Collisions between ions in high temperature plasmas 
maintain a Maxwell distribution of energies corresponding to the 
kinetic temperatures involved. When the electrons collide with these 
ions they radiate bremsstrahlung. This has a powerful cooling effect 
which maintains the temperature of the electrons below that of the 
ions* The plasma can be maintained at a high kinetic temperature 
only if the mechanism of generation continues to pump energy Into 
the region or if the ions gain enough energy from exothermic nuclear 
reactions* The latter possibility seems somewhat questionable owirg 
to the additional cooling effect of the endothermic (p,n) reactions* 

Because of the Maxwell distribution of the ionic energies, 
there will be very few reactive collisions between heavier ions 
with multiple charges* Hence we need consider only reactions induced 
by singly charged ions. We will assvime that the gas has an initial 
appreciable abundance of deuterium produced by neutron capture in 
hydrogen. 

Protons of a few Mev bombarding heavier elements may be 
captured, or at higher energies, they may produce (p,n) reactions* 
Either type of reaction will produce nuclei on the neutron-deficient 
side of the valley of beta stabilitv* Collisions with deuterium 
will tend to add a particle by (d,p) and (d,n) reactions, but the 
former type of reaction will predominate in heavier nuclei* These 
reactions will therefore tend to produce nuclei on the neutron rich 
side of the valley of beta stability. The net result of these two 
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types of reactions is to capture a series of protons and neutrons 
and to build up heavy nuclei from light ones. 

The details of the abundances of heavier nuclei produced 
by these processes will depend critically upon the nuclear reaction 
energies involved and upon the Coulomb barrier heights of the bom
barded nuclei. Reactions with lighter nuclei will occxor much faster 
that with heavier nuclei; hence heavy nuclei, perhaps in the rare 
eeupth region, will be the principal products remaining when the 
reactions cease. It is possible that there may be "feed-back" loops 

^ involving (p,a) and (d,a) reactions setting in at the closed shell 
of 82 neutrons which will maintain a high abundance of heavy nuclei 
Immediately beyond barium, but this question has not yet been inves
tigated in detail* 

The very light nuclei of the carbon, nitrogen, and oxygen 
group are likely to be broken down by (p,a) reactions in a high tem
perature plasma. Among the more prominent products of these 
reactions are Ll" and Bli. 

18.5 Abundances In peculiar A stars. 

The most complete analyses of peculiar A stars are due 
to Burbldge and Burbldge (1955 a,b). They determined the abundances 
of lighter elements in the peculiar A stars cr Canum Venaticorum and 
HR5597 relative to the normal star y Ceminorum as a standard and the 
heavier elements relative to the sun as a staî lard. Their results 
are given in Table 18.1, If all the abundance features of this 
table are correct, then the following conclusions seem reasonable: 

The small abundance of calcium suggests that the atmosphere 
of these pecull«j:> A stars has been extensively processed through regions 
In which spallation reactions tftke place. Most of the calcliua 
abundance is in the Isotope Ca*^; spallation reactions in which a 
few nucleons are removed on the average will therefore reduce the 
abundance of calcium by a large factor. 

These same spallation reactions would also produce large 
quantities of Ifâ o from Fe^°, either directly or through production 
of Fe"^. The large abundance of iron would not be lost imnedlately 
because of the fonnatlon of Fe^* from Pe»°, which is the Isotope of 
major abundance. 

The overabundance of silicon may result from extensive 
collisions of oxygen with oxygen. This element is the third most 
abundant in stars, next to hydrogen and hellTua. It is known that 
oxygen is deficient In cr Canum Venaticorum, 

The overabundances of Sr, Y, and Zr may resiilt from 
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Atomic abundance ratios for two peculiar A stars 

CRL-41 

Element 
ĉ CVn 
Y Gtem 

HR5597 
0̂  CVn 

Mg 
Al 
Si 
Ca 
So 
Ti 
V 
Cr 
Mn 
Fe 
Nl 
Sr 

0.4 
1*1 
10 
0*02 
0*7 
2*6 
1*3 
5*2 
16 
2*9 
3*0 
14 

3*5 
2*0 
2,5 
2*6 

1*0 
2*3 
1*8 
1*0 
1.5 
0*8 
1*1 

Y 
Zr 
Ba 
La 
Ce 
Pr 
Nd 
Sm 
Eu 
Gd 
Dy 

ĝ CVn 
sun 

20 
30 
0*9 

1020 
400 
1070 
250 
410 
1910 
810 
760 

HR5597 
a^CVn 

1*3 

0*2 
0*6 
0*6 
0*6 
0*6 
0,5 
0*4 
0*6 
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collisions between nuclei of the iron abundance peak with each other. 

All the abtmdance anomalies just discussed seem to be 
associated with each other in the sense that the lines of these ete -
ments vary essentially in phase with each other during the magnetic 
cycle of or Canum Venaticorum. However, europium and the rare earths 
vary out of phase with the above elements. Since the rare earths 
seem to be those most localized in patches in these stars, it is 
therefore tempting to postulate that the rare earths have been 
produced by reactions in high temperature plasmas. This is also 
the only explanation which shows promise of accounting for the normal 
abundance of baritun, 

-18.6 Lithi\am stars. 

Certain giant carbon stars show very strong lines of 
lithixim, Spitzer (1949) has estimated that lithium is overabiandant 
by a factor 40 in one of them. 

It is not known whether these giant stars have strong 
magnetic fields. However, strong magnetic fields on the surfaces 
of red giant stars are not uncommon, and it may be that these carbon 
stars also have such fields. In this case it is possible that the 
excess lithitim has been produced by spallation reactions, 

18,7 Red dwarf flare stars. 

We have seen that deuterium, lithium, beryllium, and 
boron can be produced by spallation reactions and to some extent 
also by fusion reactions in hot plasmas. However, it is quantitatively 
unlikely that the peculiar A stars can have produced enough of these 
elen»nts to account for their cosmic abundances, simply because there 
are relatively few peculiar A stars in space. 

However, it has been observed that nearly all the very 
faint dwarf stars of class M have frequent large flares of a few 
minutes duration. The structures of these stars are not well known 
theoretically as yet, but it appears certain that they have very deep 
convection zones which may extend inwards to the center ft»om the sur
face. They may have strong magnetic fields. Since they are the most 
numerous type of star in space, it may be that the large cosmic abun
dances of D, Li, Be, and B have been formed by spallation reactions 
In the flares in these stars, followed by ejection into space before 
mixing into the interior has occurred. 
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SUPPLEMENTARY NOTES ADDED JANUARY. 1958 

The writer has taken advantage of the Issuance of a 
second edition of these notes to make corrections, both factual 
and typographical, in the text. There have also been some 
additional discoveries and calculations made in the last few 
months which have a considerable bearing on some parts of this 
material, and these are set forth below. The numbering system 
refers to the appropriate section of the text to which the 
-supplementary note has principal reference. Supplementary re
ferences will be found at the end of this section, 

1,8 Stellar Populations 

A conference on the problem of stellar populations 
was held at the Vatican in the spring of 1957. The general 
consensus of opinion at this conference appears to have been 
that at least five distinct stellar populations must now be 
recognized (of, the summary paper by F, Hoyle in the proceedings 
of this conference, now in press). The oldest stars in the 
galaxy, with ages of about o to 7 x 109 years, include two 
populations, called Halo Population II and Intermediate Population 
II (some people prefer to call the former Extreme Population II), 
The Halo group is nearly spherical, extends very far out into 
space, and contains a very variable content of elements heavier 
than helium averaging about 0*3 per cent by weight. The Inter
mediate Population II stars a^e a somewhat more flattened group 
with heavy element contents of the order of one per cent or a 
little less. These populations contain about 13 to 20 per cent 
of the mass of the galaxy. 

Host of the mass of the galaxy lies in the Disk 
Population, a very flattened group of stars with ages k to 
6 X 10° years. This group includes otir sun and has a heavy 
element content of 1 to 2 per cent. 

The yoxinger stars belong to the Older Population I 
and the Extreme Population I (some people prefer to call the 
former the Intermediate Population I). Perhaps about 10 per 
cent or a little less of the mass of the galaxy consists of 
these populations of stars. The heavy element content ranges 
up to about four per cent. These stars are closely associated 
with the gas and dust in the spiral arms of the galaxy. 

Only about two per cent of the mass of the galaxy 
Is in the form of gas and dust. This small amount of material 
is more nearly consistent with the amount of heavy element 
enrichment which can have occurred from what is kziown about 
the rate of star births and deaths. Even so, it appears likely 



- 169 -

GRL-Ul 

that the frequency of supernova e..plosions must have "been 
considerably greater in the early history of the galaxy than it 
is at present. 

0.3 The Proton-Proton Reaction 

.ftien the re-evaluation of the "beta decay matrix element 
in reaction (6,3«l) was made, it was still believed that the 
Fermi transitions involved scalar interactions and the Oamow-
Teller transitions involved tensor interactions. Mow it is 
believed that these interactions are vector and axial vector, 
respectively. These changes do not affect the revised value 
of the matrix element. It is interesting to note that Eurbidge, 
Burbidge, Fowler, and Hoyle (1957) have also derived a correction 
factor for the matrix element in close agreement with that found 
here (a correction factor of 0.71 compared to 0.72). 

6.3 The He-^(a.Y)Be^ Reaction 

Holmgren and Johnston (1958) have measured the cross 
section for this reaction from 0.U7 to 1.32 Mev. They find 
their points can be fitted by the expression o = 0.5 E3»25 
(microbarns). This expression is well fitted by the standard 
formula (equation 5»1«3) with S = 700 ev. barns (H.D. Holmgren, 
private communication). It should be noted that this cross 
section is about 1000 times larger than the value given in 
Table o.l for this reaction 6.3.3. This probably implies that 
the reaction proceeds by a direct, non-resonant capt\are process 
similar to that described on page 50. In this case it would be 
necessary that there be a large reduced a-particle (or He3) 
width in both the ground and first excited states of Be7, since 
each participates about equally in the capture process. 

Dr. Powler (private communication) has remarked that 
the value of the cross section constant S for the reaction 
5.3.2, He3(He3,2p)Ke'^, should be about double that given in 
Table 6.1 owing to corrections for electron shielding. 

The measurement of Holmgren and Johnston has tremen
dously important astrophysical implications. At higher tempera
tures the He3(a,Y)Be7 reaction will, complete the proton-proton 
chain rather than the He3(Ke3,2p)He^ reaction. In the former 
case one He^ nucleus is produced (via reactions. 6.2.6 and 6.2.2) 
per He3 nucleus destroyed as compared to one He^ nucleus formed 
per two He3 nuclei destroyed in the latter case. Thus the rate 
of energy generation at higher temperatures is greater than 
previously supposed by a factor 2, neglecting small effects due 
to neutrino ener̂ ŷ differences in the two different mechanisms 
for completing the proton-proton chain. "We may examine the 
situation quantitatively as follows: , 
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, Let us write the niamber of reactions per second per 
cm between nuclei of types J and k as 

rj = sf^n^ (S.3.h) 

^d=^«dV (6.3.5) 

where the latter expression refers to reactions between identical 
nuclei. The quantities g are the averages of cross section 
times velocity <ov>, discussed in section 5» They are related 
to the constants A and B of Table 6.1 by the expression 

= !Lh T-2/3 e-B/TV3^ ^̂ ^̂ ^̂ ^ 
8d " "N 

o 

v/here A-j is the mass nximber of the nucleus of type J and hn is 
Avocadro's number. Then we may make the following definitions: 

for H^(p,p\)D^(p,Y)Ke^, ^ 1 = 1 ̂ 1^1^J 

for h-^(Ee^,2p)He^, ^3 = 1 ^3*^3^' 

and for He^(a,Y)Be^, r̂^ * &i^^fy» 

1 5 U 
where n, , n , , and n̂ , are the number d e n s i t i e s of H jHe-^, and He . 

For equilibri\jm the r a t e of formation of He"̂  must be 
equal to i t s r a t e of des t ruc t ion : 

I t wi l l turn out that for high temperatures, 

2 
g , g , n, 
- ^ - ± j « 1 . (6.3»8) 
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Then , g- n^^ 

This is equivalent to neglecting the He^(He^,2p)He reaction. 
It will also turn out that for low temperatures: 

^ ^ ^ » 1 . 

Then 

° 3 " ( ^ ) »1- '5.3.9) 

This is equivalent to neglecting the He^(a,Y)Be^ reaction., The 
rates of destruction of He3 by the reactions He3(He3,2p)He^ and 
Ee3(a,Y)Ee7 are equal when 

J Sf.^ = Zl^n^\ f 

obtain: 

2 

^^^ ^^ = 8 . (6.3.10) 

Prom Table 6.1 and with the new values of S, we 

El =. 5.5 X 10-57 j-2/3 ,-3U.7/I^3 ^g_^_^^^ 

gj = U X 10-12 j.2/3 ,-122.5/T^5 ,̂_̂ _̂ ^̂  

g^ = 1.3 X 10-15 T-2/3 ,-128.0/T1/\ (5,3,,3) 

In equation (5.3.11) the small corrections to the proton-proton 
rate given in the expression on page i+5 have been neglected. 

/. fi^J = exp ̂ -i+1.2 + 2 | ^ \ . (6.3.14) 
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A newly-formed star may contain two-thirds or more of 
hydrogen "by weight. Thus n^ « Sn^. It follows from equation , 
(6.3«14) for this case that the two modes of destruction of Ee^ 
have equal rates at a temperature of liS.l x 10" *K. The central 
regions of the s\in when initially formed were at a temperature 
of about' lî  X 10° *K , and hence the He3(a,Y)Be7 reaction was not 
important there, 

q 
A star of about a solar mass and about 3 x 10^ years 

old has exhausted the majority of its central hydrogen. For 
such a star n^ « n2 at the center. For this case the rates of 
the two He3 reactions are equal at a temperature of 10.2 x 10° *K. 
Thus it is evident that the region of operation of the He3(a,Y)Be7 
reaction in the sun has spread diiring the course of the sun's 
evolution. The extra rate of energy generation resulting from 
this new feature should be taken into account in calculations 
of stellar models. 

If ei is the rate of energy generation by the proton-
proton chain under the usual assumption that the chain 1$.com
pleted by the He3(He3,2p)He**̂  reaction, then this rfeite must be 
multiplied by the following correction factor to get the correct 
rate e^Cbut see further below): 

2̂ ••.[('•^)'-]/[('-j^)*-] 
(6.3.15) 

y We must now consider the various mechanisms by which y 
Be can be destroyed in stellar interiors. In the laboratory Be' 
captures electrons from its K orbit to decay with a half-life 
of 53 days to Li7 (reaction 6.2.6). In stars at temperatures 
in the vicinity of 15 x 10° "K , Ee7 is ionized most of the time. 
The half-life for K capture #ould then be giyen by 106 days 
divided by the fraction of the time that Be7 has one electron 
in its K orbit. Fairly simple expressions for this probability 
can be obtained from the equations of diasociative equilibrium, 
but complications set in when one tries to take account of 
pressure ionization effects, and no expression for this rate 
will be given here. 

In the interiors of stars on the main sequence the 
density is of the order of 10^ gm/cm3. All.except heavy atoms 
are completely ionized, but the high density. j?acks the electrons 
around the ions nearly-as closely as the K electrons in the 

. / . ja.. . ,.„ 
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neutral atoms. 'We may therefore expect that there will be a 
fairly appreciable probability for capturing these free electrons. 

The rate for free electron capture may be estimated 
fairly crudely in the following way: We will use the rate which 
has been experimentally determined for capturing K electrons, 
but we will replace the probability of finding a K electron 
inside the nucleus by the probability of finding a free electron 
inside the nucleus, and we will multiply the single K electron 
capture rate by the ratio of these probabilities. Convenient 
expressions for doing this have been given by Blatt and Weisskopf 
(1952). 

nucleus is 
The probability of finding a K electron inside the 

•.I'*V-=I(V^)V (6.3.16) 
/' 

idiere V^ is the electron wave functionr the integral is taken 
over the nuclear volrtme, m is the electron mass, and V^ is the 
volume of the nucleus. Por free electrons in the absence of 
Coulomb fields, if an electron is confined to a volume V, the 
probability of finding it inside the nuclear volume is "^/V. 
In the presence of a Coulomb field this must be multiplied by a 
Coulomb function: 

/ ' •elL *̂  " ̂  • l-J'^-i^i • (6'5-"> free 

where 

•n = 
Ze2 
hv 

and where v is the velocity of the free electron. 

We will identify the voltame V with the volxiiae occupied 
by one electron in the stellar interior. If the reasonable 
assumption is made that hydrogen contains one unit of atomic 
mass per electron and all other elements contain two units of 
mass per electron, then 

-22+ 
V = ^'pfux^) «=^' (6.3.18) 
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where p is the density in gm/cm and x^ is the concentration of 
hydrogen by weight. 

Por the small electron velocities which are involved 
here, r\ is sufficiently large that the exponential part of the 
denominator in (6.3•17) can be neglected compared to unity. The 
expression is then easily integrated ovei* the Maxwell distribution 
of velocities, and the rate of free electron capture becomes 

p^ = 1.9 X 10 e 

_g p(l+x^) 
sec~ , (6.3.19) 

6 o. where the temperature T is in the usual units of 10 K. 

The expressions for the electron wave functions which 
have been used here are nonrelativistic. The proper Dirac 
relativistic wave functions have a slightly different radial 
dependence than the nonrelativistic ones, but both the free and 
K electron wave functions are changed in essentially the same 
way. Therefore there has not been much error introduced from 
this soiirce. Nevertheless it is desirable to have a calculation 
done in which the proper Dirac wave functions for free electrons 
are introduced into the matrix element for the capture rate. 

We now consider the destruction of Ee 
nuclear reactions with hydrogen: 

f ollov/ed by 

Be'^(p,Y)B®, 

B®(p-'v)Be®(2a). 

by therrao-

(5.3.20) 

(6.3.21) 

,8 The gro\and state of B" is boimd by ll+3 kev (Dunning, Butler, and 
Bondelid 1956; T. Lauritsen, private communication). Therefore 
the discussion of direct capture processes on page 50 applies 
here, since by analogy with the level structure of Li° it appears 
that the first excited state of B° will lie nearly 1 Kev above 
the ground state, and hence we are not near a resonance. A 
calculation of the rate of the reaction (6.3.20) proceeding by 
a direct nonresonant capture process has been carried out. 

The cross section for capturing a proton into a feature
less square well is (Breit and Yost 1935): 
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2569c e V 
°L.Ltl = 3^^y, (I^*i«|/5A'drp, (6.3.22) 

where v is the photon^frequency, k and v are the electron wave 
number and velocity, PL ̂ ^ ^^^-^ solution of the radial Schroedinger 
equation for the incoming proton wave, and R is the radial wave 
function of the final state normalized so that 

/ 

00 2 2 

R r dr = 1. 

8 7 
The cround state of B is formed from that of Be' 

by adding a PV2 proton. Therefore an incoming s-wave proton can 
transform to tne desired p-»wave proton bv an electric dipole 
transition, and we take L = 0 in (6.3.22). The nucleus is 
represented by a square well. A relation between the depth of 
the potential and the radius of the well is determined by the 
requirement that the wave function of the final state and its 
logarithmic derivative must be continuous at the boundary of the 
well. V/e shall take the radius of the well to be a free para
meter. Inside the well the solutions of the radial wave equations 
are spherical Bessel fxinctionsj outside the well the solutions 
must be obtained by numerical integration. Por this purpose the 
./.K.B. approximation for the logarithmic derivative of the wave 
function of the final state given by Thomas (1952) was used. 

The integral in (6.3*22) was determined numerically 
for a proton energy of 20 kev in the center of mass system. The 
integrand changes sign near the bo\andary of the well, and the 
square of the matrix element evaluated over all configuration 
space is some 3 x lo5 times larger than that part of it lying 
inside the nucleus. This illustrates the non-resonant character 
of the situation and indicates the danger involved in using 
dispersion theory far from resonances in cases of this sort. 

As v/ilkinson (195U) has pointed out, equation 
(6.3.22) must be modified to take acco\int of \the facts: (1) we 
are only interested in those s to p transitions that lead to a 
final IP3/2 state; (2) the effective proton charge is less than 
e; (3) the real reaction carries a different statistical weigflat 
factor from (6.3.22); (k) in the real system several equivalent 
lp,/2 nucleons are involved so that cat's must be taken that 
inixial and final state wave functions are properly anti-
symmetrical; and (5) the isotopic spin of the system in (6.3*22) 
is a, whereas that of the actual system can be 0 or 1. The 
cox'rections for these facts are dependent upon the nuclear 
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couplinĝ  Bcherae which is used. Wilkinson (1952) gives exprec-
sions for use with both LS and Jj coupling. The correction 
factor so evaluated is O.156 for LS coupling and 0.125 for Jj 
coupling. In a proper intermediate couplin£ scheme there is a 
chance that the correction factor can deviate considerably 
outside these limits, but this does not usually happen. Thus a 
final correction factor of O.lUO is adopted. 

The results of the calculations, expressed in terms 
of the cross section parameter 8, are 

VVell radius 

3 X 10" ̂  cm 960 ev barns 

h X 10"-^^ 1380 

5 X 10"^^ 19i^ 

Since the result does not appear to depend critically upon the 
well radius parameter, and since a well radius of U.2 x 10"13 cm 
is a standard value, we will adopt S s 150O ev barns as the result 
of this calculation. 

Hence the proton capture rate becomes 

Pp . 1.95 X io9-W.VT^3 ^ ^^^.1 ^ ^g^^^^^^ 

In order to evaluate the Importance of these des
truction processes in the present sun, the writer has used the 
evolved solar model recently computed by R.L. Sears (private , 
communication). In this model the central density Is 180 Sf^ctar, 
the central temperature is 16.1 x 10° *X, and the hydrogen con
centration by weight has fallen to 0.U2. It must of course be 
kept in mind that this model has been computed without taking 
Into account the modifications to the proton-proton chain 
discussed here, or the carbon cycle which accounts for 30 per 
cent of the energy generation in the model. 

•X "7 

In this model the He''(a,Y)Be process completes the 
proton-proton chain within seven per cent of the radius from the 
center, at which point p = 135 em/cm3, xi • O.516, and 
T s 11̂ .9 X 10° ^ . This conclusion Is a conservative one 
because electron shielding corrections have not been applied to 
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the cross section factor S for the He-̂ (a,Y)Be process. »Vithin 
this region about 12 per cent of the energy generation by the 
p-p chain takes place. Also v/ithin this region Pp exceeds p© 
by factors varying from 2 to ij.. Thus it appears likely that the 
proton-proton chain is completed primarily by the formation of 
B*̂  at the center of the sun. 

o 
The decay of I has some particularly interesting 

properties. The beta decay transition is an allowed one which 
proceeds through the broad 3 Mev excited state of Ee°, giving a 
positron end point energy of about Ik Mev. The neutrinos emitted 
Y/ith the positrons have the same end point energy and an 
average energy of about 7 Mev. In this case 26 per cent of the 
energy in the conversion of hydrogen to heliiim is carried away 
from the sun by the B° neutrinos. Thus the rate of effective 
energy generation in the center of the sun is not given by 
equation (6.3.15), but by 

p + 0.7Up 
= ( -2 ^ ) e« . (6.3.2U) 
\ P. + P_ / 

^3 V 

\ p + p 
e P 

It should be noted that there is a faster rate of hydrogen 
depletion at the center of the sun associated with this energy 
generation rate tt.an is normally the case. 

o 
The flux of B neutrinos to be expected at the earth 

is about k X 10° neutrinos/cm^ sec. These neutrinos are very 
energetic and quite effective in inducing inverse beta reactions. 
In particular, R. Davis (private communication) estimates that 
he can detect this fl\ix of neutrinos by placing 5»000 or more 
gallons of carbon tetrachloride in a deep mine where cosmic ray 
effects are absent. The reaction induced in this case is 
Gl37(v,e~)A37. 

On page l62 we mentioned giant stars with unusually 
large abundances of lithium. Recent work suggests that strong 
lithium lines exist in a fairly large percentage of the giant 
stars. It was suggested that magnetic activity might produce 
this abundance anomaly by spallation reactions, but the present 
considerations seem to allow a more satisfactory theory to be 
lut forth which was suggested by the writer some time ago 
Gaineron 1955) • ? 

It is known that giant stars have deep outer con
vection zones, but the depth to which these zones go is 
extremely uncertain. The process of convection usually involves 

I 
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mass motions in a regular cellular pattern, but the size of the 
cells in stellar atmospheres is \inknown. Transport times within 
the cells may only be a few hours, hov/ever. Consider conveption 
zones which go dovm to temperatures ot the order of 10 x 10° ®K. 
If considerable araoxints of the hydrogen have been converted to 
helivm, then there will be a great deal of Be7 formed in such 
temperature regions. The Be' may then be transported rapidly 
to regions of lov.er temperature at which Li7 has a fairly lozig 
life against proton capture. Mixing may then introduce some 
of the Li' into other convective cells, and some of it can reach 
the svirface in what is essentially a diffusion process with a 
lon£; mean free path. A diffusion equilibrium will be set up in 
v/hich the amount of Li7 coming to the surface is equal to that 
diffusing to destruction in the interior. One may expect there 
to be a correlation between weaker hydrogen lines and stronger 
lithixom lines in these lithium stars, if these ideas are correct. 
Detailed analysis of the conditions involved may be an excellent 
tool for research in the \inderstanding of stellar atmospheric 
convection. 

It is also of interest to speculate whether the 
presence in the sun of the He3(a,Y)Ke7 reaction may be a con
tributing cause of the ice ages on the earth. Opik (1938; 1950; 
1951) has suggested that regions in the sun can be set up 
ŵ hich are metastable against convection. If a disturbance 
causes a convective mixing to occur, the addition of material 
richer in hydrogen nearer the solar center will cause a tempera
ture fluctuation in the sun which v/ill require millions of years 
to damp out. When the Ke3(a,Y)Be7 reaction sets in there is an 
increase in the rate of energy production due to more efficient 
conversion of hydrogen to helium, and it may be profitable to 
investigate whether this can cause such mete stable layers to 
be created. 

6.4 The N-^^(P.Y)0'^^ Reaction 

Lamb and Hester (1957a) have determined the cross 
section to be represented by S = 2700 t 200 ev barns. This 
confirms the lower values discussed in the text. 

6,5 The 0^°(P.Y)F^^ Reaction 

Low energy cross sections have been measured for 
this reaction at the California Institute of Technology, at 
Livermore, and at the University of British Columbia. These 
measurements are all consistent with the value S = 60OO i 2000 
ev bams. This is 60 times larger than the lower limit given 
in Table 6.1. We may thus see from Table 6.2 that the oxygen 

file:///inknown
file:///inderstanding
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in a star running on the carbon cycle will be converted into 
carbon cycle isotopes with a l/e depletion rate comparable to 
about the time required to convert 10 per cent of the original 
material frcan hydrogen to helium. This is important for stellar 
model calculations because there is about three times as much 
oxygen in stars like the sun as carbon and nitrogen combined. 

It is interesting to note that calculations of direct 
proton capture by the method outlined above have been done at 
the California Institute of Technology. The result agrees with 
the experimental value very well. 

6.6 The Nê (̂p,7)Nâ -'- Reaction 

The measurement by Lamb and Hester (1957b) gives 
S = 6 X 10^ ev barns. This is five times the value given in, 
Table 6.1 and indicates that the Ne^O can be quite extensively 
converted into Ne21 in stars with high temperatures in shell 
sources. The question of whether the Ne21 ig then destroyed 
thus beccanes most important in considerations of the possibility 
that neutrons will be produced by the Ne21(a,n)Mg24 reaction. 

7.2 Solar Model 

Some results of the computer calculation by R.L. Sears 
of evolved solar models have been given above. 

8.1 The Triple Alpha Reaction 

Salpeter (1957) has pointed out that a better way of 
calculating the rate of the Beo(0,7)012 reaction is to compute 
the equilibrium concentration of Cl2*, the second excited state 
of Ci« at 7.654 Mev, in the helium gas under conditions of 
statistical equilibrium. This holds to a good approximation 
because the alpha-particle width of the state is much larger 
than the radiation width. The results of this calculation have 
been incorporated in the text; the change is a rather small one. 
It should be pointed out that the radiation width has still been 
assumed to be O.OOI38 electron volts. It is disappointing that 
the radiative decay of this state has not yet been detected experi 
mentally. 

8.2 The Ĉ (̂a,7)0-'-̂  Reaction 

Swann and Metzger (1957) have given revised values for 
the radiation widths of the 6.91 and 7.12 Mev levels in Qlo. 
With these slight changes the reaction rate given in the text 
is obtained. 
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J.K. Perrlng (unpublished) has developed the theory of 
the alpha-particle model of Olo to determine for »rtilch states In 
this model alp'ia-partlcle emission Is allowed or forbidden. The 
7.12 Mev level should have allowed emission and we may therefore 
expect that the alpha-particle reduced width is large; perhaps 
b2 % 1« In this case the capture In the tall of the 7.12 Mev 
level may be expected to dominate the reaction rate although in 
fact the thermonuclear energy region is far enoiagh from the 
resonance that a multl-level formula will eventually have to be 
used, taking into account interference between the 7.12 and 9.58 
Mev levels. 

Since the 7.12 Mev level is only slightly bound it 
would be desirable to take into account the energy dependence of 
the Brelt-Wigner denominator in the reaction rate for the 
C-'̂ 2(a,'y)0lo reaction. When this is done we get to a good approxi
mation: 

P2 = 1.1 X 10-10-139.3/TV3 V ^ ^^^ .1 ^Q^^^^j 

8.3 The 0^^(a,7)Ne^^ Reaction 

Gove, Litherland, and Ferguson (1938) have shown that 
the 4.97 Mev level in Ne20 is formed by a radiative transition 
from a 1-f state of Ne^O, that it decays to ground less than five 
per cent of the time and that it does not have zero spin. This 
experiment limits the spin-parity assignments of the level to 
the possibilities 1±, 2±, or 3+. Spin 1 Is sonetdiat unlikely in 
view of the small number of transitions to the ground state. The 
presence of neon enhancements in some stars suggests then that 
the state is 2+ and hence reaction 8.3.1 has a thermonuclear 
resonance. 

10.2 Average Neutron Capture Cross Sections 

The theory of these cross sections can now be In^roved 
in three ways. Newton's level-spacing formula has been Improved 
(Cameron, 1938). With the consequent Improvement in the elimi
nation of level-spacing effects in total nuclear radiation widths 
it has been possible to discern mass number-dependent fine structure 
in the total radiation widths n^ich has been attributed to the 
enhanconent of the admixtures of single-particle wave functions 
In the initial and final states connected by the transitions 
(Cameron, 1937c). It has also become possible to find shell- and 
deformation-dependent properties in the s-wave neutron strength 
functl<»is (see the proceedings of the International Conference on 
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the Interaction of Neutrons with the Nucleus, Columbia University, 
September, 1957)• 

14.2 Equillbri\im Abundances of the Nuclides 

The calculations of Burbidge, Burbidge, Powler, and 
Hoyle (1957) on the iron peak equilibrium abundances, referred 
to on page 122, are reproduced in Figure 14.2.2. Ttiey have been 
compared to the new solar abundances from the University of 
Michigan. Freezing-in reactions were taken into account. The 
good agreement was obtained under the condition that the material 
was relatively proton-rich; this implies that there was not time 
for full statistical equilibrium to be reached by beta-decay 
processes. 

15.1 Light Curves of Type I Supernovas 

The light curve shown in Pig. 15.1.1 has an interesting 
history. It was first published by Mayall (l948). However, it 
appears that good modern corrections to the photographic magnitude 
scale were not established until 1952. The corrections are small 
at magnitude l6 and large at magnitude 20, being In such a direc
tion as to lower the last part of the tail of the light curve. 
Thus it appears that there is no assurance of linearity in the 
exponential decay beyond about six or seven half-lives of the 
decay. The suggested direction of departure from linearity is 
consistent with the Cf254 theory if there is a loss of efficiency 
in the conversion of fission-fragment kinetic energy into visible 
light. It also removes difficulties expected in connection wltH 
the flattening of the light curve owing to the likely presence 
of Cf252. 

16.3 Neutron Production on the Past Time Scale 

On pages 133-134 a cycle of reactions was outlined 
through which it was suggested that neutron capture on a fast 
time scale took place. This reaction cycle is shown schematically 
in Pig. 16.3.2 if for the moment we neglect the last row of the 
diagram. 

SOTie further calculations have been carried out to test 
the plausibility of this postulate. There is no doubt that the 
neutron production would take place under the postulated set of 
conditions; the principal question is vftiether heavy element 
synthesis can occur in ccxnpetition with neutron absorption by the 
N-*-3(n,p)cl3 reaction. Average capture cross sections for a 
sample of the nuclides lying on the fast capture path shown In 
Pigs. 16.4.1 and 16.4.2 have been calculated for an average 
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neutron energy of 55 kev. These cross sections lie in the vicinity 
of one mllllbam, a few higher, many considerably lower. 

The cross section for the N^3(n,p)c^3 reactl<»i can be 
Inferred from the cross section for the inverse cl3(p,n)Nl3 
reaction (Macklin and Gibbons, 1938). It is 1100 mllllbams 
at 33 kev neutron energy in the center of mass system. 

The synthesis of large quantities of heavy elements 
requires that initial iron nuclei must capt\ire 100 or more 
neutrons per nucleus. Hence the N^3 abundance in the reacting 
region wc»ild have to be considerably in' excess of 100 times the 
abundances of iron plus other medium-weight elements vAiich can be 
important. Since there is less than one in 103 branching ratio 
for neutron capture in heavy nuclei the generalized 0^2 _ NI3 - 0̂ -3 
cycle must tiim over more than 1000 times for every neutron used 
for heavy element synthesis. Hence there must be at least 103 
times as many C^2 nuclei as heavy elements and probably closer to 
at least 10" times as many. In the Suess-Urey abundance table 
there are only 104 ci2 nuclei per ir«i plus calcium nucleus if 
it is assumed that the hydrc^en and helltm are all converted to 
Cl2. Thua the suggested reaction mechanism is. inadequate to 
explain the synthesis of large amotmts of Cf234. Reaction 
mechanisms such as that shown in Fig. 16.3.1 are of course even 
more inadequate since the exothermic (n,py reacticms will also 
have cross sections coo^arable to 1000 mllllbams. Possible 
reaction cycles slmllair to that of Fig. 16.3.2 but Involving a 
nucleus like Ne20 in place of Cl2 will also prove Inadequate. 

The situation can be rescued if it is assumed that the 
lax^e amount of Cl2 reacts with the small amount of hydrogen 
before the supernova explosion takes place. Then, as we saw for 
the case of neutron capture en a slow time scale, the hydrogen 
is mostly effective in converting a small amount of Cl2 to Cl3 
with only a small amount of the C^3 being further processed to 
N->-4. vnien the explosicm starts neutrons are produced from Cl3. 
Now the only cooqpetltion with heavy el^nent synthesis is the 
N̂ (̂n,p)C-'-4 reaction. This has an s-wave neutron cr<MS8 section 
at 55 kev of cmly 1.2 mllllbazMis. The p-wave cross seotioi is 
probably not much larger. The protons released by this reaction 
initiate the rest of the cycle discussed above but since the 
amount of Ni4 is small and its cross section is small it appears 
that this more generalized set of reacticms can account for the 
synthesis of large amounts of Cf254. 

Although the suggest1 cm of pages 133-13^ cannot account 
for the synthesis of large amounts of Cf234 it may be resp(»islble 
for the conversion of many nuclei formed by neutron capture on 
the slow time scale to nuclei vAilch are products of the fast 
time scale. Only a small amount of neutr(»i capture in the heavy 
elements is required in this case, "nils possibility complicates 
the problem of the analysis of the reaction mechanisms responsible 
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for the abundances of the heavy nuclei. 

Hoyle (private communication) has suggested another 
mechanism of neutron production on a fast time scale which may 
be of importance in nucleogenesls. Prior to the collapse of a 
supernova core the primary constituent of the core is Pe5o, if 
this is suddenly converted to He^ there will be four neutrons 
left over. During the course of the explosion scans of the 
material may be ejected into cooler regions through the dynamics 
of the implosion. The neutrons can then be captured by the 
trace of material which has not disintegrated to He^ or by the 
small amount of Cl2 which forms frcan recombination of the He4. 
These possibilities have not been quantitatively explored. 

16.4 Neutron Capture on a Fast Time Scale 

The capture path followed by nuclei for the case of 
a very high neutron fltix has also been discussed by Burbidge, 
Burbidge, Fowler, and Hoyle (1957) and it is interesting to note 
that the c<»iclusions reached by these authors are essentially 
the same as those obtained in this report. However, there are 
scfflie differences in their conclusions and it Is Instructive to 
discuss these differences. 

Ghiorso (1956) has prepared a plot of spontaneous 
fission half-life against neutron number of the nucleus in vrtilch 
he notes that there is a decrease in the half-lives of the even 
Isotopes of any element when the neutron number exceeds 152. 
Burbidge et al. make long extrapolations of these trends to 
obtain a spontaneous fission half-life of about 10~3 seconds for 
mass number 260, essentially independent of charge number. The 
writer does not believe that these extrapolations are valid. 
Since nuclear flsslonabillty generally increases as Z2/A 
Increases, he believes that the spontaneous fission half-lives of 
the even-even Isotopes of a given element will reach a minimum 
value at a few neutrons above 152 and that the half-lives will 
then increase as further neutrons are added. He believes that 
the neutron capture path lies in a region of sufficiently small 
ZVA that fission will not occur until the capture path approaches 
the line of beta stability at the hypothetical closed shell of 
l84 neutrons. 

These different interpretations affect the interpretation 
of the small peak in the abundance distribution near mass nximber 
164. Since the odd-even effect vanishes at this hump its forma
tion must be attributed to neutron capture on a fast time scale. 
In this report the feature has been attributed to a fission 
product peak formed frcan decay of the heavy nuclei in the abundance 
peak near A = 28? following termination of neutron capture. This 
interpretation is not available to Burbidge et al. because only 
nuclei in the mass number range 254 to 260 will fission after 
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the neutrons are cut off and the abundances of these nuclei are 
low. Instead,Burbidge et al. attribute the hump to the "stabi
lization" of the nucleus in the region where it changes fron 
spherical to deformed as the rare earth region Is entered. By 
this it is meant that neutron binding energies are larger than 
usual but no explanation is given of how such stabilization will 
increase the equilibrium abundances of the nuclei on the fast 
capture path. In fact, the writer would expect precisely the 
opposite effect. The increased neutron binding energy should 
bring the nuclei farther from the valley of beta stability at 
the photo-disintegration limit. Their beta-decay energies are 
then larger; their beta-decay half-lives are shorter and their 
equilibrixim abundances should be less than those of their 
neighbours. In order to get an abundance peak the capture path 
should approach the valley of beta stability and it may be seen 
from Pig. 16.4.1 that this does not occur in the region of A = l64. 

This same point has a bearing on the expected abun
dances of uranium and thorium in nature. Burbidge et al. have 
argued that "stabilization" effects beyond the closed shell of 
125 neutrons will produce a similar abundance peak in the region 
of thorium, uranium, and the nuclei of slightly larger mass 
number which decay to thorium and xiranium Isotopes. The writer 
would not expect a peak of this sort to be formed. 

The writer also differs with Burbidge et al. in 
estimating the half-lives for beta decay for nuclei on the fast 
capture path. Burbidge et al. Idealize the problem by assuming 
a large transition probability for the beta decay to occur to 
one of the excited states of the daughter nucleus. In fact 
beta decay can occur to all the excited states of the daughter 
nucleus which are energetically accessible and which have 
acceptlble values of spin and parity. The transition matrix 
elements are likely to be much less, on the average, than that 
assumed by Burbidge et al. but when one sums over all possible 
transitions the half-lives come out considerably shorter 
particularly in the region of lighter nuclei. In this way the 
writer feels that neutron capture on a fast time scale will 
synthesize heavy nuclei much faster than thouglt by Burbidge et al. 

16.5 Half-Life of Californium 254 

We have seen above that the end portion of Baade's 
light cuirve for the supernova in IC 4l82 must be considered to 
be very doubtful. Therefore the half-life of the exponential 
tall Is 55 days but with probably a larger error than the ±1 day 
assigned by Baade. 
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There have now been two determinations of the half-
life of Cf254 in the laboratory. Using debris frcan the November, 
1952, thermonuclear test, Hulzenga and Diamond (1957) have found 
the Cf254 half-life to be 56.2 ± 0.7 days. Using Cf254 made in 
a reactor Thompson and Ghiorso (S.Q. Thcanpson, private communi
cation) find the half-life to be 6I days with a similarly small 
error. These two determinations are thus in disagreement. 
Dr. Thcanpson suggests that the sample frcan the thermonuclear 
test may have contained some Cf25o, if the Ghiorso diagram of 
spontaneous fission half-lives is already turning up at Cf25o 
this contaminant might alter the half-life measured by Hiolzenga 
and Diamond. Of course, we should realize then that the super
nova may also be expected to produce Cf25o vAilch may account for 
its light curve half-life being close to the measurement of 
Hulzenga and Diamond. Burbidge et al. have suggested that the 
half-life may be altered by the decay of Pe59 with a half-life 
of 45 days. Large amounts of Fe59 may be prcxiuced in regions 
where light positron emitters absorb most of the neutrons which 
have been produced. 

We must also consider the possibility, first suggested 
by Borst (1950), that the decay curve is associated with the 53 
day half-life of Be'. We have seen that considerable amounts of 
BeT can be formed at higher temperatures by the He3(a,Y)Be7 
reaction. However, in order to accoiint for the energy in the 
exponential tall in the visible light region an amount of Be7 
ccanparable to a solar mass would have to be formed. The hypothesis 
is therefore unacceptable. 

18.3 Deuterium in a Solar Flare 

L. Goldberg (to be published) has measured the profile 
of the Ha line emitted by a solar flare and has foxind an asym
metrical hump in it which can be explained if 10 per cent of the 
hydrogen in the flare region is deuterium. This appears to 
Indicate that nuclear activity can be very large in sunspot 
regions. 

18.8 T Tauri Stars 

Hunger and Kron (1957) have observed the amission of 
polarized light frcan the T Tauri star NX Monocerotis. This is 
a member of the class of stars which gives periodic flares and 
which appears to be still In the gravitational contraction phase 
of its formation from the Inter-stellar medium. The polarized 
light is characteristic of synchrotron radiation fr<»tt electrons 
moving in strong magnetic fields. It seems not improbable that 
this star is still in the process of ridding Itself of its 
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Initial strong magnetic field and that many nuclear reactions 
can take place on the stellar surface during this process. 

Presumably every star may go through a similar stage 
during its initial contraction phase. If so, then the formation 
of the cosmic abundances of D, Li, Be, and B would be very much 
easier to explain as the result of surface magnetic activity. 
It is also conceivable that the solar system abundances of these 
elements could be higher than in the inter-stellar medium, if 
they were formed by the sun in the gases from v^lch the planets 
were later formed. 

The writer is indebted to the following people for 
discussions and correspondence in connection with material 
discussed in these supplementary notes: W.T. Sharp, G.E. Lee-
Whiting, E. Vogt, A.J. Ferguson, H.E. Gove, A.E. Litherland, 
W.A. Fowler, H.D. Holmgren, R. Davis, R.L. Sears, J.L. Greenstein, 
R.A. Ferrell, R.L. Macklin, S.G. Iliompson, W.P. Bidelman, and 
G.B. Herblg. 
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